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ABSTRACT
David Vincent Stark: Drivers of Galaxy Fueling
(Under the direction of Sheila Kannappan)
In an effort to clarify the connection between the evolution of galaxies and their surroundings, this work
investigates how environment influences the fueling of galaxies. We explore when and where environmental
mechanisms play a major role in both the conversion of gas into stars and the replenishment of galaxy gas
reservoirs over time, as well as the loss of gas due to heating or stripping.
We identify multiple connected evolutionary sequences in a fueling diagram that relates global molecular-
to-atomic gas ratios and mass-corrected blue-centeredness, a metric tracing the degree to which galaxies have
bluer centers than the average galaxy at their stellar mass. Most spiral galaxies follow a positive correlation
between global molecular-to-atomic gas ratios and mass-corrected blue-centeredness, suggesting that minor
mergers and interactions between galaxies play a systematic role in driving gas inflows that replenish star
forming molecular gas. We also identify a population of blue-sequence E/S0 galaxies (with masses below
key scales associated with transitions in gas richness) that occupy a distinct regime of the fueling diagram.
These galaxies appear to be the result of gas-rich major mergers, and show signs of rebuilding their gas disks
through fresh gas accretion as they emerge from their recent central starburst.
We next investigate the potential for star formation in the Smith Cloud, a “high-velocity cloud” currently
interacting with the Milky Way. This study explores whether low density clouds of gas that serve to refuel
the gas reservoirs of galaxies like the Milky Way can themselves be sites of star formation prior to accretion
(possibly driven by tidal interactions with their larger host). Finding star formation might also suggest that
the Smith Cloud, and potentially other high-velocity clouds, are really dwarf galaxies. We do not identify
a statistically significant number of candidate young stars in projection with the cloud. However, we note
several striking similarities between the Smith Cloud and the recently discovered galaxy, Leo P, a high
velocity cloud with a confirmed stellar population. The young stars in Leo P would not yield a statistically
significant detection if Leo P were placed at the Smith Cloud’s distance and projected location near the
Milky Way, leaving open the possibility that the Smith Cloud may yet prove to be a dwarf galaxy.
We conclude by analyzing how how different environmental scales influence the global atomic gas fractions
and spectral profiles of galaxies, employing the new ∼90% complete RESOLVE atomic gas census and a
variety of metrics designed to characterize the local and large-scale environments of galaxies. We show that
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satellites below M∗ = 10
10M⊙ experience gas depletion in moderate-mass (∼ 1012M⊙) group dark matter
halos, well below the scale of massive galaxy groups and clusters. We also identify a significant population of
gas-depleted centrals in low mass (< 1011.4M⊙) dark matter halos that cluster around more massive groups.
This population is consistent with being the result of flyby interactions, where galaxies fly into a more
massive group dark matter halo, have their gas stripped, then fly back out. At fixed group halo mass, we
identify systematically higher gas-to-stellar mass ratios in satellites within filaments compared to satellites
within walls. The observed differences are too large to be explained by different stellar mass distributions,
and are consistent with walls being in a more evolved state compared to present-day filaments. Lastly, we
find no robust results linking H I profile asymmetries to gas accretion or tidal interactions, but we argue that
revisiting this analysis will be worthwhile, as our existing data are affected by two competing biases that
can be eliminated or quantified in future work.
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PREFACE
When astronomers first began to understand that the “spiral nebulae” observed through their telescopes
were actually other galaxies like the Milky Way, they thought of these objects as “island universes.” Since
then, astronomers have developed a picture of the cosmos where it is difficult to consider most galaxies as
truly isolated. As galaxies move through space, they often interact with one another, sometimes experiencing
collisions that fundamentally transform their observable properties. Galaxies are not distributed randomly,
but are organized into vast filaments, walls, and clusters, collectively known as the cosmic web, and these
massive structures grow in tandem with the galaxies that reside within them. And the spaces between
galaxies are not entirely empty, but are filled with diffuse gas that flows through the cosmic web, potentially
falling into galaxies to replenish the raw material needed to form stars.
Much of galaxy evolution depends on the physics governing how galaxies acquire their gas over time and
then transform it into new stars, or alternatively, how galaxies have their gas removed. The goal of this
thesis is to understand how these processes are linked to the surrounding environment, from the role of local
galaxy interactions, all the way up to the influence of a galaxy’s location within the large-scale cosmic web.
The first project of this thesis presented in chapter 2 has been published in The Astrophysical Journal
(volume 769, p. 82) under the title “The Fueling Diagram: Linking Galaxy Molecular-to-Atomic Gas Ratios
to Interactions and Accretion”. My co-authors on this work are Sheila Kannappan, Lisa Wei, Andrew
Baker, Adam Leroy, Kathleen Eckert, and Stuart Vogel. The second project presented in chapter 3 has
been published in Monthly Notices of the Royal Astronomical Society under the title “A Search for Star
Formation in the Smith Cloud”. My co-authors on this work are Ashley Baker and Sheila Kannappan. The
final chapter of my thesis is in a late stage of development and being prepared for publication. My coauthors
on this work are Sheila Kannappan, Kathleen Eckert, Jonathan Florez, Kirsten Hall, Linda Watson, Erik
Hoversten, Joseph Burchett, David Guynn, Mark Norris, Ashley Baker, Amanda Moffett, Martha Haynes,
Riccardo Giovanelli, Adam Leroy, D. J. Pisano, Lisa Wei, Andreas Berlind, and Roberto Gonzalez.
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CHAPTER 1: Introduction
The study of galaxy evolution is largely focused on understanding the behavior of gas. Most of the normal
(baryonic) matter in the universe resides in a gaseous phase that is the raw material for the formation of
stars and planets. Galaxies also reside in diverse environments, making them subject to a variety of physical
processes, such as galaxy interactions and gas accretion, that can influence their gas reservoirs and potential
for future star formation. Although astronomers have made great strides in understanding the interplay
between galaxies and their environments, there are still many unanswered questions. Thankfully, the quality
and quantity of data continues to grow, providing us with the ability to study diverse and representative
samples of the galaxy population, while also allowing us to quantify and understand galaxy environments
more reliably than has been possible in the past.
Two fundamental components needed to build a complete picture of galaxy evolution are an understanding
of (a) what drives the conversion of gas into stars, and (b) how gaseous fuel is replenished over time. The
goal of this thesis is to understand when and where a galaxy’s environment plays a fundamental role in these
fueling processes, thus helping to clarify the connection between the growth of individual galaxies and the
large-scale universe. In the following sections, we provide an overview of the background concepts and open
questions relevant to this work, followed by a brief summary of results.
1.1 The Relationship Between Gas and Star Formation
Understanding the physics of star formation is a very active field in modern astronomy. The key concept
relevant to this work is that star formation occurs in dense gas. Schmidt (1959) first proposed that the
star formation rate surface density in galaxies, ΣSFR, and the gas surface density, Σgas, are related to each
other by ΣSFR = AΣ
N
gas, where A and N are constants. Kennicutt (1998) showed observationally that a
strong relationship between these quantities averaged over entire galaxies does indeed exist (with N = 1.4)
over many orders of magnitude. Since then, multiwavelength studies of nearby galaxies have resolved this
relationship on sub-kpc scales, showing that star formation surface density has a ∼1:1 relationship with the
surface density of dense molecular hydrogen (H2), but a relatively weak relationship with less dense atomic
hydrogen (H I), enforcing the understanding that star formation generally proceeds within dense molecular
clouds (Bigiel et al. 2008; Leroy et al. 2008; Schruba et al. 2011). Thus, star formation is linked to a galaxy’s
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ability to convert H I into H2.
Several studies have argued that H2/H I ratios can be completely explained by internal properties of
galaxies, like surface mass density and internal velocity (Wong & Blitz 2002; Blitz & Rosolowsky 2004;
Leroy et al. 2008). However, external factors like galaxy interactions can also play a major role in the
transformation of H I into H2. For example, interactions can cause the formation of molecular clouds by
compressing gas, or by driving diffuse gas from extended gas disks into the centers of galaxies where it can
reach higher densities (Kenney & Young 1989; Braine & Combes 1993; Lisenfeld et al. 2011). These scenarios
still fit with the basic tenet that stars form in dense gas, but external factors play a key role in getting the
gas into such a state. Given the frequency of interactions within the galaxy population (Hopkins et al. 2010;
Sinha & Holley-Bockelmann 2012), external influences may play a fundamental role in the growth of dense
gas clouds that host star formation within galaxies .
1.2 The Environments of Galaxies
Astronomers were quick to note that the properties of galaxies depend on their proximity to other galaxies
(e.g., Hubble & Humason 1931) suggesting that environment plays an important role in galaxy evolution.
However, today the term “environment” can mean many different things. While it can refer to whether a
galaxy has a nearby companion, it may refer to whether a galaxy resides in a group, and furthermore, how
many galaxies reside in its group, which can range from one (a system with no companions) up to thousands
(a large galaxy cluster). “Environment” can also refer to size scales larger than any single group or cluster.
Large redshift surveys that map the 3-D positions of galaxies show that galaxies and groups are distributed
in a complex network of filaments, walls, and nodes with vast empty voids in between, collectively known as
the cosmic web.
We now know that the large-scale structures that make up the cosmic web are primarily formed through
the gravitational attraction of invisible dark matter that is far more abundant than the baryonic matter we
can observe directly. Galaxies and galaxy groups trace the large-scale distribution of dark matter in the
cosmic web, and groups themselves represent more local dark matter overdensities, or “halos”.
1.3 Gas Processes Associated with Environment
There are a number of processes associated with different environments that can influence galaxy gas
content. These different mechanisms play different roles; some supply gas to galaxies, while other serve to
deplete or remove it.
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1.3.1 Mechanisms That Supply Gas to Galaxies
A basic way that galaxies grow is through hierarchical merging, where galaxies increase in size through a
series of mergers (Lacey & Cole 1993). From the point of view of gas reservoirs, a galaxy can replenish its gas
by colliding with another galaxy and merging that galaxy’s gas reservoir in with its own. Furthermore, such
interactions can promote the conversion of diffuse gas into a dense, star forming phase (Kenney & Young
1989; Braine & Combes 1993; Lisenfeld et al. 2011).
A more subtle but equally important mechanism that fuels galaxies is “cosmological accretion”. In
traditional models of galaxy formation, gas falls into a potential well created by a dark matter halo, where
the gas shock-heats to the virial temperature of the halo (proportional to the halo mass), and eventually fills
the halo with a hot gaseous atmosphere. The denser gas at smaller radii then radiates, cools, and condenses
into a disk (Rees & Ostriker 1977; Silk 1977; White & Rees 1978). Throughout the lifetime of the universe,
the process is expected to continue, with new gas continuing to accrete into halos.
In the last decade, numerical simulations have modified these ideas, showing that gas flows into halos
along the large-scale filaments of the cosmic web, and at low enough halo mass, infalling gas can enter
halos without shock heating to the virial temperature (Birnboim & Dekel 2003; Keresˇ et al. 2005; Dekel
& Birnboim 2006; Keresˇ et al. 2009). In this “cold-mode” of accretion, gas penetrates into halos in “cool”
(T ∼ 104−5K) streams that can supply the central galaxy with gas for star formation more rapidly than gas
accreted following the traditional “hot” mode. In the present-day universe, cold-mode accretion is predicted
be the dominant growth mechanism for many low-mass (“dwarf”) galaxies in dark matter halos with masses
below ∼ 1011.4M⊙. Recently, this updated picture has been called into question by newer simulations which
show a smaller fraction of gas accreted in the cold mode, although these same simulations show a higher
rate of hot-mode accretion, preserving the effect of rapid gas accretion rates in low mass halos (Nelson et al.
2013).
There is extensive indirect evidence for cosmological gas accretion based on studies of stellar populations,
star formation histories, and gas fractions in the present-day galaxy population (e.g., Twarog 1980, Chiappini
et al. 2001, Kannappan et al. 2013). The gas associated with cold-mode accretion is expected to reside in
a low-density warm-hot phase, making direct detection challenging. However, there have been multiple
successful detections of gas through Lyman-α or ionized metal line emission and absorption with properties
consistent with cool streams predicted in numerical simulations (Nilsson et al. 2006; Ribaudo et al. 2011;
Kacprzak et al. 2012; Bouche´ et al. 2013; Burchett et al. 2013; Crighton et al. 2013; Martin et al. 2014).
In the local universe, there are many anecdotal cases of galaxies with irregular gas distributions potentially
attributable to cold-mode accretion (Sancisi et al. 2008; Pisano 2014; de Blok et al. 2014), but these are
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difficult to distinguish from signatures of galaxy interactions on a case-by-case basis. Given that cold
accretion is expected to be predominantly found in low-mass halos residing in large-scale walls and filaments,
a thorough statistical analysis using robust metrics of gas content and environment may present an ideal
path to test its existence.
1.3.2 Mechanisms That Deplete Gas in Galaxies
Although mergers serve as a potential way to fuel galaxies, they can also lead to starbursts which help
consume their gas (Larson & Tinsley 1978). Gas can be ripped off a galaxy through tidal stripping during
galaxy interactions. Viscous stripping can then occur later as galaxies pass through this previously stripped
material (Nulsen 1982). Lastly, as galaxies move through a group or cluster, they feel a “wind” as they
interact with the group’s hot gaseous medium that permeates through the halo. This wind can remove some
or all of the cold gas disk in a process known as ram-pressure stripping (Gunn & Gott 1972).
Rather than being directly removed, cold gas can be slowly depleted if a galaxy is unable to accrete
new gas from its environment. In this scenario, a group residing in its own dark matter halo filled with its
own hot halo gas atmosphere falls into a larger dark matter halo. Although the hot gas in the larger group
may not be able to remove the smaller galaxy’s cold gas reservoir through ram-pressure stripping, it may be
able to strip the smaller galaxy’s hot gaseous atmosphere. In such a scenario, the smaller galaxy can still
form stars, but cannot replenish its cold gas as fast at it did before because it has lost its original halo gas
that would have otherwise cooled onto the disk, and the halo gas of the larger group into which it fell will
typically be hotter with a longer cooling time. The inability of a galaxy to effectively replenish its cold gas
reservoir causes it to slowly deplete its remaining gas content in a process referred to as “strangulation” or
“starvation” (Kawata & Mulchaey 2008).
Astronomers are still working to understand the importance of all these processes in different environ-
ments. Many of these mechanisms have been studied within massive clusters, but their role within smaller
groups like the Milky Way is still being explored (Rasmussen et al. 2008; Cluver et al. 2013; Wheeler et al.
2014; Wetzel et al. 2015; Fillingham et al. 2015). Furthermore, some of the described mechanisms may not
be restricted to environments within the nominal radius of dark matter halos (e.g., Bahe´ et al. 2013, Wetzel
et al. 2014).
1.4 Summary of Results
The background concepts summarized above outline our current knowledge of how galaxy gas reservoirs
and star formation are linked to environment, but there remain several open questions relating to: (i) the
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role of interactions in driving the conversion of gas reservoirs into a dense gas phase capable of forming stars,
(ii) the relationship between gas and halo mass, whether cold accretion exists in low mass halos, and the
extent to which low mass groups experience mechanisms that deplete gas content, and (iii) whether gas is
influenced by the environment beyond dark matter halos, such as the large-scale structure in which halos
reside.
In chapter 2, we analyze the relationship of centrally concentrated star formation enhancements (likely
reflecting galaxy interactions) with the global gas reservoirs of galaxies. We find that galaxies occupy
several loci in what we refer to as “the fueling diagram” which relates H2/HI ratios to mass-corrected
blue centeredness, a metric tracing the degree to which galaxies have bluer than average centers (relative
to the outer disk color) at their stellar mass. Spiral galaxies follow a positive correlation between mass-
corrected blue centeredness and molecular-to-atomic gas ratios, which when combined with a previously
identified link between blue-centered galaxies and recent interactions, suggests that local galaxy interactions
are systematically linked to inflows and molecular gas replenishment. Meanwhile, a distinct population of
blue-sequence early-type galaxies form their own separate loci in the fueling diagram. These galaxies appear
to primarily be low mass, gas-rich merger remnants in late- or post-starburst states. We find strong evidence
that they are regrowing their gas and stellar disks through fresh gas accretion as they emerge from their
starburst episodes.
In chapter 3, we explore the potential for star formation in the high velocity cloud commonly known as
the Smith Cloud. This study sheds light on whether relatively low density clouds of gas that serve to refuel
galaxies like the Milky Way can themselves host star formation prior to being accreted. The discovery of
star formation would also support the idea that the Smith Cloud (and potentially some other high velocity
clouds) are really dwarf galaxies. Using new ultraviolet and infrared imaging, we identify candidate young
stars at the position of the Smith Cloud. We find an overdensity of these stars in projection with the cloud,
but not at a statistically significant level. However, we note several interesting similarities between the Smith
Cloud and the newly discovered galaxy, Leo P. Notably, Leo P’s confirmed stellar population would not have
been detectable with our methods if it were at the position of the Smith Cloud, so we cannot rule out the
possibility that the Smith Cloud is a dwarf galaxy that has undergone star formation.
Chapter 4 presents the H I census for the RESOLVE survey, a statistically representative census of galaxies
within a closed volume of the local universe complete down to dwarf galaxy masses. This nearly complete H I
inventory is combined with metrics that quantify galaxy environments from small scales (nearest neighbor
proximity, group halo mass) up to very large scales (the mass density and geometry of the surrounding cosmic
web). We find evidence for lower than expected gas fractions for satellites in moderate-mass dark matter
halos (∼ 1012M⊙), suggesting that processes that deplete gas reservoirs are active well below the scale of
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massive groups and clusters. We also see evidence that the effects of gas stripping are not limited to satellites
within dark matter halos, as suggested by the existence of gas-depleted, low halo-mass (< 1011.4M⊙), often
singleton galaxies (i.e., galaxies alone in their dark matter halos), which tend to cluster around more massive
groups. These gas-depleted systems are consistent with being the product of flyby interactions where the
larger dark matter halo strips the gas from the smaller halo. We also show that at fixed halo mass, satellites
residing in large-scale filaments are ∼10 times more gas rich than satellites in large-scale walls. This trend
is consistent with walls being in a more evolved state than present-day filaments. We conclude by analyzing
the environmental dependence of H I profile asymmetries in an attempt to constrain their primary physical
driver. We find no dependence between H I profile asymmetry and group halo mass, large-scale density, or
large-scale geometry. However, our ability to interpret these results is limited by two sources of bias in our
H I profile asymmetry measurements that can lead to over- or under-estimation of asymmetries. It will be
worthwhile to revisit this analysis once these biases can be removed or quantified.
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CHAPTER 2: The Fueling Diagram: Linking Galaxy Molecular-to-Atomic Gas Ratios to
Interactions and Accretion
To assess how external factors such as local interactions and fresh gas accretion influence the global ISM
of galaxies, we analyze the relationship between recent enhancements of central star formation and total
molecular-to-atomic (H2/H I) gas ratios, using a broad sample of field galaxies spanning early-to-late type
morphologies, stellar masses of 107.2 − 1011.2M⊙, and diverse stages of evolution. We find that galaxies
occupy several loci in a “fueling diagram” that plots H2/H I ratio vs. mass-corrected blue-centeredness, a
metric tracing the degree to which galaxies have bluer centers than the average galaxy at their stellar mass.
Spiral galaxies of all stellar masses show a positive correlation between H2/H I ratio and mass-corrected blue-
centeredness. When combined with previous results linking mass-corrected blue-centeredness to external
perturbations, this correlation suggests a systematic link between local galaxy interactions and molecular
gas inflow/replenishment. Intriguingly, E/S0 galaxies show a more complex picture: some follow the same
correlation, some are quenched, and a distinct population of blue-sequence E/S0 galaxies (with masses below
key scales associated with transitions in gas richness) defines a separate loop in the fueling diagram. This
population appears to be composed of low-mass merger remnants currently in late- or post-starburst states,
in which the burst first consumes the H2 while the galaxy center keeps getting bluer, then exhausts the
H2, at which point the burst population reddens as it ages. Multiple lines of evidence suggest connected
evolutionary sequences in the fueling diagram. In particular, tracking total gas-to-stellar mass ratios within
the fueling diagram provides evidence of fresh gas accretion onto low-mass E/S0s emerging from their central
starburst episodes. Drawing on a comprehensive literature search, we suggest that virtually all galaxies follow
the same evolutionary patterns found in our broad sample.
2.1 Introduction
It has been well documented that stars form in molecular gas (e.g., Bigiel et al. 2008). Therefore,
understanding what drives the conversion of hydrogen between its atomic and molecular forms is key to
understanding how galaxies evolve. The molecular-to-atomic gas mass ratio (H2/H I) varies widely between
galaxies, and several studies have aimed to determine what properties of galaxies – or their environments –
play the largest role in the evolution of H2/H I.
Work from the last few decades has revealed correlations between global H2/H I and such properties as
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luminosity (or stellar mass), total gas mass, morphology, and specific star formation rate (Kenney & Young
1989; Thronson et al. 1989; Young & Knezek 1989; Braine & Combes 1993; Casoli et al. 1998; Boselli et al.
2002; Obreschkow & Rawlings 2009). Unfortunately, these studies have been largely focused on only certain
types of galaxies (e.g., massive spirals) and/or star-forming/FIR-bright galaxies in the nearby universe, which
are not representative of the galaxy population as a whole. More recently, the CO Legacy Database for the
GALEX Arecibo SDSS Survey (COLD GASS) has measured CO emission for a randomly selected sample
of ∼300 galaxies with stellar masses M∗ > 1010M⊙. COLD GASS finds correlations between H2/H I and
structural properties like stellar mass, global stellar mass surface density, r-band light concentration index,
and NUV − r color, while also finding that there are thresholds in galaxy concentration index and global
stellar surface mass density above which detections of molecular gas begin to disappear (Saintonge et al.
2011; Kauffmann et al. 2012). While the survey’s selection improves upon past work by focusing on more
“normal” galaxies, a caveat is that it only includes massive galaxies. Moreover, multiple physical mechanisms
may underlie the observed correlations.
The question remains as to what balance of internal and external processes regulates H2/H I in galaxies.
A number of authors have aimed to explain H2/H I completely in terms of local physics within galaxies, set
by their structure and dynamics. Detailed studies of atomic and molecular gas in nearby galaxies on kpc
scales (Regan et al. 2001; Kuno et al. 2007; Walter et al. 2008; Leroy et al. 2009) have shown that H2/H I
is correlated with local internal variables such as galactocentric radius, stellar and gas surface mass density,
radially varying velocity dispersion and rotation velocity, or combinations of these (Wong & Blitz 2002;
Blitz & Rosolowsky 2004; Leroy et al. 2008; Lucero & Young 2009; Schruba et al. 2011). Dwarf galaxies
often show deviations from these relations, although such deviations are commonly assumed to reflect the
metallicity dependence of the CO-to-H2 conversion factor, XCO (Wilson 1995; Arimoto et al. 1996; Bolatto
et al. 2008; Obreschkow & Rawlings 2009; Wolfire et al. 2010; Glover & Mac Low 2011; Leroy et al. 2011).
Correlations of H2/H I with internal properties can be used to support models where the molecular fraction
of gas is governed by the equilibrium between molecule formation on dust grains and destruction by the
FUV background (Elmegreen 1993; Blitz & Rosolowsky 2006; Krumholz et al. 2009). Alternative theories
argue that molecular cloud formation is a very non-equilibrium process, spurred by gravitational instabilities,
converging gas flows, and/or cloud-cloud collisions (Tan 2000; Mac Low & Klessen 2004; Heitsch & Hartmann
2008; Pelupessy & Papadopoulos 2009), and that newly formed molecular clouds fail to reach equilibrium
with their environments before they are destroyed by star formation (Mac Low & Glover 2012). In this
picture, molecular cloud formation may be highly dependent on drivers that disrupt gas equilibrium.
Consideration of global dynamical states suggests that external factors lead to increases in H2. At the
very least, external perturbations and/or bars can transport gas to the central regions of galaxies where it
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can exist at higher densities that promote the conversion of H I to H2 and then stars. Barred galaxies, which
may be linked to interactions (Gerin et al. 1990; Miwa & Noguchi 1998), display central gas concentrations
indicative of inflows (Sakamoto et al. 1999; Sheth et al. 2005). Interacting systems display deviations from
typical H2/H I and star formation rate relations, with higher average H2/H I than non-interacting galaxies
(Kenney & Young 1989; Braine & Combes 1993; Lisenfeld et al. 2011) and higher star formation rate density
than predicted using the Kennicutt-Schmidt relation defined by normal spirals (Kennicutt 1998; Bigiel et al.
2008). Moreover, Blitz & Rosolowsky (2006) find higher H2/H I ratios at a given mid-plane pressure for
interacting systems compared to non-interacting systems. Post-starburst galaxies similarly show excess star
formation given their gas content, likely due to H2 heating and depletion by the starburst (Leroy et al. 2006;
Robertson & Kravtsov 2008; Wei et al. 2010b). Papadopoulos & Pelupessy (2010) recreate such deviations
in simulations, linking them to quickly evolving systems, particularly those that are gas rich and have
experienced recent minor mergers or fresh gas infall. It should also be noted that XCO may be lower for
centrally concentrated molecular gas, possibly making the increase in molecular gas due to an interaction
appear even higher (Downes et al. 1993; Garcia-Burillo et al. 1993; Regan 2000).
The correlation of galaxy interactions with molecular gas enhancement (and/or higher CO luminosity
per unit molecular gas mass) is an established result, but an open question remains whether interaction-
induced enhancements are occasional serendipitous events or the dominant driver of observed H2/H I ratios
in galaxies. Kannappan et al. (2004) argue that galaxy interactions account for the majority of recent
central star formation enhancements that produce blue central color excesses, based on the correlation of
blue-centered galaxies and signs of minor mergers/encounters, a result that is confirmed by Gonzalez-Perez
et al. (2011). This correlation implies that blue-centered galaxies experience gas inflows to feed these star-
forming events, a scenario additionally supported by such galaxies’ transient decreased central metallicities
(Kewley et al. 2006, 2010; Rupke et al. 2010). Kannappan et al. (2004) find that roughly 10% of star-
forming galaxies show blue-centered color gradients, and most have likely experienced a blue-centered phase
at least once in their lifetimes; this percentage increases with decreasing luminosity. Additionally, when the
systematic trend towards central reddening at higher luminosity is subtracted (yielding luminosity-corrected
blue-centeredness), the number of galaxies identified as having enhanced central blueness at fixed luminosity
increases, and the correlation with interactions is stronger. These results are interesting when combined
with recent analyses of the rates of minor mergers and flyby encounters, which suggest that intermediate-
to-high mass galaxies experience such frequent interactions that they can rarely be considered truly isolated
(Maller et al. 2006; Fakhouri & Ma 2008; Jogee et al. 2009; Hopkins et al. 2010; Lotz et al. 2011; Sinha
& Holley-Bockelmann 2012). Therefore, interaction-induced inflows may play a key role in molecular gas
replenishment for much of the galaxy population.
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To explore this idea, this chapter examines the relationship between global H2/H I and recent central star
formation enhancements parametrized by mass-corrected blue-centeredness (precisely defined in §2.2.3) for
a representative sample of galaxies spanning a wide variety of stellar masses, morphologies, and evolutionary
states. We find a striking relationship between mass-corrected blue-centeredness and H2/H I for nearly all
spiral galaxies and a fraction of E/S0 galaxies, implying a systematic link between external perturbations
and global H2/H I ratios. Intriguingly, our data also reveal that low-mass blue sequence E/S0 galaxies –
i.e., E/S0 galaxies that fall on the blue-sequence in color versus stellar mass space with spirals (Kannappan
et al. 2009) – define an evolutionary track offset from the main relation toward stronger blue-centered color
gradients at a given H2/H I, and trends in these galaxies’ total gas-to-stellar mass ratios along this track
suggest the likelihood of fresh gas accretion during a late- to post-starburst phase. Thus we find that several
evolutionary tracks can be summarized within a “fueling diagram” that links the immediate fuel available
for star formation, the total gas, and a metric tracing the recent interactions that drive the fueling.
2.2 Data and Methods
This section describes our initial sample drawn from the Nearby Field Galaxy Survey and designed to be
representative of intermediate mass E-Sbc galaxies, followed by the larger literature sample we use to expand
our data set and confirm our results. We also describe our new CO(1-0) and CO(2-1) observations and our
methods for extracting the useful quantities of gas mass, stellar mass, blue-centeredness, and mass-corrected
blue-centeredness. Finally, we discuss the cuts applied to our sample to ensure robust results.
All distances are calculated using heliocentric velocity corrected to the Local Group frame of reference
following the method of Jansen et al. (2000b) and assuming H0 = 70 km s
−1Mpc−1, except in cases where a
more direct distance indicator was available in NED.
2.2.1 Samples
The Nearby Field Galaxy Survey
Our primary sample comes from the Nearby Field Galaxy Survey (Jansen et al. 2000a,b; see also
Jansen & Kannappan 2001), a set of ∼200 galaxies selected to span a broad range of B-band luminosities
and morphologies. The data products of the original survey include UBR surface photometry and optical
spectroscopy (Jansen et al. 2000a,b; Kannappan & Fabricant 2001; Kannappan et al. 2002, 2009). The
sample also includes extensive supporting data relevant to this study. Roughly 90% of galaxies have Sloan
Digital Sky Survey (SDSS) DR8 optical imaging (Aihara et al. 2011). All have near infrared (NIR) data
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from the 2 Micron All Sky Survey (2MASS; Skrutskie et al. 2006) while 55% have deeper Spitzer Infrared
Array Camera (IRAC; Fazio et al. 2004) imaging, mainly from Sheth et al. (2010), Moffett et al. (2012)
and Kannappan et al. (2013, hereafter K13). In addition, all galaxies have single dish 21cm data (Wei et al.
2010a, K13).
For this study, we analyze the 35 out of 39 NFGS galaxies with CO data that pass the useability cuts
applied to our final sample (see §2.2.3). This subset of the NFGS has a stellar mass range of 108.8−1010.5M⊙,
morphologies ranging from E to Sbc, and diverse states of star formation (e.g., starbursting, post-starburst,
quiescent). Most of the CO data for this sample came from new observations, and unlike many previous
investigations of molecular gas in galaxies, our NFGS CO observations were not in general designed to
emphasize CO-bright galaxies, but were instead designed to reach strong, scientifically useful upper limits
in the case of CO non-detections.
Literature Sample
To strengthen our results, we supplement our sample with galaxies from the literature with available CO,
HI, and multi-band imaging data.
Our literature sample includes galaxies from three large surveys: the Spitzer Near Infrared Galaxy Survey
(SINGS; Kennicutt et al. 2003), ATLAS-3D (Young et al. 2011), and COLD GASS (Saintonge et al. 2011).
These surveys are dominated by high mass galaxies, so to supplement the low mass end of our data set, we
add galaxies from Barone et al. (2000), Garland et al. (2005), Leroy et al. (2005)1, Taylor et al. (1998), and
Kannappan et al. (2009). Most of these references are themselves the sources of the CO data, although some
CO data for galaxies in SINGS and Kannappan et al. (2009) come from Leroy et al. (2009), Albrecht et al.
(2007), Sage et al. (2007), Zhu et al. (1999), or our own observations (§2.2.2). H I data often come from the
same source as the CO data, or else from alternate sources in the literature or HyperLeda (Huchtmeier et al.
1995; Smoker et al. 2000; Salzer et al. 2002; Paturel et al. 2003; Garland et al. 2004; Springob et al. 2005;
Meurer et al. 2006; Walter et al. 2008; Catinella et al. 2010; Haynes et al. 2011; Catinella et al. 2012; Serra
et al. 2012). All optical data come from the SDSS DR8, except for a subset of the SINGS sample outside
the SDSS footprint that has BV RI photometry (Mun˜oz-Mateos et al. 2009). NIR imaging data is available
for all galaxies from 2MASS.
Combined, these data sources bring our full sample (only considering galaxies that have all necessary
data) to 627 galaxies. However, our total decreases to 323 galaxies after we institute a number of useability
1We do not include marginal detections due to the authors’ predictions of a high false positive rate.
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cuts (see §2.2.3).
2.2.2 New Molecular Gas Data
CO(1-0) data, which we use to estimate molecular gas masses, already existed for a handful of our
NFGS galaxies prior to this study (Sage et al. 1992; Wei et al. 2010b). The rest of the NFGS sample was
observed with the Institut de Radioastronomie Millime´trique (IRAM) 30m and Arizona Radio Observatory
(ARO) 12m single dish telescopes. Total integration times were set by how long it took to reach reasonable
integrated signal-to-noise ratios (S/N> 5) or strong upper limits (yielding H2/H I<0.05) on the CO flux.
Most observations were single pointings toward galaxy centers, but offset positions were observed for a
handful of larger galaxies.
Initial observing runs on the IRAM 30m took place in Fall 2008 and used the ABCD receivers to observe
the CO(1-0) and CO(2-1) lines at 115 and 230 GHz simultaneously in both polarizations. The 4 MHz filter
bank provided 1GHz bandwidth at velocity resolutions of ∼10.4 km s−1 and ∼5.2 km s−1 at these two
frequencies. Further observations were taken in Fall/Winter 2009/2010 with the newly commissioned EMIR
receiver in conjunction with the WILMA backend, which supplied 2 MHz resolution and a total bandwidth
of 3.7 GHz. For all observations, wobbler switching was used with a throw of 2′and individual scans of 6
minutes. The data were calibrated via observations of an ambient temperature load. The absolute calibration
is accurate to 15–20%. The half-power beam widths are 22′′and 12′′at 115 GHz and 230 GHz respectively.
The ARO 12m observations took place between December 2010 and April 2011. We used the ALMA
3mm receiver in conjunction with both 2 MHz filterbanks (one for each polarization), which provided a total
bandwidth of 512 MHz. We simultaneously used the Millimeter Auto Correlator (MAC), with a resolution of
781.2 kHz and a total bandwidth of 800 MHz. Observations were carried out in beam switching mode with
typical throws of 2′–4′, and individual scans of 6 minutes. The data were calibrated using measurements
of a noise diode between scans, and galaxies with previous observations were used to check the calibration.
Some of our ARO time was used to obtain CO data for five extra galaxies in our literature sample.
The data were reduced using CLASS2. Scans were averaged together and any bad channels flagged. The
spectra were Hanning smoothed to a resolution of 10.4 km s−1. Baselines were then fit to emission free
regions of the spectrum, with polynomials of order <5.
Integrated fluxes and other measured quantities are reported in Tables 1 and 2. We convert the IRAM
30m data from the measured T ∗A scale to Janskys using Jy/K = 6.12 and 6.3 for the EMIR and ABCD
2http://www.iram.fr/IRAMFR/GILDAS
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receivers measured at 115 GHz, and Jy/K = 7.86 and 7.5 for the EMIR and ABCD receivers measured at
230 GHz (see IRAM 30m documentation3). The ARO data are initially recorded in the T ∗R scale, which we
then convert to Janskys using Jy/K = 38.3 (see the ARO 12m documentation4).
Fluxes were determined by summing the channels within the line profile. The specific integration ranges
are given in Tables 1 and 2 and were judged by eye for each case. If the profile edges were unclear, we made
the velocity ranges large enough to ensure all flux was included without any doubt and also yield a more
conservative error estimate. The uncertainty in the total flux measurement is given by
σf = σrms∆V
√
Nchan (2.1)
Here, σrms is the rms noise of the spectrum in Jy as measured from line-free channels, ∆V is the velocity
resolution in km s−1, and Nchan is the number of channels in the integration. For non-detections, we take
upper limits to be 3σf , measured over a velocity range defined by the larger of the H I line width or an
equivalent linewidth from an Hα or stellar rotation curve (see K13).
CO linewidths (W50) are determined by finding where the data are greater than 0.5 times the peak flux
minus the rms noise for 3 consecutive channels, starting from the outside of the emission line and working
inwards. The final left and right edges for width determination are linear interpolations to get the fractional
channels where the data cross the line height. Heliocentric velocities are defined to be midway between the
two edges found by the above algorithm. Following the examples of Schneider et al. (1986) and Fouque et al.
(1990), we estimate line width uncertainties by generating a series of artificial observations over a model grid
with varying line steepness and peak signal-to-noise ratios. At our resolution of 10.4 kms−1, the standard
deviation of the linewidth measurements at each grid point is approximately described by
σW50 = 6.8
P 0.75
(S/N)
0.9 (2.2)
where P is the steepness parameter (defined as P = (W50 −W20) /2) and S/N is the peak signal-to-noise
ratio. We stress that linewidths for profiles with peak S/N< 6 become extremely unreliable, and should
be used with caution. We include linewidth measurements in tables 1 and 2 for completeness, but these
measurements never enter into the analysis of this chapter.
3http://www.iram.es/IRAMES/mainWiki/Iram30mEfficiencies
4http://aro.as.arizona.edu/12 obs manual/chapter 3.htm#3. Receivers
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Table 2.1: New IRAM 30m CO(1-0) and CO(2-1) Measurements
CO(1-0) CO(2-1)
Name Flux cz Wa
50
rms Rangeb Flux cz Wa
50
rms Rangeb R25 Log M
c
H2
Log Mc,d
H2,corr
(Jy km s−1) (km s−1) (km s−1) (mJy) (km s−1) (Jy km s−1) (km s−1) (km s−1) (mJy) (km s−1) (′′) (M⊙) (M⊙)
UGC439 38.81±1.42 5304 116±3 32.17 5208–5395 41.91±1.32 5306 112±3 32.06 5221–5383 34.0 9.38±0.02 9.71±0.02
UGC1154 19.46±0.68 7686 98±20 11.40 7596–7937 21.46±1.16 7729 171±9 20.85 7591–7889 24.2 9.43±0.02 9.62±0.02
UGC1155 8.21±0.63 3190 127±9 14.15 3087–3275 11.95±1.63 3185 [121±7] 37.37 3113–3295 20.1 8.26±0.03 8.39±0.03
NGC2780 16.96±0.92 1992 203±6 17.36 1863–2132 20.89±1.53 1973 79±19 33.67 1886–2084 31.7 8.27±0.02 8.51±0.02
NGC2844 28.73±1.70 1523 223±22 25.75 1300–1720 29.51±1.83 1492 [266±14] 30.92 1321–1658 54.9 8.31±0.03 8.69±0.03
NGC3011 <1.57 · · · · · · 12.76 1436–1598 <4.63 · · · · · · 37.60 1436–1598 24.8 <7.06 <7.13
IC2520 65.96±0.88 1259 138±4 15.44 1122–1437 100.50±1.28 1260 108±2 24.57 1136–1399 26.6 8.51±0.01 8.73±0.01
UGC5378 17.09±0.88 4151 188±13 15.32 3993–4310 26.49±0.95 4165 129±8 18.89 4022–4264 38.2 8.85±0.02 9.09±0.02
NGC3213 8.62±0.69 1377 113±6 16.18 1291–1464 8.26±1.92 1366 [83±41] 32.77 1231–1560 36.5 7.74±0.03 8.03±0.03
IC2591 5.34±1.25 6706 [246±36] 18.92 6479–6899 · · · · · · · · · · · · · · · 39.2 8.76±0.10 9.04±0.10
UGC6003 8.10±0.75 5752 83±8 15.24 5630–5860 · · · · · · · · · · · · · · · 19.1 8.80±0.04 8.84±0.04
UGC6104 <2.96 · · · · · · 18.88 2805–3067 <4.91 · · · · · · 31.40 2805–3067 50.9 <7.83 <8.11
NGC3633 81.45±1.49 2604 307±4 22.93 2406–2813 147.24±3.30 2603 271±11 49.66 2406–2831 41.6 9.15±0.01 9.39±0.01
IC692 1.83±0.30 1192 62±9 12.07 1161–1222 <2.36 · · · · · · 24.07 1106–1208 24.2 <6.97 <7.02
UGC6545 14.38±0.73 2657 94±18 12.77 2504–2816 24.05±0.73 2641 105±8 14.13 2534–2793 46.3 8.45±0.02 8.72±0.02
UGC6570 14.07±0.58 1621 96±7 12.77 1505–1701 24.03±0.56 1621 96±3 13.74 1539–1696 35.4 8.10±0.02 8.19±0.02
UGC6637 2.56±0.51 1875 [41±45] 10.35 1732–1964 4.00±0.38 1866 [100±6] 10.05 1795–1936 27.0 7.45±0.09 7.50±0.09
UGC6805 8.09±0.77 1159 121±7 14.07 1050–1338 8.34±1.23 1175 [49±18] 29.70 1059–1224 20.3 7.56±0.04 7.60±0.04
IC746 5.84±0.88 4978 [31±29] 17.99 4861–5091 4.46±1.32 4970 [75±6] 40.81 4924–5025 43.7 8.56±0.07 8.81±0.07
UGC7020A 24.82±0.66 1519 110±4 13.60 1394–1618 39.23±1.10 1520 107±4 22.13 1412–1651 33.8 8.29±0.01 8.37±0.01
UGC7129 22.69±0.91 959 80±4 22.47 886–1043 25.71±0.91 959 55±4 25.20 896–1021 41.9 7.92±0.02 8.24±0.02
NGC5173 8.98±1.22 2438 [154±2] 25.00 2302–2531 · · · · · · · · · · · · · · · 35.0 8.23±0.06 8.34±0.06
NGC5338 13.31±0.89 845 64±4 19.92 752–943 29.16±1.62 849 59±5 36.53 725–915 56.1 7.19±0.03 7.38±0.03
NGC5596 <2.15 · · · · · · 15.03 3058–3276 <3.11 · · · · · · 21.76 3058–3276 30.8 <7.79 <7.87
NGC5762 <2.61 · · · · · · 19.05 1688–1888 <2.99 · · · · · · 21.86 1688–1888 44.2 <7.44 <7.82
UGC9562 3.54±0.95 1256 [224±17] 19.61 1144–1368 8.62±2.13 1330 [95±47] 39.18 1105–1388 27.5 7.39±0.12 7.45±0.12
UGC9562NEe <1.09 · · · · · · 20.61 1262–1292 1.48±0.07 1272 [8±4] 47.12 1262–1292 · · · · · · · · ·
UGC9562SWf <0.78 · · · · · · 16.18 1035–1060 1.22±0.13 1049 [8±2] 39.59 1035–1060 · · · · · · · · ·
IC1066 11.18±0.87 1572 107±14 18.32 1488–1704 9.43±0.83 1566 [85±14] 21.18 1505–1652 46.0 7.99±0.03 8.33±0.03
NGC5874 10.72±0.59 3148 204±9 10.60 3011–3306 9.77±1.21 3132 [133±20] 18.94 2990–3383 64.4 8.48±0.02 9.00±0.02
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Table 2.1: New IRAM 30m CO(1-0) and CO(2-1) Measurements
CO(1-0) CO(2-1)
Name Flux cz Wa
50
rms Rangeb Flux cz Wa
50
rms Rangeb R25 Log M
c
H2
Log Mc,d
H2,corr
(Jy km s−1) (km s−1) (km s−1) (mJy) (km s−1) (Jy km s−1) (km s−1) (km s−1) (mJy) (km s−1) (′′) (M⊙) (M⊙)
NGC7328 48.65±1.71 2793 202±17 28.06 2656–3014 46.68±1.50 2803 158±16 25.84 2675–3000 62.5 8.98±0.02 9.36±0.02
NGC7360 <2.29 · · · · · · 12.45 4517–4877 <3.79 · · · · · · 20.64 4517–4877 36.5 <8.07 <8.15
UGC12265N 13.29±1.10 5651 [246±27] 17.15 5435–5832 · · · · · · · · · · · · · · · 16.8 9.00±0.04 9.03±0.04
NGC7460 40.41±0.81 3183 156±4 16.18 3052–3295 41.74±1.11 3177 137±4 21.22 3054–3315 44.8 9.01±0.01 9.43±0.01
NGC7537 35.37±1.93 2643 210±20 32.05 2500–2847 40.80±2.18 2657 [218±7] 39.36 2538–2834 68.3 8.77±0.02 9.14±0.02
a Brackets denote galaxies with S/N<6 where linewidths become extremely unreliable and should be used with caution.
b Range of velocities used in integration.
c Masses include factor of 1.4 to account for Helium.
d Beam-corrected H2 mass (see §2.2.3)
e Offset from center of UGC9562 by +9′′,+11.5′′ to observe polar ring. Upper limit integration on CO(1-0) flux based on integration range for CO(2-1) detection. CO(2-1) measurements
done at a resolution of 2.6 km s−1 due to extremely small linewidth.
f Offset from center of UGC9562 by −6′′,−9.7′′ to observe polar ring. Upper limit integration on CO(1-0) flux based on integration range for CO(2-1) detection. CO(2-1) measurements
done at a resolution of 2.6 km s−1 due to extremely small linewidth.
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Table 2.2: New ARO 12m CO(1-0) Measurements
Name Flux cz Wa
50
rms Rangeb R25 Log M
c
H2
Log Mc,d
H2,corr
(Jy km s−1) (km s−1) (km s−1) (mJy) (km s−1) (′′) (M⊙) (M⊙)
UGC439 32.37±2.49 5301 129±5 60.80 5218–5379 34.0 9.30±0.03 9.39±0.03
UGC1154 45.52±4.53 7770 [194±7] 81.05 7632–7932 24.2 9.79±0.04 9.84±0.04
UGC1155 <22.34 · · · · · · 158.21 3052–3264 20.1 <8.69 <8.72
NGC2780 40.38±4.23 1976 [204±5] 70.20 1760–2109 31.7 8.64±0.05 8.70±0.05
UGC4902* 5.79±2.49 1633 [67±18] 93.91 1600–1667 40.2 7.83±0.18 7.85±0.18
NGC3032* 114.11±10.79 1555 [151±5] 258.50 1474–1642 60.0 8.90±0.03 9.02±0.03
IC2520 105.03±6.92 1219 147±19 124.77 1072–1368 26.6 8.71±0.03 8.76±0.03
UGC5744 41.90±3.64 3366 [80±18] 88.97 3270–3431 22.8 9.10±0.04 9.14±0.04
NGC3419* 53.66±4.91 3040 [107±34] 91.01 2884–3164 36.9 9.05±0.04 9.07±0.04
UGC6003 9.40±1.96 5833 [184±12] 44.79 5741–5925 19.1 8.87±0.09 8.87±0.09
NGC3633 147.45±7.49 2588 325±9 119.83 2401–2776 41.6 9.41±0.02 9.47±0.02
UGC6545 33.21±3.95 2670 [30±26] 104.81 2564–2701 46.3 8.81±0.05 8.89±0.05
UGC6570 17.86±3.02 1574 [106±7] 77.30 1504–1651 35.4 8.21±0.07 8.22±0.07
NGC3773* 9.14±2.33 1002 [82±9] 79.92 961–1043 35.1 7.05±0.11 7.07±0.11
NGC3870* 7.96±1.68 747 [69±13] 62.56 712–782 31.2 7.27±0.09 7.34±0.09
UGC6805 13.79±3.16 1096 [32±33] 85.13 1071–1204 20.3 7.79±0.10 7.80±0.10
UGC7020A 35.23±4.25 1536 [138±11] 93.26 1450–1650 33.8 8.44±0.05 8.46±0.05
UGC7129 72.99±7.12 930 [91±24] 154.42 822–1027 41.9 8.43±0.04 8.52±0.04
NGC5173 <20.31 · · · · · · 152.83 2373–2561 35.0 <8.58 <8.60
NGC5338 23.56±3.46 807 [40±29] 89.07 751–896 56.1 7.44±0.06 7.48±0.06
NGC7077 <14.56 · · · · · · 142.54 1086–1198 25.9 <7.76 <7.77
NGC7328 98.88±8.56 2763 [148±55] 134.02 2592–2984 62.5 9.29±0.04 9.41±0.04
NGC7328Ee 37.41±6.42 2930 [99±8] 154.74 2843–3008 · · · · · · · · ·
NGC7328Wf 47.30±6.12 2763 [217±9] 112.62 2641–2924 · · · · · · · · ·
UGC12265N 21.33±2.95 5707 [212±8] 53.57 5570–5862 16.8 9.21±0.06 9.21±0.06
NGC7460 61.89±6.70 3185 [163±11] 136.14 3080–3313 44.8 9.19±0.05 9.32±0.05
NGC7537 51.20±6.51 2622 [135±51] 118.60 2543–2833 68.3 8.93±0.06 9.06±0.06
a Brackets denote galaxies with S/N<6 where linewidths become extremely unreliable and should be used with caution.
b Range of velocities used in integration.
c Mass includes factor of 1.4 to account for Helium.
d Beam-corrected H2 mass (see §2.2.3).
e Offset from center of NGC7328 by +28.5′′,+1.2′′.
f Offset from center of NGC7328 by −27′′,−1.9′′. ∗ Non-NFGS galaxy.
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2.2.3 Methods
Optical and NIR Photometry
Optical/NIR photometry is needed to estimate stellar masses and track recent central star formation
enhancements. For our analysis, we do not use products of the SDSS pipeline since it is prone to shredding
extended sources and does not make use of the most recent background subtraction algorithm (Blanton et al.
2011). We instead recalculate total magnitudes using our own custom pipeline, described in greater detail
by Eckert et al. (in prep.). After the downloaded images are co-added, bright stars and interloping galaxies
are masked. The masking process is automated with the aid of SExtractor (Bertin & Arnouts 1996), but
each mask is inspected by eye and adjusted when there is clear over- or under-masking using the automatic
routine. The ELLIPSE task in IRAF is used to extract surface brightness profiles of constant center, PA,
and ellipticity, and to sum up the flux within each isophote. For the NFGS sample, we adopt the same PAs
and ellipticities used for the UBR photometry (Jansen et al. 2000b). For our literature sample, we adopt
the method of Eckert et al. (in prep.), who use ELLIPSE to determine the best PA and ellipticity from the
low surface brightness outer disk of each galaxy using the coadded gri images. Models of each galaxy are
created with the resulting surface brightness profiles, and are used to fill in masked regions to correct the
total flux.
Total magnitudes are calculated two ways. First, we adopt a curve of growth technique very similar to the
one outlined in Mun˜oz-Mateos et al. (2009), where the outer disk values of the enclosed magnitude and its
radial gradient are fit with a linear function. The y-intercept of this line (i.e., where the enclosed magnitude
is no longer increasing) is the total magnitude. Total magnitudes are also calculated by fitting the outer disk
of the surface brightness profile with an exponential function, similar to the method in Jansen et al. (2000b),
except that outlier points are rejected from the fit. The total flux is summed up to the last isophote used in
the fit, after which the fit itself is used to estimate the remaining outer flux.
To estimate systematic uncertainties in our total magnitudes, we perform each of these total magnitude
extrapolations using slightly differently defined fit ranges (between 1 and 8 times the sky noise, between 3
and 10 times the sky noise, within a 1 mag arcsec−2 range ending at 1 or 3 times the sky noise, and finally
using the last 5 data points above 1.5 times the sky noise) and then average the results (ignoring > 6σ
outliers) to obtain our final magnitude. We take the difference of the maximum and minimum magnitude
estimates divided by two (also ignoring outliers) as our official systematic uncertainty. This uncertainty is
added in quadrature with the Poisson statistical uncertainty.
The ellipses used for total magnitude calculation best match the shape of the far outer disk or halo, and
are therefore not ideal for calculating galaxy inclinations. To estimate photometric inclinations, ELLIPSE
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is run a second time where ellipticity is allowed to vary while PA is kept fixed to the previously used value.
The ellipticity at a surface brightness of 22.5 mag arcsec−2 in the coadded gri images usually reliably traces
the higher surface brightness inner disk and provides accurate inclinations, which are estimated using
cos i =
√
(b/a)2 − q2
1− q2 (2.3)
Here, q is the intrinsic disk thickness (assumed to be q = 0.2; Rodr´ıguez & Padilla 2013), and b/a is the
minor-to-major axis ratio derived from the ellipticity. For the NFGS sample, we use the same inclinations
as K13 for consistency, which are based on the same equation, but not using the b/a measured from SDSS
photometry.
JHK magnitudes are also recalculated using the 2MASS imaging data. Here, we redo the background
subtraction for the 2MASS images using a method similar to that used in the original 2MASS pipeline
(Jarrett et al. 2000), where the sky was fit by 3rd order polynomials. However, we fit the background of
each relevant frame only in the region local to the galaxy of interest (within ∼ 5 × R25), with the galaxy
itself and any stars or background galaxies masked. We impose the parameters from our first set of optical
surface brightness profiles (center, PA, and ellipticity) to extract NIR surface brightness profiles.
The two methods for calculating total optical magnitudes described above are again used to calculate
the total NIR magnitudes. However, tests comparing the output of these two methods against magnitudes
calculated from much deeper Spitzer IRAC 3.6µm imaging reveal that the exponential fit method performs
systematically worse than the curve of growth method when applied to the relatively shallow 2MASS data.
The fits also perform the best when using a fit range between 3 and 10 times the sky noise. We thus solely
use the curve-of-growth derived total magnitudes determined using this fit range as our final estimates,
although we still rely on the difference between the curve-of-growth and exponential fit derived magnitudes to
estimate the systematic error for most galaxies. For any galaxy for which our different magnitude estimation
techniques yield very different results (disagreement of more than 0.5 mags), we resort to taking an aperture
magnitude of the galaxy, and then infer the total magnitude by multiplying by the total-to-aperture flux
ratio of a higher S/N passband (another NIR band like J if possible, otherwise i band).
All optical and NIR magnitudes are corrected for foreground extinction using the dust maps of Schlegel
et al. (1998) and the extinction curve of O’Donnell (1994).
Stellar Masses
Stellar masses are calculated with an improved version of the method described by Kannappan et al.
(2009). Taking as inputs a combination of UBR, ugriz, JHK, and 3.6µm photometry, along with global
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optical spectra (or any subset of these inputs that are available; see K13 and references therein), the stellar
mass estimation code fits mixed young + old stellar populations built from pairs of simple stellar population
(SSP) models from Bruzual & Charlot (2003) assuming a Salpeter IMF. Output stellar masses are scaled by
0.7 to match a “diet” Salpeter IMF containing fewer low mass stars (Bell et al. 2003). The only significant
change compared to Kannappan et al. (2009) is the addition of a very young SSP with age 5 Myr to the
suite of models. Note also that model SSP pairs can include a “middle-aged” young SSP, as long as its age
is younger than the old SSP, which was also true for the Kannappan et al. (2009) model grid. In addition,
the UBR zero points have been adjusted for consistency (see K13). The final stellar mass estimate is defined
by the median and 68% confidence interval of the likelihood weighted mass distribution over the full model
grid.
Stellar masses for our literature sample are calculated using only SDSS and 2MASS photometry. To
determine whether the lack of spectroscopy leads to any systematic differences in our stellar mass estimates,
we compare the high quality stellar masses from the NFGS against a second set calculated using only our
custom SDSS and 2MASS photometry. As shown in Figure 2.1, the two methods of estimation are in good
agreement. There is no statistical significance in the weak linear trend between the two mass estimates as
function of stellar mass, and the 1σ scatter between the two estimates is 0.04 dex, much less than the typical
uncertainty of ∼0.2 dex for stellar masses.
Blue-Centeredness
To track enhancements in recent central star formation, we rely on a simple measure of the color gradient
referred to as blue-centeredness (∆C), defined as the outer disk color from the half-light radius (r50) to
the 75% light radius (r75) minus the color from the center to r50 (Jansen et al. 2000b)
5. For future refer-
ence, general discussion of blue-centeredness will use the notation, ∆C, while specific discussion involving a
particular color will note that color explicitly, e.g. ∆(g − r). The radii in this definition reliably separate
bulge/disk colors without being sensitive to variations in bulge-to-disk ratio (Kannappan et al. 2004). The
half-light radius is a natural separator of inner/outer galaxy growth; for example, Peletier & Balcells (1996)
note shifts in colors and ages at approximately this radius. We also stress that this simple measure appears
robust to variations in the dividing radii. For example, using the 40% and 90% enclosed light radii returns
approximately the same results.
5Whenever we have reprocessed SDSS images, blue-centeredness is calculated using the second set of ellipse fits, i.e., the ones
that are used to estimate inclinations, since they best track the star-forming inner disks (see §2.2.3).
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Figure 2.1: Difference between the highest quality stellar masses for the NFGS (log Mbest∗ , calculated from
UBR, SDSS, 2MASS, and IRAC photometry plus integrated spectroscopy) and stellar masses for the same
galaxies estimated with data available for our literature sample (Log M lit∗ , calculated using only our custom
SDSS and 2MASS photometry), testing the quality of stellar masses for our literature sample. The solid
horizontal line represents 1:1 agreement, while the dashed line shows the ordinary least-squares fit with
outlier rejection, which is not different at a statistically significant level. The scatter has negligible effect on
our results.
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Before blue-centeredness is used to measure enhancements in recent central star formation, we account
for other galaxy properties that may affect the color gradients. Kannappan et al. (2004) find that blue-
centeredness correlates with galaxy luminosity, likely due to the fact that both metallicity and stellar popu-
lation age can influence galaxy color gradients, reddening galaxy centers with increasing luminosity. These
authors remove the luminosity trend by subtracting off the fitted relation between ∆(B−R) and luminosity.
We follow the same approach, performing an ordinary least-squares fit (Isobe et al. 1990) of DC against
stellar mass (Figure 2.2). We derive the following relations:
∆(u− r) = (−0.114± 0.025) logM∗ + (0.983± 0.249) (2.4)
∆(u− g) = (−0.064± 0.017) logM∗ + (0.556± 0.167) (2.5)
∆(g − r) = (−0.049± 0.009) logM∗ + (0.417± 0.095) (2.6)
The use of an ordinary least-squares fit of y vs. x is crucial, since in order to remove any trend with stellar
mass, we must minimize the scatter in ∆C relative to stellar mass. Following Kannappan et al. (2004), we
calibrate this mass correction using the NFGS sample (not just our subset with CO data) since it is our most
representative data set and has the most robust stellar mass estimates. The fit is limited to star-forming
disk galaxies, identified as galaxies with morphology S0 or later and either detected Hα emission extending
beyond the nucleus or U −K < 4, which helps exclude quenched galaxies (Kannappan & Wei 2008, K13).
We reject galaxies with known strong AGN and restrict the fit to M∗ > 10
8.5M⊙, avoiding the low M∗ tail
of the NFGS where all blue-centeredness states may not be evenly represented. In total, 135 NFGS galaxies
were used to derive these relations. The residuals of this fit give mass-corrected blue-centeredness (denoted
by ∆Cm). In simple terms, ∆Cm is a measure of the color difference between the inner and outer regions of
a galaxy, relative to the typical color difference for galaxies at a given stellar mass, where higher values imply
bluer centers. More physically, this parameter tracks recent central star formation relative to the typical
star-forming galaxy at a given stellar mass.
We find that galaxies with and without strong peculiarities (i.e., signs of recent interactions) as defined by
Kannappan et al. (2004) have different underlying distributions of ∆(g−r)m at a 99% confidence level, so our
definition of mass-corrected blue-centeredness successfully recreates the correlation found by these authors
using luminosity-corrected blue-centeredness (their Fig. 8). However, we stress that while our mass correction
is physically motivated, it is modest, and the distributions of uncorrected ∆(g− r) for peculiar/non-peculiar
galaxies differ at confidence level comparable to that for distributions using ∆(g − r)m. Our general results
presented in §2.3 are still found without the correction in place, as discussed in §2.3.2.
Within this chapter, the total error budget on ∆Cm includes contributions from the measurement error
of ∆C, as well as additional uncertainties due to the error in r50 and r75, the error in the stellar mass, and
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the uncertainty in the fitted relation between ∆C and stellar mass. In the majority of cases, the Poisson
error is dominant.
We note that optical color gradients have advantages over direct star formation rate tracers (e.g.,
FUV+24µm) for the purposes of our study. A practical advantage is that the data needed to compute
color gradients are readily available for most galaxies. In addition, the longer timescales over which optical
indicators remain sensitive to enhanced star formation are more useful for studying the extended evolution
of galaxies. They enable us to analyze the stellar populations beyond the timescale of the star formation and
gas consumption itself, allowing us to note the longer term consequences of recent star formation episodes.
We defer a detailed analysis of the timescales of these optical indicators to future work, but Figure 11 of
Kannappan et al. (2004) shows a simple model wherein the blue-centeredness fades on the order of 0.5–2 Gyr
after the central star formation episode ends. It should be noted that this model represents a single case,
and the evolution of blue-centeredness may vary depending on the duration and size of the burst as well as
the composition of the preexisting stellar populations in the bulge and disk.
For consistency and since the vast majority of our galaxies have SDSS data, we always quote ∆Cm using
SDSS-equivalent colors. A handful of galaxies from our NFGS sample do not have SDSS data, but do have
UBR photometry. We derive the following conversions between the NFGS UBR and ugriz systems using
colors measured within the B band 25 mag arcsec−2 isophote for 183 NFGS galaxies:
g − r = 0.62(B −R)− 0.18;σ = 0.04 (2.7)
u− g = 1.16(U −B) + 1.08;σ = 0.16 (2.8)
u− r = 0.91(U −R) + 0.61;σ = 0.21 (2.9)
These relations are useful only for the NFGS due to the possibly different UBR zeropoints used in the
NFGS relative to other photometric studies (see K13). The relations have been corrected for foreground
extinction, although as we are measuring color differences, both foreground extinction corrections and k-
corrections cancel. Where these conversions are used, their uncertainties are incorporated into the final error
on ∆Cm.
Internal Extinction Effects
Since we make use of optical color gradients, internal dust extinction is a concern. A systematic effect
from dust may manifest itself as a dependence on inclination, since higher inclination galaxies show more
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Figure 2.2: ∆(g − r) versus log (M∗/M⊙), illustrating the correlation between blue-centeredness (∆C) and
stellar mass. To isolate the effect of recent central star formation enhancements, we remove the stellar mass
trend using an ordinary least-squares fit, minimizing scatter in blue-centeredness relative to stellar mass.
The residuals of this fit give mass-corrected blue-centeredness (∆Cm), which measures outer minus inner
color relative to the typical value for a galaxy at a given stellar mass, allowing us to trace recent central star
formation enhancements above the norm.
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dust along the line of sight. To determine whether internal extinction is systematically biasing our results,
we run Spearman rank tests on all star-forming disk galaxies in the NFGS with measured inclinations >15◦
after excluding AGN. We find no significant correlation between inclination and ∆Cm. Shown in Figure 2.3,
the same rank test for galaxies with stellar masses above ∼ 109.7M⊙ – roughly equivalent to the 120 km s−1
rotation velocity threshold above which dust lanes become more prominent in galaxies (Dalcanton et al.
2004; see also K13) – implies somewhat significant correlations (3%, 5%, and 4% chance of being random
for ∆(u − r)m, ∆(u− g)m, and ∆(g − r)m respectively). Though weak correlations may exist, these trends
are much smaller than the scatter (Fig. 2.3). Thus we conclude that systematic internal extinction effects
should have a minimal effect on our results.
We should note that while we find only small systematic effects due to inclination, dust within galaxies
will inevitably alter our color gradients if it is present. There are galaxies in our sample for which visual
inspection has revealed significant dust features. These galaxies and their impact on our results are discussed
in §2.3 and §2.4.
Gas Masses
To ensure that our data are as uniform as possible, we recalculate all gas masses using the same formulae.
The H I mass is calculated as (Haynes & Giovanelli 1984):
MHI = 2.36× 105D2F21 (2.10)
Here, F21 is the measured 21cm flux in Jy km s
−1 and D is the distance to the galaxy in Mpc. The molecular
gas mass is estimated as (Sanders et al. 1991):
MH2 = 1.18× 104
(
XCO
3× 1020
)
D2FCO (2.11)
Here, FCO is the measured CO flux in Jy km s
−1. We assume a constantXCO of 2× 1020 cm−2 (K km s−1)−1
(Strong & Mattox 1996; Dame et al. 2001); see §2.3.1 for an analysis of how assuming constant XCO may
affect our results. In further analysis, we multiply all gas masses by a factor of 1.4 to account for helium.
Beam Corrections
The majority of our CO flux measurements come from single dish telescopes with single pointings at
galaxy centers. Unlike 21cm beams, which are typically several times the size of our galaxies, the CO beams
are often comparable to or smaller than our galaxies. However, since CO scale lengths are typically smaller
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Figure 2.3: Inclination versus ∆Cm for star-forming disk galaxies with i>15◦ from the NFGS. The full
sample shows no correlation between these two variables, implying no systematic effect of inclination (and
associated dust extinction) on our results. Red crosses mark galaxies with stellar masses above 109.7M⊙,
which show a weak correlations between inclination and ∆Cm (3%, 5%, and 4% chance of being random for
∆(u − r), ∆(u − g), and ∆(g − r) respectively). The dotted lines show the inverse least-squares fits (i.e.,
minimizing the scatter in the x-direction) to just the more massive galaxies. Any systematic effects due to
inclination appear minor. However, irregular dust structures, not probed with this test, will inevitably alter
color gradients (see §2.3.1 and §2.4.1).
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than optical scale lengths, this size mismatch is not always a major issue when trying to estimate total H2
mass. By modeling the beam pattern of the telescope and assuming a CO flux distribution, one can estimate
the additional flux not detected by a single pointing. We apply beam corrections to our single-dish CO data
following the same method as Lisenfeld et al. (2011). The aperture correction is defined as the ratio of the
total-to-observed CO intensity,
f = ICO,total/ICO,observed (2.12)
We assume that the CO distribution ICO follows an exponential disk,
ICO(r) = I0e
−r/hCO (2.13)
where hCO is the scale length of the CO emission. The total CO intensity is simply the integral of this CO
distribution to infinity:
ICO,total =
∫ ∞
0
2piI0re
−r/hCOdr = 2piI0h
2
CO (2.14)
The observed CO intensity is the integral of the CO distribution convolved with the beam pattern.
Assuming a Gaussian beam with HPBW, Θ, this is written:
ICO,observed = 4ICO
∫ ∞
0
∫ ∞
0
exp
(
−
√
x2 + y2
hCO
)
× exp
(
− ln 2
[(
2x
Θ
)2
+
(
2y cos i
Θ
)2])
dxdy (2.15)
A major uncertainty in this calculation is the value of hCO. Studies of star-forming late-type galaxies
have shown hCO ∼ (0.2± 0.05)R25, where R25 is the B-band 25 mag arcsec−2 isophotal radius (Young et al.
1995; Leroy et al. 2008; Schruba et al. 2011). We assume this relation holds for all late type galaxies in our
sample. Whether the same is true for E/S0 galaxies is uncertain, as their CO scale lengths have not been as
thoroughly studied in the literature. We examine the CO profiles of Wei (2010; see also Wei et al. 2010b),
who mapped the CO(1-0) distribution in a sample of E/S0 galaxies using the CARMA array. We find an
average value of hCO = 0.1R25 with a standard deviation of 0.05R25. We adopt this scale length for all E/S0
galaxies in our sample. It should be noted that these radial profiles are primarily for blue-sequence E/S0s,
not the more common red-sequence E/S0s, simply because CO is more often detected in the former. The
two red-sequence E/S0 galaxies in the Wei (2010) sample have CO scale lengths close to 0.05R25, but two
data points are not enough to warrant separate definitions of hCO for red- and blue-sequence E/S0s.
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We assume uncertainties in hCO of 0.05R25 for both spiral and E/S0 galaxies. The additional uncertainty
that propagates into the beam-corrected H2 mass depends on the size of the galaxy relative to the beam.
Within our final sample (see § 2.2.3) additional uncertainties are on the order of 5%, though some are as
large as 25%. We also note that for galaxies in our sample for which we have both single dish CO fluxes
and resolved CO maps from Wei (2010), we adopt the CO fluxes from the single dish observations and
beam-correct these fluxes using the measured scale-lengths from the CO maps.
Useability Criteria
After identifying from our NFGS+literature compilation all galaxies with the necessary optical/NIR
imaging as well as 21cm and CO(1-0) flux measurements (627 galaxies), we institute a number of usability
criteria that galaxies must pass before they are included in our final sample. These are: (1) SDSS r-band
half-light radii larger than 5” to ensure blue-centeredness calculations are not compromised by variations
in the PSF between the different SDSS passbands; (2) minimal beam corrections to detected CO fluxes, so
that the corrected CO fluxes are no larger than 1.5 times the measured fluxes (equivalent to a change in
H2/HI < 0.2 dex), ensuring the estimated H2 masses are minimally dependent on the assumed model of
the CO distribution; (3) strong upper limits on total H2 masses, i.e. where CO detections are missing but
H I detections are not, H2/H I must be < 0.05. We do not remove any galaxies with H I upper limits from
our sample. With these cuts, our NFGS+literature sample totals 323 galaxies. Included in this tally are 11
galaxies we judged to be highly peculiar/interacting whose derived position angles and ellipticities carry little
meaning, and whose blue-centeredness calculations are therefore untrustworthy; we consider their properties
in §2.3.1. We also include an additional 122 “quenched” galaxies (two of which are also counted as highly
peculiar), which pass all useability criteria except for having upper limits in both HI and H2 mass; these
are discussed in §2.3.2. For our NFGS sample, upper limits from the IRAM 30m telescope are preferred
over the ARO 12m telescope since they are always stronger. Weak upper limits led to the removal of 4 out
of 39 NFGS galaxies with CO data from our final sample, though 3 of the 4 were upper limits from prior
CARMA observations (Wei et al. 2010b). Where we have both IRAM 30m telescope and ARO 12m telescope
detections for our NFGS sample, we prefer the IRAM 30m data as long as the beam correction is less than
1.5. Otherwise, we use the ARO 12m data.
It is important to note that while our sample is diverse, it is not statistically representative of the galaxy
population since our combined data set is subject to whatever biases exist in past CO studies. Nonetheless,
our useability criteria, which enforce minimum and maximum apparent radii for many galaxies in our sample,
do not appear to bias us towards galaxies of a certain physical size thanks to the wide variety of distances
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within our sample. The distributions of physical sizes of our galaxies before and after we institute our
useability criteria are not significantly different, as confirmed by a K-S test. Our final sample includes
some galaxies taken from the NFGS, which were in fact originally chosen to be representative of the galaxy
population (see §2.2.1). We will use this subset to investigate our results in the context of a broadly
representative data set.
Our final sample, including the quenched and peculiar galaxies, is shown on the u− r color versus stellar
mass plane in Figure 2.4. This sample includes some galaxies with M∗ < 10
8.5M⊙, although the blue-
centeredness mass-correction was calibrated with only galaxies above this mass. These lower mass galaxies
do not show unusual behavior within our results, and are therefore kept in our final sample (see §2.3.2 for
further discussion).
Our final compiled data set is made available in machine readable format in the published version of this
chapter. A summary of the data is given in Table 3.
2.3 Results
In this section, we describe our findings on the relationship between global H2/H I and mass-corrected
blue-centeredness. These variables are plotted in Figure 2.5, which we hereafter refer to as the “fueling
diagram,” since it links the fraction of gas available as direct fuel for star formation and a tracer of recent
interactions that drive the fueling.
In §2.3.1, we examine the basic structure of the fueling diagram, which is broken up into three branches.
The left branch holds most galaxies and shows a positive correlation between H2/H I and ∆C
m, consis-
tent with the idea that molecular gas content is systematically linked to galaxy interactions as traced by
mass-corrected blue-centeredness. The right and bottom branches are well-defined loci that deviate from
this expected trend, showing first increasing then decreasing mass-corrected blue-centeredness as H2/H I
decreases.
In §2.3.2, we explore the properties of galaxies within each branch. The left branch is largely occupied
by a mix of barred and unbarred spiral galaxies, with a wide range of stellar masses and gas fractions.
Conversely, the right and bottom branch are almost completely populated by low mass E/S0 galaxies,
specifically blue-sequence E/S0 galaxies.
Lastly, in §2.3.3 we use differences in optical color gradients to explore the evolution of galaxies within
the fueling diagram. We find no preferred direction of evolution along the left branch, while the galaxies
on the right/bottom branches appear to be evolving in a clockwise fashion back towards the left branch.
Intriguingly, along this path there are systematic increases in total gas content and a transition from E/S0
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Table 2.3: Fueling Diagram Catalog Description
Column Description
1 Object name
2 Right Ascension
3 Declination
4 Assumed distance to galaxy
5 Inclination (see §2.3.1)
6 u− r color
7 Stellar mass
8 Uncertainty in stellar mass
9 Reference for H I mass
10 Reference for uncorrected H2 mass
11 H2 upper limit flag
12 H2 mass after beam correction
13 Uncertainty in H2 mass after beam correction
14 XCO derived from B band luminosity
15 XCO derived from O/H
16 u− r blue-centeredness
17 Uncertainty in u− r blue-centeredness
18 Stellar mass-corrected u− r blue-centeredness
19 Uncertainty in stellar mass-corrected u − r blue-centeredness
20 u− g blue-centeredness
21 Uncertainty in u− g blue-centeredness
22 Stellar mass-corrected u− g blue-centeredness
23 Uncertainty in stellar mass-corrected u − g blue-centeredness
24 g − r blue-centeredness
25 Uncertainty in g − r blue-centeredness
26 Stellar mass-corrected g − r blue-centeredness
27 Uncertainty in stellar mass-corrected g − r blue-centeredness
28 Morphology (see §3.2.1)
29 Flag to indicate peculiar galaxy (see §2.3.7)
30 Flag to indicate presence of bar
31 Reference for bar classification
29
7 8 9 10 11
log M
*
/Msun
0.5
1.0
1.5
2.0
2.5
(u-
r)i
Sa-Sd
Sa-Sd, no gas detected
E-S0/a
E-S0/a, no gas detected
Peculiar/Interacting
Figure 2.4: Our final NFGS+literature sample plotted in (u− r)i versus stellar mass space. The dashed line
represents the red/blue sequence divider, which is based on the analysis of Moffett et al. (submitted), which
identifies the midpoint between the two sequence peaks at each stellar mass. Our red/blue sequence divider
is shifted redder than this midpoint by +0.1 mag. The superscript i indicates that an internal extinction
correction has been applied following Moffett et al.
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to spiral morphology, which may signal a major transformation as these galaxies progress back towards the
left branch on the fueling diagram. We collect and interpret these findings in §2.4.
2.3.1 The Distribution of Galaxies in the Fueling Diagram
The Three Branches
The fueling diagram is shown in Figure 2.5, plotted using mass-corrected blue-centeredness based on
u− r, u− g, and g− r colors, all of which recreate the same basic structure. The regions of parameter space
roughly defining the left, right, and bottom branches are overlaid on the ∆(g − r)m data in Figure 2.6.
The majority of our sample falls on the left branch, which shows a positive correlation between H2/H I and
mass-corrected blue-centeredness. There is considerable scatter which appears to increase above H2/H I∼0.5,
predominantly biasing galaxies towards lower ∆Cm. We attribute at least some of this scatter to centrally
concentrated dust. Visual inspection has shown several of the galaxies that scatter to the left of the main
trend have distinct dust features (e.g., M82, which lies at ∆(g − r)m = −0.14 and H2/H I=3.6). Galaxies in
the “dusty zone” do not have preferentially high inclination (§2.2.3). Rather, their centrally concentrated
dust may reflect a shared evolutionary state (see §2.4.1). The right branch of the fueling diagram, which
begins to appear at ∆(g−r)m ∼ 0.05−0.1, is far less populated but still well defined. It shows a relationship
opposite to the left branch, where mass-corrected blue-centeredness increases while H2/H I decreases. The
bottom branch, which encompasses galaxies below H2/H I∼0.06, shows no clear correlation between H2/H I
and mass-corrected blue-centeredness.
Among the galaxies in our sample with gas detections and reliable ∆Cm measurements, ∼75% are on the
left branch, ∼5% are on the right branch, and ∼20% are on the bottom branch. However, these percentages
are very crude since the branches connect with each other and their definitions are not exact. We also stress
that our sample is not statistically representative of the galaxy population, largely because of the lack of CO
measurements for low-mass galaxies. Thus, the fractions of galaxies falling on the left, right, and bottom
branches in Fig. 2.5 cannot be used to infer the true frequency with which galaxies fall on these parts of the
fueling diagram. If instead we limit ourselves to the more representative NFGS subsample, the fractions of
galaxies on the left, right, and bottom branches are roughly 65%, 10%, and 25%. But again, this subsample
is only approximately representative.
Between these three branches exists a region where no data points lie. This hole is clearest in the version
of the fueling diagram using ∆(g − r)m because the right/bottom branches are most evenly populated. For
this reason, we default to using the ∆(g − r)m version of plot to show further results.
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Figure 2.5: Relationship between H2/H I and mass-corrected blue-centeredness shown using three different
color gradients. Grey points denote lower and upper limits in H2/H I. To the left of the y-axis are dots
representing H2/H I values for galaxies with peculiar morphologies, many clearly interacting. Due to their
disturbed state, we cannot measure ∆Cm. Below each x-axis are dots showing the measured ∆Cm for
quenched galaxies. All three panels show distinct loci and an empty region between them.
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Figure 5c.
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Is the Hole Real?
The structure seen in the fueling diagram – particularly the unoccupied region between the three branches
– does not appear to be artificially created by our sample restrictions. As described in §2.2.1, our full
NFGS+literature sample was unrestricted in terms of stellar mass, gas content, and star formation properties.
Subsequent restrictions applied were mostly related to the useability of the data. The only selection criterion
we can reasonably relax is our limit on the level of permitted CO beam-correction used to estimate flux missed
by the telescope beam. As discussed in §2.2.3, we enforce the corrected-to-measured CO flux to be less than
1.5. After relaxing the corrected-to-measured CO flux to be less than 2, 5, and 10, the three branches of
the fueling diagram remain well defined (although with increased scatter) and no new galaxies appear to
invalidate the existence of the empty region between the branches.
It is interesting to examine whether peculiar or actively interacting galaxies could potentially fill the
empty region. These galaxies lack reliable ∆C measurements, so we do not plot them within the fueling
diagram. However, we mark their measured H2/H I to the left of the y-axis in Figure 2.5. Their H2/H I
values do not exclusively cluster in the range spanned by the hole, although some have the proper values
to fall within it. We conclude that if galaxies like those represented in our sample ever fall in the empty
region, they must do so only briefly during a phase of rapid evolution. The specific reasons why galaxies
rarely settle in this region of parameter space are not immediately apparent. Detailed modeling of galaxies
may be necessary to explain this phenomenon and will be the focus of future work.
XCO Effects
The structure of galaxies in the fueling diagram appears robust against possible variations of XCO due
to its dependence on metallicity. To test this, we use O/H to estimate XCO for each galaxy, employing
the calibration from Obreschkow & Rawlings (2009). Estimates of O/H from optical line ratios are only
available for our NFGS (Kewley et al. 2005) and SINGS (Moustakas et al. 2010) samples and the studies
of Barone et al. (2000) and Taylor et al. (1998). To be able to carry out this analysis for our full sample,
we also estimate XCO for each galaxy from B band luminosity, again using the calibration of Obreschkow &
Rawlings (2009), who find it to be the next most reliable estimator of XCO after metallicity. The values of
12+logO/H in our sample (where known) range from 7.9–9.2, yielding XCO estimates between 0.4 and 10
times the Milky Way value. The calibration using B-band luminosity yields a similar range of XCO.
Figure 2.7 shows the effect that variable XCO due to metallicity has on the fueling diagram. Even with
the variation in XCO, the right/bottom branches remain distinct from the left branch and the hole remains
intact, although some of the upper limits on the bottom branch show significant increases in H2/H I due to
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Figure 2.7: The possible effect of variations in XCO on our data, with XCO estimated separately for each
galaxy using B-band luminosity (left) and log(O/H) derived from nebular emission lines (right). Lighter
arrows denote galaxies with H2/H I upper or lower limits, and X’s denote galaxies where log(O/H) is un-
available. Some upper limits show significant adjustments, but XCO variations do not change the overall
appearance of three distinct branches.
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their estimates of XCO being several times the Milky Way value. These galaxies are mainly dwarfs with
stellar masses . a few ×108M⊙, where this sort of deviation might be expected. In general however, the
structure of the fueling diagram remains unchanged.
The above analysis ignores other physics that may alter XCO. Most relevant to our study is the possible
decrease in XCO in very high gas surface density regimes where the the ISM turns almost entirely molecular.
Such a situation could occur as the result of inflows that drive large amounts of gas to the centers of galaxies,
and has been observed in many systems from ULIRGs to ordinary spirals (Downes et al. 1993; Regan 2000).
The gas in these extremely high surface density regions is expected to have increased temperature relative to
molecular clouds in less dense environments (Narayanan et al. 2012), which would be coupled with an increase
in the FCO(2−1)/FCO(1−0) ratio. Where available, we compare FCO(2−1)/FCO(1−0) (both beam corrected as
in §2.2.3) with mass-corrected blue-centeredness and H2/H I, but we find no correlations. Any evidence of
increased central gas temperature is likely being washed out in our global CO measurements. Even if some
of the increase in H2/H I with ∆C
m along the left branch is the result of overestimated XCO, this is still
consistent with our physical interpretation that the left branch of the fueling diagram is the result of galaxy
interactions and inflows (see §2.4.1).
For the remainder of this chapter, we use molecular gas masses estimated as described in §2.2.3, assuming
constant XCO.
2.3.2 Distribution of Galaxy Properties Within the Fueling Diagram
Having established the basic structure of the fueling diagram and its reliability, we now explore how galaxy
properties – specifically morphology, the presence of a bar, stellar mass, blue versus red sequence, and gas
content – distribute themselves throughout the fueling diagram. Doing so may provide an understanding of
the physical processes that drive the observed trends. The galaxy properties discussed in this section are
overlaid on the fueling diagram in Figure 2.8 and briefly summarized in §2.3.2.
Morphology
Figure 2.8a displays galaxy morphologies within the fueling diagram. All galaxies are classified by eye
using SDSS g-band images, but we check our classifications against previously published types when available.
Galaxies are separated into two categories: E/S0s (including S0a) and spirals (Sa–Sd). Using the distinction
between S0a and Sa as the separation between early- and late-type galaxies may be somewhat sensitive to
classification error, but this division is useful since the presence or absence of extended spiral arms represents
a basic transition in structure likely strongly linked to star formation history.
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Figure 2.8: (a) Distribution of early (E/S0 - S0a) and late (Sa-Sd) morphologies and bars. (b) Distribution
of stellar masses in three fundamental mass regimes: stellar mass aboveMb, betweenMt andMb, and below
Mt, where Mb is the bimodality mass (10
10.5M⊙) and Mt is the gas-richness threshold mass (10
9.7M⊙).
Also marked are galaxies that fall below the range of our blue-centeredness mass-correction. See §2.3.2 for
more details on these mass regimes. Galaxies with stellar masses outside the mass regime used to calibrate
the blue-centeredness mass correction are also noted (c) Distribution of red and blue sequence galaxies (d)
Distribution of MHI+H2+He/M∗.
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We find a clear bimodality in the distribution of E/S0 and spiral morphologies. Spiral galaxies almost
exclusively fall on the left branch, and in fact, a Spearman rank test on all spiral galaxies with H2/H I>0.06
(to avoid confusion with the bottom branch) confirms a correlation between H2/H I and ∆C
m, with ∼5σ
confidence (for u − r, u − g, and g − r, the probabilities of the distributions being random are 5 × 10−8,
8× 10−7, and 1× 10−7 respectively). E/S0s show a much more diverse distribution throughout the fueling
diagram: some occupy the left branch with spirals, but also and more noticeably the rest almost completely
define the right branch and much of the bottom branch. Several of the E/S0s on the right/bottom branches
are also centrally concentrated Blue Compact Dwarf galaxies (BCDs), which are lumped with traditional
E/S0s in our simplified morphological classification scheme. Towards the left end of the bottom branch,
there is a strong shift in morphology from E/S0 to spiral.
Barred galaxies are also shown in Figure 2.8a. Except for galaxies that have existing bar classifications
from the NFGS or Nair & Abraham (2010), bar classifications were done by eye using SDSS i-band imaging,
since bars are best identified in bands that trace the stellar light (Eskridge et al. 2000). Bars are noticeably
absent from all galaxies above ∆(g− r)m ∼ 0.15, which includes most of the right branch, as well as sections
of the left and bottom branches. Within the left branch alone, a Spearman Rank test does not suggest a
smooth correlation of bar fraction with ∆Cm or with H2/H I. Although our full sample is not statistically
representative of the galaxy population, we speculate that the same processes that produce extreme blue-
centeredness may destroy bars, while milder processes associated with evolution along the left branch do
not. If we limit our examination of bars to only the more representative NFGS subsample, we still see
no significant trend between ∆Cm and bar fraction within the left branch. Bars are important galactic
structures to put into the context of our study, since like galaxy interactions, they are thought to enable
inflows of gas to the centers of galaxies. We discuss bars and interpret their role in §2.4.3.
Stellar Mass
Figure 2.8b displays the distribution of stellar masses within the fueling diagram. Instead of examining
the continuous distribution of stellar masses, we divide the data into three characteristic mass regimes:
(1) M∗ > Mb = 3 × 1010M⊙, where Mb is the bimodality mass, a stellar mass scale above which the
population of galaxies goes from being typically star-forming with disk-like morphology to typically non-
star-forming with spheroidal morphology (Kauffmann et al. 2003), (2) M∗ < Mt = 5 × 109M⊙, where Mt
is the gas-richness threshold mass, below which there is a significant increase in gas-dominated galaxies
(Kannappan et al. 2009, K13), and (3)Mt < M∗ < Mb, where bulged spirals with intermediate mass content
are the norm (K13). Galaxies withM∗ < 10
8.5M⊙ are also denoted with an extra “+” symbol in this figure.
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These galaxies technically fall outside the stellar mass range used to calibrate the blue-centeredness mass-
correction (§2.2.3), and Kannappan et al. (2004) suggest their possibly irregular patterns of star-formation
may make color gradients hard to interpret in relation to higher mass galaxies. However, we include them
in our plots because they show no unusual distribution relative to the rest of the sample below Mt. Among
these galaxies, the most extreme blue-centeredness is found for NGC 3738, with ∆(g − r)m = 0.19. This
galaxy is a centrally concentrated BCD, making it completely consistent with its neighboring galaxies in the
fueling diagram.
The different stellar mass regimes display patterns within the fueling diagram. While galaxies in all three
regimes span the full range of H2/H I, we find almost no galaxies above Mb on the right/bottom branches.
Instead, most of the galaxies on these branches fall belowMt. There is also a tendency for galaxies belowMt
to cluster in the lower-left corner of the fueling diagram (many having H2/H I upper limits), but elsewhere
along the rising branch they appear to spread roughly evenly, as do galaxies in the higher stellar mass
regimes. We note that with our low number statistics, the apparent tendency of galaxies on the upper right
branch to have stellar masses betweenMt andMb is not significant and should not be over-interpreted given
that the range between Mt and Mb is very narrow, and stellar mass estimation involves typical errors of
∼0.2 dex.
In §2.2.3, we described our motivation and methods for subtracting the underlying dependence of blue-
centeredness on stellar mass, yielding mass-corrected blue-centeredness, or ∆Cm. To determine how depen-
dent our results are on this mass correction, we plot the fueling diagram using the uncorrected ∆(g − r),
rather than ∆(g − r)m, in Figure 2.9. The general structure of the fueling diagram remains intact, specifi-
cally the presence of three branches with a hole between them. The distribution of different mass regimes
illustrates the tendency of high-mass galaxies to have more red-centered color gradients, which originally
motivated our mass correction.
Red and Blue Sequences
Figure 2.8c shows the distribution of red and blue-sequence E/S0s and spirals in the fueling diagram,
which are classified based on their positions within the u− r versus stellar mass plane shown in Figure 2.4.
The left branch is composed of a mix of red and blue sequence galaxies. Intriguingly, the right and bottom
branches are almost completely dominated by blue sequence galaxies, despite the common assumption that
E/S0 galaxies always fall on the red sequence. High-mass, red-sequence E/S0 galaxies in our sample are
often quenched, i.e., have no detected CO or H I emission and total gas-to-stellar mass ratio upper limits less
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Figure 2.9: The fueling diagram plotted using blue-centeredness without a mass correction. Without the
mass correction applied to blue-centeredness, there is a tendency for higher stellar mass galaxies to have more
red-centered color gradients (motivating the mass correction), but the underlying structure of the fueling
diagram remains intact.
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than 0.04M⊙. These systems are shown below the x-axis in Figures 2.5, 2.8, 2.9, and 2.10
6.
Gas Content
Figure 2.8d shows the distribution of total gas-to-stellar mass ratio (total gas = HI+H2 with a 1.4× mass
correction for He) within the fueling diagram. Broadly speaking, H I-to-stellar mass ratios and total gas-
to-stellar mass ratios on the left branch are both anti-correlated with H2/H I. However, there is significant
diversity below H2/H I∼0.5, where galaxies with both very high and very low gas fractions fall. Above
H2/H I∼0.5, the gas fractions on the left branch are consistently low.
Most of the galaxies comprising the right and bottom branches have substantial gas content, between
10–100% of their stellar mass. Along the bottom branch, both H I-to-stellar and total gas-to-stellar mass
ratios appear anti-correlated with mass-corrected blue-centeredness, that is, gas content is higher on the left,
more red-centered side. Using a Spearman rank test on all unquenched bottom branch galaxies (defined as
H2/H I < 0.06), we find the negative correlation of total gas-to-stellar mass ratio and ∆(g − r)m has a 1.6%
chance of being random. This probability drops to 0.2% when restricting the test toM∗ > 10
8.5M⊙ (i.e., the
mass above which the blue-centeredness mass correction was calibrated). A few red-sequence galaxies with
very low gas fractions also lie on the bottom branch, which are among the minority of massive (M∗ > Mt)
E/S0s whose gas data are not upper limits.
AGN
While our sample lacks uniform/complete data for AGN classification, we display known AGN in Fig-
ure 2.10 and briefly discuss them for two reasons. First, it is important to note that AGN themselves are not
the cause of strongly blue-centered color gradients, as their light contribution is typically too small to have
any significant effect on mass-corrected blue-centeredness, which uses colors measured over large regions of
galaxies. Second, we note that AGN are predominantly seen among the high mass galaxies in our sample
(see also Fig. 2.8b), with 25 out of 27 AGN hosted by galaxies with M∗ > Mt. Their presence, particularly
among the high mass elliptical galaxies which show AGN in the quenched regime but also among galaxies
with detected gas, affects our physical interpretation of the fueling diagram, and is discussed in §2.4.1 and
§2.4.1.
6We note that the quenched population does not center around ∆Cm ∼ 0, but rather around ∆(g − r)m ∼ 0.05 (as one color
example). The ∆(g − r)m values are not due to the presence of excess recent central star formation, but rather the fact
that the mass correction applied to the color gradients was calibrated on star-forming disk galaxies, which tend to show more
red-centered color gradients than do passively evolving galaxies.
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Figure 2.10: Known AGN (stars) within the fueling diagram. This classification is not complete or uniform
in our sample due to the limited number of classifications available in the literature and incomplete nuclear
spectroscopy.
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Properties Summary
To summarize, the main properties of each branch of the fueling diagram are as follows:
The left branch is where spiral galaxies are primarily found. Many galaxies here are barred, but without
any discernible pattern with respect to ∆Cm or H2/H I. Galaxies on the left branch cover the full range of
stellar masses, along with a wide range of HI- and total gas-to-stellar mass ratios, which broadly behave
inversely to H2/H I.
The right and bottom branches are almost entirely populated by unbarred E/S0 galaxies, although this
type distribution transitions into largely spirals on the left side of the bottom branch, which is also where we
begin to see barred galaxies again. Stellar masses fall predominantly below the bimodality mass, and most
fall below the threshold mass. Gas fractions are moderate to high, between 10% and 100% of the stellar
mass, and show a negative correlation with mass-corrected blue-centeredness along the bottom branch.
We also note that the right/bottom branches are dominated by blue-sequence E/S0 galaxies, i.e., galaxies
with spheroidal morphologies that fall on the blue sequence in color versus stellar mass space, which are
thought to represent a transitional phase (Kannappan et al. 2009). This fact, as well as the properties of
galaxies within the different branches of the fueling diagram, may reveal important clues as to how these
branches relate to different evolutionary states, as discussed in §2.4.
2.3.3 Do Galaxies Evolve Within the Fueling Diagram?
If mass-corrected blue-centeredness and H2/H I are time-varying properties, galaxies should evolve within
the fueling diagram. To determine whether there is any unified direction of evolution within the fueling
diagram or any one of its branches, we search for systematic offsets between ∆(u − g)m and ∆(g − r)m.
This comparison is useful because u− g color reddens faster than g− r color after a star forming event, and
therefore ∆(u− g)m tracks recently enhanced central star formation over shorter time scales and will return
to low values faster than ∆(g−r)m. Before comparing these two measurements, we must first account for the
fact that the range of values for ∆(u− g)m is larger than for ∆(g− r)m (see Figure 2.5). We therefore divide
∆(u − g)m and ∆(g − r)m by their median absolute deviations (0.102 and 0.054 respectively, found with
the same NFGS subsample used to derive Eqs. 4–6) to obtain normalized mass-corrected blue-centeredness
values, ∆(u−g)m∗ and ∆(g−r)m∗, for which the values cover a similar range while not changing the position
of zero (i.e., the average gradient for the population).
In Figure 2.11, arrows display the relative positions of ∆(u− g)m∗ (head of arrow) and ∆(g − r)m∗ (tail
of arrow). Galaxies on the left branch are directed randomly left or right along it. This result suggests
that galaxies either do not evolve throughout this region of the fueling diagram, or the evolution is not
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necessarily in a unified direction. Given the prior association of mass-corrected blue-centeredness with
interactions (Kannappan et al. 2004; Gonzalez-Perez et al. 2011), we suppose that galaxies may oscillate
along the left branch, rising when inflows enhance central star formation and H2/H I (with some of the
apparent rise in H2/H I possibly associated with a decrease in XCO due to the central gas concentration),
and fall along the same locus as outer disk gas and star formation are renewed.
Conversely, the loop composed of the right and bottom branches shows some partial systematic behavior.
Although the arrows on the right branch show no preferred direction, the bottom branch shows an excess of
galaxies with ∆(u−g)m∗ lower than ∆(g− r)m∗, implying that these galaxies are evolving leftwards towards
lower mass-corrected blue-centeredness. Ignoring the bottom-left region of the fueling diagram where the left
and bottom branches cannot be distinguished (∆(g − r)m < 0.05), we find the frequency of leftward facing
arrows on the bottom branch is higher than the frequency found on the left branch at the 4.2σ confidence
level, assuming the uncertainty in the number of rightward/leftward facing arrows follows Poisson statistics.
The right and bottom branches are likely closely linked (discussed further in §2.4), leading to our physical
interpretation that galaxies on the right branch are still undergoing a central starburst, after which they
move to the bottom branch where their young central stellar population ages and fades. If star formation is
still progressing progressing on the right branch, then there may be no reliably predictable difference between
∆(u − g)m∗ and ∆(g − r)m∗, which would explain the lack of a unified direction of arrows for right branch
galaxies in Figure 2.11. At this point, we do not have an estimate of the timescales associated with the
evolution along the the right or bottom branches, but estimating these timescales by comparing the galaxy
colors to stellar population synthesis models will be a focus of future work. We also note that the results of
Figure 2.11 are not dependent on the stellar mass correction applied to blue-centeredness as the same result
is found even without any mass correction whatsoever.
Since comparing ∆(g−r)m∗ and ∆(u−g)m∗ gives a clear direction of evolution along the bottom branch,
we can tell that galaxies here shift from primarily E/S0 to primarily spiral morphologies, as well as generally
toward increasing gas-to-stellar mass ratios. We interpret this pattern as a sign of disk rebuilding in §2.4.2.
2.4 Discussion
In §2.3 we presented the fueling diagram relating global H2/H I to recent central star formation enhance-
ments. Having described the three-branch distribution of galaxies within the fueling diagram, the variation
of galaxy properties along and between the branches, and the apparent evolution within the diagram, we
now collect these results to provide an interpretation of the physical processes that drive it. We first discuss
the role of galaxy interactions in driving H2/H I ratios, considering the importance of the merger mass ra-
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Figure 2.11: Arrows going from ∆(g − r)m∗ to ∆(u− g)m∗. Since u− g color is more sensitive to high mass
short lived stars, central enhancements in u− g color should be shorter lived than central enhancements in
g − r color. The data at the bottom branch support this expectation by showing ∆(g − r)m∗ more blue-
centered than ∆(u−g)m∗ in most cases, indicating that these galaxies’ central star formation has ceased and
the young population is fading. This color comparison suggests a uniform evolutionary direction of galaxies
within this region of parameter space.
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tio, stellar mass, and gas richness of the galaxies involved. We then explore how trends within the fueling
diagram support a scenario of fresh gas accretion and stellar disk rebuilding along the bottom branch. We
finish by reassessing the validity of the assumed link between mass-corrected blue-centeredness and galaxy
interactions in light of our new results, specifically addressing the role of bars.
2.4.1 Mergers and Interactions in the Fueling Diagram
In the following section, we describe the role that mergers play in driving the evolution in each branch
of the fueling diagram.
The Left Branch and Regions Above It
The very existence of the left branch provides support for the idea that local galaxy interactions play
a key role in replenishment of molecular gas: since mass-corrected blue-centeredness is a signpost of recent
galaxy interactions (Kannappan et al. 2004), and it is correlated with H2/H I, galaxy interactions appear to
be linked to H2/H I in a systematic way. The analysis of ∆(u− g)m∗ and ∆(g − r)m∗ in §2.3.3 implies that
galaxies on the left branch may evolve along it in both directions: up as a result of each galaxy encounter,
boosting the galaxy to higher H2/H I and ∆C
m (with a possible contribution due to overluminous CO),
then down as the molecular reservoir is consumed and the young central stellar population fades. Total gas-
to-stellar mass ratios support this scenario. We expect H I and total gas-to-stellar mass ratios to decrease
at higher ∆Cm since the gas is being converted into H2 and then stars, but we also expect a mix of gas
fractions at low ∆Cm since galaxies settle here before or after each burst event while accreting fresh disk
gas. The bulk of the evolution along the left branch must be driven by minor rather than major mergers or
interactions, since most galaxies appear to retain their spiral morphologies. An alternate possibility is that
the relation along the left branch reflects bar-driven inflows. However, bars do not show any statistically
significant correlation with ∆Cm along the left branch. The possible role of bars is explored further in §2.4.3
Major mergers in the high stellar mass and/or low gas fraction regime may help to explain the E/S0s at
high H2/H I on the left branch (in contrast, gas-rich, low mass, but comparable mass ratio mergers appear
to follow a different path; see §2.4.1–2.4.1). Alternatively, these galaxies could be formed by repeated minor
mergers rather than a single event (Bournaud et al. 2007), and they could therefore be galaxies that have
made several oscillations along the left branch. Either way, many of the E/S0s at high H2/H I on the left
branch are likely moving into the quenched regime, up and off the plot, as their remaining gas reservoirs have
become almost entirely molecular and may soon be completely depleted. In addition, some of the high stellar
mass E/S0s at the peak of the rising branch may have previously been quenched but recently experienced
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small gas accretion events, possibly associated with satellite accretion (e.g., Martini et al. 2013). Some of
these E/S0s host AGN, as do many of the high mass E/S0s in the quenched regime. A gas accretion event
could provide fuel for AGN activity coupled with a central molecular gas concentration, resulting in a high
H2/H I ratio with minimal change to ∆C
m (since most of the star formation would be occurring very close
to the AGN). Galaxies undergoing this process would jump vertically in the fueling diagram, between the
quenched regime and the peak of the left branch. This path could place them in the hole of the fueling
diagram, although they would likely move through it relatively quickly.
As previously noted in §2.3.1, there is substantial scatter above the left branch towards more red-centered
color gradients, likely caused by internal extinction. While dust effects may be altering the measured color
gradients, they usefully highlight galaxies in early stages of star-forming events when the young stars are still
heavily embedded in dust clouds. We suspect galaxies in this “dusty zone” represent a stage very soon after
mergers or interactions that are mild enough not to have driven the galaxy into the peculiar morphology
region off the plot, shown on the left hand side of the fueling diagram. As the star formation progresses,
the dust is likely to clear, allowing these galaxies to develop the bluer-centered color gradients expected for
their H2/H I ratios.
The Right Branch
We suggest galaxies on the right branch may be the result of gas-rich mergers, specifically between galaxies
of comparable stellar mass. Along with their high values of mass-corrected blue-centeredness (suggestive of
a strong central starburst), the spheroidal morphologies of galaxies on the right branch are consistent with
recently violent histories. Most of these galaxies are classified as blue-sequence E/S0s, and several are also
classified as BCDs (e.g., Haro 2, NGC 7077, UM 465). The existence of blue sequence E/S0s and BCDs in
the same regime of the fueling diagram argues in favor of them experiencing similar evolutionary processes.
Previous observational and theoretical studies of BCDs (e.g., O¨stlin et al. 2001; Pustilnik et al. 2001; Bekki
2008) also support merger driven evolution.
While most of these galaxies do not show obvious outward signs of a recent strong interaction in their
optical images, such as irregular structure or tidal features (the lack of these features is actually built in
to our analysis since we do not plot highly peculiar/interacting systems), smooth optical morphology is not
inconsistent with a merger having recently occurred. Merger simulations find the strongest morphological
disturbances before the peak of induced star formation, which in turn typically occurs before galaxies land
on the right branch, and the complete coalescence of the two merging galaxy nuclei commonly happens
several hundred Myr before the main starburst event (Lotz et al. 2008, 2010). The diverse arrow directions
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in Figure 2.11 on the right branch suggest these galaxies are still actively forming stars well after the merger
remnant has settled. Signatures of recent mergers may be more obvious in observations of gas morphology and
kinematics. H I maps can be extremely useful since they trace extended structure and can retain signatures
of interactions as long as 1 Gyr after the events (Holwerda et al. 2011). For example, the high resolution
H I map of Haro 2 (Bravo-Alfaro et al. 2004) shows the H I kinematic and optical major axes to be almost
perpendicular, consistent with a merger or recent accretion event.
Blue-sequence E/S0s are known to emerge primarily below Mb, and become abundant below Mt (Kan-
nappan et al. 2009). As seen in Fig. 2.8, the blue E/S0s on the right branch are consistent with this pattern.
However, the existence of the right branch cannot be driven by stellar mass alone. Low stellar mass galaxies
are found throughout the fueling diagram, and if ∆Cm were dictated solely by stellar mass (i.e., equal size
bursts occurring in higher/low mass galaxies yielding lower/higher ∆Cm), then the hole seen in the fueling
diagram should not exist. A merger origin for the right branch is more consistent with such a large gap
between the left and right branches. Furthermore, gas richness likely produces distinct evolutionary tracks
for galaxies: gas-rich mergers drive galaxies along the right branch, while gas-poor mergers drive galaxies
into the quenched regime, up and off the plot, as discussed in §2.4.1. The association of the gas-rich merger
track with galaxies below Mb and especially Mt is a simple consequence of increasing gas richness below
those scales (Kannappan et al. 2009, K13).
The Bottom Branch
The bottom branch appears to be part of the same evolutionary sequence as the right branch but at a
later stage. Galaxies here show many of the same properties as those on the right branch in terms of stellar
mass, gas richness, and prominence of blue-sequence E/S0s. However, they show depressed H2/H I ratios
while uniformly evolving leftwards in the fueling diagram (§2.3.3). These observations are all consistent with
a scenario where these are post-starburst galaxies with depleted central gas and fading young central stellar
populations.
2.4.2 Evidence for Disk Rebuilding
We have argued that relatively low mass, gas-rich, but roughly equal-mass-ratio mergers appear to be
responsible for the creation of blue-sequence E/S0 galaxies on the right and bottom branches of the fueling
diagram. Combining the known direction of evolution on the bottom branch (§2.3.3) with the observed
trends in gas-to-stellar mass ratio and morphology (§2.3.2,2.3.2) further implies that these galaxies may
regrow gas and later stellar disks. For galaxies on the bottom branch, there is a general increase in the
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total gas-to-stellar mass ratio as ∆Cm decreases. Since galaxies here appear to be evolving leftward on the
fueling diagram, their total gas content must be growing as their central stellar populations fade. In the same
direction, there is a transition from E/S0 morphologies to spiral morphologies. These combined trends are
consistent with a scenario of fresh outer-disk gas accretion and eventual conversion into visible spiral arms,
and in fact blue-sequence E/S0s have ideal stellar surface mass densities for turning gas efficiently into stars,
promoting stellar disk rebuilding (Kannappan et al. 2009; see also Kauffmann et al. 2006). Notwithstanding
this self consistent picture of morphological transformation, there remain a handful of blue sequence E/S0s
in the bottom left corner. One possible explanation for their presence is that spiral structure formation
has been inhibited. Two examples where such inhibition may be occurring are described in Kannappan
et al. (2009): NGC 7360 (∆(g − r)m=0.027, H2/H I<0.023), which hosts counter-rotating stellar disks, and
UGC 9562 (∆(g − r)m=-0.002, H2/H I=0.011), which is a polar ring galaxy. In both of these cases, peculiar
kinematics may be stifling spiral arm formation.
Falling below the gas-richness threshold mass Mt (§2.3.2, K13) may enable galaxies to evolve leftward
along the bottom branch. Bottom branch galaxies typically fall below Mt and have not only high gas
fractions (as is typical for blue-sequence E/S0s in general, Kannappan et al. 2009, Wei et al. 2010a), but gas
fractions that increase as their central starbursts fade. The high/increasing gas fractions may indicate rapid
gas accretion below Mt as argued by K13. Theoretical studies of gas accretion from the last decade might
suggest that Mt reflects the critical mass scale for cold-mode accretion (Birnboim & Dekel 2003; Keresˇ et al.
2005). However, Nelson et al. (2013) calls this interpretation into question, arguing that there is no strong
transition from cold to hot mode accretion, and that the amount of gas accreted via the cold mode is not as
large as previously thought. Regardless of the mode of accretion, the high/increasing gas fractions on the
bottom branch may be explained using the halo mass dependence of gas cooling times (Lu et al. 2011).
Conversely, galaxies on the bottom branch that have abnormally low gas fractions relative to the rest of
the population have masses aboveMt. One possible reason may be reduced accretion. Above the bimodality
mass Mb in particular, both observations and theory suggest significantly quenched cosmic accretion onto
galaxies (e.g., Gabor & Dave´ 2012, K13). Another possible reason certain galaxies might fail to accrete
fresh gas on the bottom branch is their environments. Galaxies in dense clusters and groups have long been
observed to have depressed H I fractions (Giovanelli & Haynes 1985; Solanes et al. 2001; Cortese et al. 2011),
and galaxies near massive companions are also more likely to be quenched, even in the dwarf regime below
Mt (Geha et al. 2012). One likely example of neighbor-inhibited accretion within our sample is NGC 3073,
a blue-sequence E/S0 below Mt that has an abnormally low gas-to-stellar mass ratio, but lies very close to
its much larger companion, NGC 3079. The fact that NGC 3079 has an AGN and observed outflows (Cecil
et al. 2001) may also be related to the low gas fraction in NGC 3073. Other outliers on the bottom branch,
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NGC 4111 and NGC 4270, reside in dense groups. A full environmental analysis has not been performed on
our sample, but these anecdotal cases hint that environment, as well as stellar mass, likely determines which
galaxies are capable of regrowing disks.
A final possible explanation of some outliers on the bottom branch may be that they never even pro-
ceeded along the right and bottom branches to reach their current locations. As discussed in §2.4.1, these
may be galaxies from the quenched regime that have experienced small accretion events, causing them to
travel vertically within the fueling diagram (i.e., through the bottom branch rather than along it) as they
develop/deplete small central molecular gas concentrations. In this scenario, such galaxies would only fall
on the bottom branch as an accident of timing.
2.4.3 Revisiting the Link Between Mass-Corrected Blue-Centeredness and Galaxy Interac-
tions vs. Bars
Throughout this chapter, we have made the assumption that mass-corrected blue-centeredness is linked
to galaxy interactions. This assumption is motivated by Kannappan et al. (2004), who link blue-centered
galaxies to morphological peculiarities indicative of galaxy interactions. One possible issue with this assump-
tion is that E/S0s often lack morphological peculiarities (partially by their definition of having smooth light
distributions), but may still have blue centers. Therefore, it is not necessarily obvious that E/S0s have blue
centers for the same reason that clearly disturbed galaxies do.
Our results argue strongly in support of the assumption that high mass-corrected blue-centeredness
implies a recent galaxy encounter, even in cases where morphological peculiarities are not obvious. In
fact, the galaxies that have experienced the strongest encounters without quenching (gas-rich major mergers
of low-mass galaxies) are probably the blue-sequence E/S0s on the right and bottom branches that show
relatively smooth structure in their optical images. A notable exception to the link between blue-centered
color gradients and recent interactions is the existence of the galaxies in the “dusty” zone above the left
branch, which appear to be in early, more dust-embedded stages of star formation. This implies that there
is a window shortly after the start of induced star formation where mass-corrected blue-centeredness is a
poor indicator of a recent interaction.
Bars have been suggested as an alternate mechanism for funneling gas to the centers of galaxies based on
direct observations of gas kinematics (Regan et al. 1995; Laine et al. 1999; Regan et al. 1999). The relative
importance of bars versus interactions is not well known due to a lack of large, homogeneous samples capable
of adequately testing both mechanisms. Recently, Ellison et al. (2011) used the abundance of bars and close
pairs in a large sample from the SDSS to argue that bars induce ∼3.5 times more central star formation than
galaxy interactions, although the authors note that minor interactions (i.e., pairs with mass ratios larger
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than 3/1) are not considered in their analysis. Whether bars are a mechanism for inward gas transport
completely independent of galaxy interactions is also unclear. Galaxy interactions can induce bar formation
(Gerin et al. 1990; Miwa & Noguchi 1998), but at the same time bars can form in stable disks (Ostriker &
Peebles 1973; Sellwood 1981), and interactions may actually destroy barred galaxies in some cases (Berentzen
et al. 2003; Casteels et al. 2012). Studies of bar fractions likewise give mixed results as to whether bars are
related to galaxy interactions or not (Aguerri et al. 2009; Li et al. 2009; Barway et al. 2011; Lee et al. 2012).
Bars do not appear to play any role in evolution along the right and bottom branches of the fueling
diagram. In fact, they are absent in these branches, except for the region very near the junction between the
left and bottom branches, which we have already argued is a spiral rebirth stage long after the inflow event
that triggered the starburst. This lack of bars in the blue E/S0 population is consistent with observations of
the bar frequency as a function of morphology (Nair & Abraham 2010; Barway et al. 2011; Lee et al. 2012).
One could argue that bars did induce the original gas inflow and their absence on the right and bottom
branches is caused by the build-up of central mass concentrations which dissipate bar structures (Norman
et al. 1996; Shen & Sellwood 2004; Athanassoula et al. 2005; Bournaud et al. 2005). However, this picture
would not explain why all the galaxies are E/S0s. More likely, any existing bars were destroyed by violent
mergers whose remnants populate the right and bottom branches of the fueling diagram.
Bars are found on the left branch, but the bar fraction shows no smooth trend with either ∆Cm or with
H2/H I (although bars are absent at the top-right of the left branch), and they are even quite abundant
in the bottom-left corner of the fueling diagram where galaxies show no sign of gas inflow. This lack of
a smooth correlation may be explained if bar lifetimes are on the order of a few Gyr (Jogee et al. 2004;
Bournaud et al. 2005; Debattista et al. 2006), in which case bars may drive gas inflow that boosts central gas
concentrations and star formation but also remain well after central gas concentrations have been depleted
and starbursts have ceased (Sheth et al. 2005; Wang et al. 2012, but see Ho et al. 1997 and Sakamoto et al.
1999 for alternate viewpoints). This possible longevity makes interpreting the role bars play on the left
branch difficult. However, since there are galaxies near the top of the left branch without bars, they certainly
do not seem to be required to initiate an inflow event. Bars may increase the strength of inflows and induce
quicker depletion, but at this point it is unclear whether barred and unbarred galaxies behave systematically
differently on the left branch.
2.5 Conclusions
Using mass-corrected color gradients and H2/H I ratios for a sample of galaxies spanning a broad range
of morphologies, stellar masses, and evolutionary states, we have analyzed the relationship between recent
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central star formation enhancements, likely to reflect galaxy interactions, and global H2/H I ratios and total
gas content in galaxies. We summarize our main results:
• The parameter space of global H2/H I and recently enhanced central blueness, which we refer to as the
“fueling diagram,” shows a complex relationship composed of three main branches – the left branch,
the right branch, and the bottom branch – with most of our galaxies falling on the left branch. Galaxies
in specific evolutionary states tend to concentrate in certain regions of the diagram (e.g., dusty, early-
stage starbursts), or can be represented on one axis of the diagram (e.g., quenched systems). Since our
sample is not statistically representative of the galaxy population, we cannot estimate the frequency
with which galaxies fall on each branch.
• The left branch is composed primarily of star-forming spiral galaxies with a wide range of stellar
masses and gas fractions. It follows a positive correlation between global H2/H I and recently enhanced
central star formation. We interpret this correlation as evidence that H2/H I ratios are systematically
linked to local encounters with other galaxies that drive inflows and replenish molecular gas reservoirs.
Additionally, apparent enhancement of H2/H I ratio measurements may be caused by decreased XCO
in the high surface density gas often found in the centers of galaxies that experience inflow events.
Galaxies on the left branch likely evolve in both directions along it before and after inflow events.
• The right and bottom branches are composed almost exclusively of gas-rich blue-sequence E/S0 galaxies
with stellar masses below the bimodality scale Mb and typically also below the gas-richness threshold
scale Mt. Several lines of evidence suggest these two branches are part of a continuous evolutionary
sequence of galaxies formed by gas-rich mergers of galaxies with roughly equal masses, which results in
E/S0 galaxies that are experiencing strong central starbursts, depleting their molecular gas, and then
fading back towards the left branch.
• The population of galaxies on the bottom branch evolving back towards the left branch shows a general
increase in total gas content and displays a clear transition from primarily E/S0 to primarily spiral
morphologies. These results strongly suggest fresh cosmic gas accretion and post-merger disk rebuilding
in the low mass regime. Our current analysis does not constrain the timescale of this regrowth, but
this question will be a topic of follow-up research.
• E/S0s above Mt and especially Mb do not obviously move along the branches and may instead move
vertically in the plot, due to minor accretion events associated with nuclear fueling of star formation
or AGN.
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• Barred galaxies are common on the left branch, although the presence of a bar shows no clear correlation
with mass-corrected blue-centeredness or H2/H I. It is unclear whether bars are involved in the small
inflow events that drive the evolution on the left branch, but bars are likely destroyed in the mergers
that create the right/bottom branches and therefore play little role in these galaxies’ evolution.
The fueling diagram presented in this study links the amounts of atomic and molecular gas fuel in a
galaxy with a metric for the events that drive central fueling and H I-to-H2 conversion, providing a useful
framework for understanding how interactions, inflows, and gas accretion drive the continued growth and
evolution of galaxies. The movement of galaxies through the interconnected sequences of the fueling diagram
highlights their dynamic evolution. The left branch of the fueling diagram holds the “normal” star-forming
galaxies, which appear to progress up and down along the left branch during and after inflow events, with
star formation alternately concentrated in the center vs. outer disk. The right and bottom branches of the
fueling diagram hold the more dramatically transforming galaxies that have likely experienced recent gas-
rich mergers and central starbursts. These typically low mass spheroids proceed along the right and bottom
branches until reconnecting with the left branch, potentially re-forming disk galaxies along the way. Some
galaxies may proceed through the branches of the fueling diagram multiple times until quenching mergers
drive them off the plot. Thus the interplay of bulge building and disk regrowth is a fundamental process
revealed in varying degrees by the distinct evolutionary tracks in the fueling diagram.
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CHAPTER 3: A Search For Star Formation in the Smith Cloud
Motivated by the idea that a subset of HVCs trace dark matter substructure in the Local Group, we
search for signs of star formation in the Smith Cloud, a nearby ∼ 2 × 106M⊙ HVC currently falling into
the Milky Way. Using GALEX NUV and WISE/2MASS NIR photometry, we apply a series of color and
apparent magnitude cuts to isolate candidate O and B stars that are plausibly associated with the Smith
Cloud. We find an excess of stars along the line of sight to the cloud, but not at a statistically significant
level relative to a control region. The number of stars found in projection on the cloud after removing an
estimate of the contamination by the Milky Way implies an average star formation rate surface density of
10−4.8±0.3M⊙ yr
−1 kpc−2, assuming the cloud has been forming stars at a constant rate since its first passage
through the Milky Way ∼70 Myr ago. This value is consistent with the star formation rate expected based
on the average gas density of the cloud. We also discuss how the newly discovered star forming galaxy Leo
P has very similar properties to the Smith Cloud, but its young stellar population would not have been
detected at a statistically significant level using our method. Thus, we cannot yet rule out the idea that the
Smith Cloud is really a dwarf galaxy.
3.1 Introduction
Since the discovery of high velocity clouds (HVCs), astronomers have explored a variety of scenarios to
explain their nature and origin (see Wakker & van Woerden 1997 and references therein). As a possible
solution to the ‘missing satellites problem’ (e.g., Klypin et al. 1999), both Blitz et al. (1999) and Braun &
Burton (1999) proposed that HVCs, or the subset of compact HVCs (CHVCs), trace low mass dark matter
halos in the Local Group. Sternberg et al. (2002) argue against CHVCs being embedded in halos at typical
distances of ∼1 Mpc because their dark matter halos would have unrealistic densities, although they find that
CHVCs are consistent with being embedded in dark matter minihalos that are circumgalactic with distances
of ∼150 kpc. More recently, a new class of HVCs, called ultra-compact HVCs (UCHVCs), was discovered in
the ALFALFA survey and have properties consistent with being dark matter halos spread throughout the
Local Group (Giovanelli et al. 2010; Adams et al. 2013).
If all or a subset of HVCs trace dark matter substructure around the Milky Way, they might contain some
(potentially very faint) stellar population. In contrast, in the absence of dark matter, such star formation
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may never occur. Based on calculations without dark matter, Christodoulou et al. (1997) argue that the
dense cores in high velocity clouds never reach high enough mass to collapse on their own, and the cloud-
cloud collision timescale for these cores within a single complex is > 1 Gyr. However, simulations of infalling
HVCs without dark matter imply they survive less than ∼100 Myr before they are dispersed (Heitsch &
Putman 2009; Nichols & Bland-Hawthorn 2009; Joung et al. 2012).
Aside from considerations about dark matter content, star formation in HVCs faces additional challenges.
The average observed H I column density in HVCs is roughly ∼1019 cm−2 (Putman et al. 2012), whereas star
formation (at least in galaxy disks) is typically associated with H I column densities above 1021 cm−2 (e.g.,
de Blok & Walter 2006). Molecular gas, which is considered direct fuel for star formation, has only been
successfully detected in a handful of HVCs (Richter et al. 2001; Sembach et al. 2001; Hernandez et al. 2013).
In addition, HVCs have very low metallicity (10-30% solar) and dust content. No HVCs, with the exception
of the Magellanic Stream, show depletion of refractory elements, and dust has only been tentatively detected
from FIR emission in a handful of cases (Putman et al. 2012). Low dust content may be an important factor
when considering star formation since H2 formation is catalyzed by dust grains (Gould & Salpeter 1963).
However, alternative viewpoints say that the formation of H2 in itself is not the cause of star formation but
simply a process that also occurs in dense gas (Mac Low & Glover 2012), so the existence of dust in itself
may not be crucial. The recent discovery of star formation in low gas density, low metallicity XUV disks
(Thilker et al. 2007) calls into question many presumptions about the conditions in which star formation
can occur.
There have been multiple attempts to search for stellar populations in high velocity clouds. An extensive
search of POSS imaging by Simon & Blitz (2002) found no associated stellar populations in a sample of
250 northern sky HVCs, suggesting that HVCs are not associated with normal but faint dwarf galaxies like
those already found in the Local Group. Several smaller studies have focused on identifying overdensities
of red giant or blue luminous stars at the positions of high-latitude and often compact HVCs, and these
studies have likewise found no associated stellar populations (Willman et al. 2002; Hopp et al. 2003; Siegel
et al. 2005; Hopp et al. 2007). Based on their own search for stellar populations associated with HVCs in
combination with those of other groups up to that point, Hopp et al. (2007) argued that no more than 4 per
cent of HVCs could harbor star formation.
On the other hand, some searches for stellar populations associated with HVCs have proven fruitful. A
single YSO in close proximity to a high-velocity H I emission peak was identified by Ivezic & Christodoulou
(1997), who argued that the probability of such an occurrence being observed due to a random projection is
extremely low. More recently, McQuinn et al. (2013) and Rhode et al. (2013) reported on a stellar population
associated with Leo P, an object originally classified as an ultra compact HVC (UCHVC) after its discovery
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in the ALFALFA survey (Giovanelli et al. 2013).
In this study, we search for signs of star formation in Complex GCP, commonly known as the Smith
Cloud (Smith 1963), in an attempt to constrain the likelihood that it hosts a dark matter halo. The Smith
Cloud is a nearby low latitude HVC with total neutral and ionized hydrogen mass > 2× 106M⊙ (Lockman
et al. 2008; Hill et al. 2009). There are several advantages to studying the Smith Cloud. It has a peak column
density of ∼ 5× 1020 cm−2, putting it in a low gas density regime that still hosts star formation as seen by
Bigiel et al. (2008), although we note that the Smith Cloud is dynamically very different from the extended
galactic H I disks in that work. While the low latitude of the Smith Cloud has the practical disadvantage of
higher foreground extinction, its ongoing interaction with the Milky Way may trigger star formation (as in,
e.g., Casetti-Dinescu et al. 2014).
The fact that the Smith Cloud has survived as long as it has is additional evidence that it is embedded
within a dark matter halo. Extrapolation of its trajectory implies it must have already passed through the
Milky Way disk ∼70 Myr ago and is on track to collide with the disk again in another ∼30 Myr (Lockman
et al. 2008). Nichols et al. (2014) argue it could never have survived its passage through the Galactic disk
without dark matter, although the recent detection of magnetic fields by Hill et al. (2013) provides an
additional means to contain the cloud. A final advantage of studying the Smith Cloud is that it is one of
the few HVCs with a well determined distance based on multiple techniques (Bland-Hawthorn et al. 1998;
Putman et al. 2003; Lockman et al. 2008; Wakker et al. 2008), allowing an additional means to isolate stars
that could be associated with the cloud. Detection of a stellar population associated with the Smith Cloud
could suggest that some HVCs are indeed associated with dark matter halos/subhalos, and perhaps only
HVCs with such halos are capable of star formation.
In this work, we use a combination of GALEX NUV and 2MASS/WISE NIR photometry to search for
evidence of recent star formation in the Smith Cloud. To accomplish this goal, we apply a series of color and
magnitude cuts to isolate young stars consistent with being associated with the Smith Cloud. While we find
a slight overdensity of young stars in projection with the Smith Cloud, this overdensity is not statistically
significant compared to the density of a control region. However, our estimate of the star formation rate is
consistent with what would be expected based on the observed gas density. We cannot rule out the possibility
that the Smith Cloud hosts low level star formation, and our analysis suggests that the recently discovered
stellar population in Leo P, whose global properties are similar to the Smith Cloud, would not have been
detected at a statistically significant level by our methods.
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3.2 Data and Methods
Below we describe our sources of data. All reported magnitudes are corrected for foreground extinction
using the dust maps of Schlegel et al. (1998) and the extinction law of O’Donnell (1994).
3.2.1 21cm Data
This study uses GBT 21cm observations of the Smith Cloud presented in Lockman et al. (2008). To
separate Smith Cloud emission from foreground Milky Way emission, a zero-moment map was created using
all channels corresponding to VLSR=75–125 km s
−1. For our analysis, we need to define what is considered
to be ‘on’ versus ‘off’ the cloud. The outermost NHI = 5 × 1019 cm−2 contour traces the overall head-tail
structure of the cloud (see Fig. 3.1), so we refer to all regions within it as ‘on’ the cloud, while regions beyond
it are considered ‘off’ the cloud. In §3.3.2, we address how our results are affected by this definition.
3.2.2 Photometric Data
GALEX
Deep GALEX NUV imaging was obtained for 7 fields in the vicinity of the Smith Cloud (program GI6-
041, PI Stark), with most fields covering regions on or around the cometary head where the densest gas is
located. Each field covers a circular diameter of 1.2◦ and integration times vary from 1800–4697 seconds.
Due to the failure of the FUV channel on GALEX prior to our observing program, no FUV imaging is
available for these same regions. Additional All-sky Imaging Survey (AIS) data have been used to enlarge
the NUV coverage beyond the border of the cloud. While the AIS images only have typical exposure times
of ∼100 seconds, they are still deep enough to detect young OB stars at the distance of the Smith Cloud
(see §3.2.3). In total, the GALEX coverage extends over 11.04 deg2, with 6.08 deg2 and 4.96 deg2 lying ‘on’
and ‘off’ the cloud, respectively, using the definitions from §3.2.1.
In addition, we acquired archival data for three Medium Imaging Survey (MIS) depth fields (totaling
3.39 deg2) at comparable Galactic latitude but opposite Galactic longitude to the Smith Cloud. We use
these fields as control regions far from the Smith Cloud but roughly equidistant from the Galactic bulge and
mid-plane so that the number density of Milky Way stars in the control fields is comparable to the number
density of Milky Way stars in the Smith Cloud fields. The central coordinates of these three fields are given
in Table 3.1.
All data products used in this study result from the standard GALEX imaging pipeline (Morrissey et al.
2007).
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Figure 3.1: H I column density map of the Smith Cloud, adapted from Lockman et al. (2008). Square
black regions represent masked pixels in the data cube. The thick black line shows the outermost
NHI = 5× 1019 cm−2 contour used to define the edge of the cloud. The red filled region illustrates the
extent of the GALEX data used in this study, with the positions of deeper GALEX fields overlaid in blue.
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Table 3.1: Control Fields
Field l b
(◦) (◦)
1 317.49 -12.22
2 320.25 -14.91
3 326.01 -14.25
WISE & 2MASS
We have taken WISE 3.6µm and 4.5µm photometry1 from the WISE All-Sky Source Catalog (Wright
et al. 2010). After rejecting extended/blended objects and sources contaminated by artifacts, the GALEX
and WISE data are cross-matched using a 3′′match radius. Approximately 45 per cent of the GALEX
sources lack detected WISE counterparts; the majority of these sources have extremely low signal-to-noise
(<3) and lie near the sensitivity limit of the GALEX data. We ignore these in our subsequent analysis since
they are inconsistent with being OB stars at the distance of the Smith Cloud (see §3.2.3).
We also use 2MASS JHK photometry, which has already been crossmatched with WISE sources and
included in the WISE All-Sky Source Catalog. Because 2MASS data are shallower than WISE data, a
small fraction of GALEX objects with corresponding WISE data lack 2MASS counterparts. Therefore,
GALEX and WISE photometry are used in our primary analysis, with 2MASS being incorporated when
available.
In the Smith Cloud fields (including regions both on and off the cloud), there are a total of 41,783 objects
with measured GALEX NUV and WISE W1 and W2 magnitudes. Approximately 90 per cent of these
have measured 2MASS JHK magnitudes. In the control field, there are a total of 18,070 sources with NUV,
W1, and W2 magnitudes, and again ∼90 per cent also have measured 2MASS magnitudes.
3.2.3 Identification of Candidate Stars
Synthetic Stellar Spectra
We use synthetic stellar spectra to determine colors and apparent magnitudes consistent with OB stars
at the distance of the Smith Cloud. The BaSeL 2.2 library (Lejeune et al. 1998) provides synthetic spectra
1We explored the use of W3 and W4 imaging to look for heated dust emission in the Smith Cloud that would be characteristic
of young stars. However, the IR emission from the foreground Milky Way dominates the field. Disentangling the two emission
sources is not trivial, so we did not pursue this further.
60
that cover the necessary wavelength range to include all GALEX , WISE, and 2MASS passbands, and the
models range over stellar surface temperatures from 2000 K to 50000 K. We choose stellar models with
metallicities of 0.05Z⊙ and 0.5Z⊙, which bracket the range of possible metallicities of the Smith Cloud
(0.05–0.4Z⊙) constrained by Hill et al. (2009). Model magnitudes are obtained by convolving the synthetic
spectra with the filter profiles of all passbands.
Color Cuts
To isolate OB stars, we explore how the BaSeL spectral models are distributed in an NUV−W1 vs.
W1−W2 diagram (Fig. 3.2). In the synthetic models, all OB stars (defined to have surface temperatures
> 104 K) have NUV−W1 < 1.8, which we use as our first cut. We also find that the model stars have
W1−W2 ∼ 0, which is consistent with prior studies by Wu et al. (2012) and Yan et al. (2013). These same
authors show that quasars become a significant number of point sources atW1−W2 > 0.2, while Mace et al.
(2013) find YSOs at W1−W2 > 0.5. Thus, to avoid contamination from these point sources while keeping
nearly all stars, we keep only objects with W1−W2 < 0.2. We place no lower limit on the W1−W2 colors
of stellar candidates since we find that stars tend to be biased towards bluer colors at dimmer magnitudes
(see §3.3.1). Wherever 2MASS magnitudes are available, we further isolate OB stars by rejecting all sources
with J −H > 0 and H−K > 0.02. These cuts are taken from Straizˇys & Lazauskaite˙ (2009), who measured
these colors for stars of known spectral type. For all three of our color cuts, we allow a star to pass a color cut
if its 1σ uncertainty potentially places it in OB star parameter space, even if its measured value is outside.
Fig. 3.2 shows the model colors overlaid on our data for the Smith Cloud GALEX fields (both on and off
the cloud). The model colors are consistent with the data, although there is considerable scatter inW1−W2
at 2 <NUV−W1 < 9. Such scatter has been seen in other studies (Wu et al. 2012; Yan et al. 2013) and does
not affect our analysis, which is restricted to lower values of NUV−W1. The crosshatched area denotes the
region of parameter space occupied by OB stars.
Apparent Magnitude Cuts
Since the Smith Cloud has a well constrained distance of 12.4±1.3 kpc (Lockman et al. 2008), we have
the advantage of being able to predict the range of possible apparent magnitudes of its OB star population.
Expected NUV,W1, and J band absolute magnitudes are estimated using BaSeL spectral models to estimate
surface flux while adopting typical stellar radii as a function of spectral type (Habets & Heintze 1981; Massey
et al. 2004; Repolust et al. 2004; Massey et al. 2005, 2009). We estimate that between surface temperatures
of 1-5×104 K, OB star luminosities can vary by a factor of ∼2×104, ∼500, and ∼700 in the NUV, W1, and J
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Figure 3.2: (left) Our GALEX/WISE crossmatched sources, both on and off the cloud. Filled contours
represent regions where the number of stars in a 0.5×0.05 box (NUV-W1×W1−W2) falls above 100, 250,
500, and 1000. (right) Model spectral colors (red and blue points) from the BaSeL 2.2 library overlaid on
top of the data. The two BaSeL model sets shown, with metallicities of 0.05Z⊙ and 0.5Z⊙, approximate
the minimum and maximum possible metallicities of the cloud (0.05Z⊙ and 0.4Z⊙; Hill et al. 2009). The
hashed region defined by NUV-W1 < 1.8 and W1−W2 < 0.2 shows the expected positions of OB stars free
of contamination from QSOs and YSOs. The synthetic colors derived from both models are almost identical
in the region of parameter space occupied by OB stars. The scatter in W1−W2 at higher NUV−W1 is real
(§3.2.3) and does not compromise our analysis.
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bands respectively. There are additional variations in apparent OB star brightness caused by stars occupying
the full width of the cloud along the line of sight, which we estimate to be approximately 325 pc (1.5 degrees),
which was measured in the region where we have imaging and assumes the cloud is axisymmetric. Metallicity
has a negligible effect on the intrinsic stellar luminosities, causing differences of only ∼0.03 magnitudes
between 0.05Z⊙ and 0.5Z⊙, so we use a 0.1Z⊙ model for our absolute magnitude calculations and ignore
any metallicity variations. Lastly, to account for the uncertainty in the distance to the Smith Cloud, we
recalculate the allowed range of apparent OB star brightnesses in steps of 150 pc (∼ 325/2) from 12.4-1.3
to 12.4+1.3 kpc. Over the full range of possible distances, the minimum and maximum allowed apparent
magnitudes shift by ∼0.5 mags, but this shift does not have a significant effect on the final results (see
§3.3.1). The accepted ranges of apparent magnitudes for OB stars in the Smith Cloud are given in Table 3.2.
As with our color cuts, we allow a star to pass a brightness cut if its uncertainty potentially places it within
the range of brightnesses occupied by OB stars.
At this point, we can revisit the 45 per cent of NUV sources that are not detected by WISE. Most of
these objects have NUV magnitudes of 23–23.5, and to be undetected by WISE they must have W1 & 17,
the 5σ sensitivity of the survey. Our model apparent magnitudes show that objects this dim are inconsistent
with OB stars at the distance of the Smith Cloud. Thus, we are at no risk of missing any candidates
by ignoring these sources. Additionally, our model magnitudes show that shallow GALEX AIS imaging
is capable of detecting young OB stars at the distance of the Smith Cloud. The dimmest OB star we
include has mNUV = 18.2, corresponding to mNUV = 20.2 after adding in the typical foreground extinction
of ∼2 magnitudes. Thus, the dimmest OB star before extinction corrections is still brighter than the AIS
completeness limit of 20.5 magnitudes.
Throughout this discussion we have only considered the identification of main-sequence OB stars, and
our selections do not account for stars in later stages of evolution. However, given that these later phases
(with the exception of the white dwarf and neutron star phases) are brief compared to the main-sequence
phase, ignoring them will not likely impact the estimated number of massive stars in our data. As a check,
we explore the existence of Wolf-Rayet (WR) stars in our observations. Existing observations imply that
WR stars are characterized by W1 −W2 > 0.2 (Faherty et al. 2014) and 7.8 < mNUV < 12.8 (assuming a
distance of 12.4 kpc; Mudd & Stanek 2014). We find no point sources residing in this region of parameter
space.
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Table 3.2: Apparent Magnitude Limiting Values
Band Minimum Maximum
GALEX NUV 8.1(7.8,8.3) 18.2(17.9,18.4)
WISE W1 10.7(10.5,11.0) 16.8(16.5,17.0)
2MASS J 10.5(10.2,10.7) 16.8(16.5,17.0)
Apparent magnitudes assume a distance of 12.4 kpc and
minimum/maximum values reflect expected variation due
to the intrinsic range of OB star luminosities and the thick-
ness of the Smith Cloud. Values in parentheses give the
expected range of magnitudes at the closest (11.1 kpc) and
furthest (13.7 kpc) possible Smith Cloud distances based
on the error bars from the existing distance estimate of
Lockman et al. (2008). GALEX magnitudes are given in
the AB system, while WISE and 2MASS magnitudes are
given in the Vega system.
3.3 Results
3.3.1 Number of Candidate OB Stars
All sources in the Smith Cloud and the control fields are passed through our calibrated color and apparent
magnitude cuts to identify stars that may plausibly be OB stars at the distance of the Smith Cloud. Here
we describe the results.
Smith Cloud Field
After applying W1 −W2, NUV−W1, J −H , and H −K color cuts, we are left with 44 candidate OB
stars in the Smith Cloud field, seven of which lack 2MASS magnitudes (Fig. 3.3). Assuming the nominal
distance of the Smith Cloud, the apparent magnitude cuts reject two stars. As described in §3.2.3, to see
how the results depend on the uncertainty in the distance to the cloud, we rerun the magnitude cuts in
steps from 11.1 kpc to 13.7 kpc. Across the full range of distances, the total number of stars rejected by the
magnitude cuts remains roughly constant at two stars, but up to 3–4 stars are rejected close to the nearest
and furthest allowed distances. Thus, after the magnitude cut, we are left with 40–42 candidate OB stars,
depending on the assumed distance to the Smith Cloud.
We then searched the SIMBAD stellar database to see if any of the remaining stars had measured proper
motions. We used these proper motions to calculate lower limits on their true space velocities assuming the
stars are at the distance of the Smith Cloud, and then compared these velocities to the true motion of the
Smith Cloud through space, which is estimated to be ∼300 km s−1 (Lockman et al. 2008). Of the candidate
64
-1.0 -0.5 0.0
W1-W2
-2
-1
0
1
2
N
UV
-W
1
pass 2MASS color cut
fail 2MASS color cut
lack 2MASS data
-1.0 -0.5 0.0
W1-W2
 
 
 
 
 
pass mag. cut
fail mag. cut
pass mag. cut, lack 2MASS
artifact/high proper motion
Figure 3.3: Zoomed in version of Fig. 3.2 showing the results of the color and magnitude cuts. The region
within the orange dashed line is identical to the hashed region in Fig. 3.2. (left) Results of the color cuts
described in §3.2.3. All large points inside passed the NUV−W1 and W1 −W2 color cuts. Points lying
outside the parameter space of OB stars can still pass the color cuts if their 1σ uncertainties potentially place
them within the OB star region. Filled grey points represent stars that also passed the J −H and H −K
cuts using 2MASS data. Red triangles represent stars that failed the J − H and H − K cuts. Blue filled
squares represent stars that but lacked 2MASS data. The grey and blue points are kept and passed through
the magnitude cuts. (right) Results of the magnitude cuts described in §3.2.3. Stars that failed the previous
color cuts are shown as small black dots. Filled grey points represent stars that passed the NUV, W1, and
J band magnitude cuts assuming the Smith Cloud is at a distance of 12.4 kpc. Red triangles represent stars
that failed the magnitude cuts in at least one band. Blue points represent stars that passed the NUV and
W1 magnitude cuts but lacked 2MASS data. The X’s denote stars that were cut due to having high proper
motions or were potentially affected by GALEX NUV image artifacts. The 34 grey and blue points without
X’s make up our final sample of candidate OB stars shown in Fig. 3.5.
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stars, four have cataloged proper motions, three of which yield velocities ∼1000 km s−1 or larger, which we
judge to be unrealistically high and reject. The remaining star has a velocity > 70 km s−1. We deem this
to be plausibly associated with the Smith Cloud and keep it in the list of OB star candidates.
After accounting for measured proper motions, we examined all artifact flags in the GALEX catalog,
and an additional five stars were rejected due to their fluxes being potentially corrupted by NUV artifacts.
The combination of rejecting stars with high proper motions and those potentially affected by NUV artifacts
serendipitously removes any dependence of our final result on the distance to the cloud. As described above,
the magnitude cuts reject slightly different numbers of stars depending on the assumed distance. Of the
stars that were rejected at some distances but not others, all of them either had high proper motion or were
affected by NUV artifacts, so ended up being rejected regardless of their apparent magnitudes. In summary,
we are left with a total of 34 candidate OB stars found in the Smith Cloud field, 21 of which fall directly on
the cloud.
Several of our final candidate OB stars lie at much bluerW1−W2 colors than expected for main sequence
stars (which typically have W1−W2 ∼ 0; see §3.2.3). Fig. 3.4 shows a WISE color-magnitude diagram for
all stars with NUV−W1 < 1.8. Stars at dimmer magnitudes tend to be biased towards bluer colors. Thus,
we consider objects with such blue W1−W2 colors as valid OB star candidates, and attribute their unusual
colors to large photometric uncertainties.
Control Field
In the control field, the GALEX , WISE, and 2MASS color cuts leave 11 candidate stars, all of which
have 2MASS magnitudes. All of these stars pass the apparent magnitude cuts over the entire range of
possible distances to the Smith Cloud. An additional two stars are removed for having large proper motions,
and three more stars are removed due to potential contamination from NUV artifacts. This selection leaves
six candidate OB stars in the control field.
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Figure 3.4: W1 vs. W1 −W2 for all stars in the Smith Cloud field with NUV-W1 < 1.8. At dimmer mag-
nitudes, colors tend to be biased towards bluer values in conjunction with larger photometric uncertainties.
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Figure 3.5: The final 34 candidate OB stars (blue) overlaid on the Smith Cloud H I column density map.
The red filled region indicates the spatial extent of our GALEX data, while the solid black line indicates
the 5× 1019 cm−2 contour used to define the edge of the cloud.
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Table 3.3: OB Star Candidates in Different
Regions
Region N Area Density
(kpc2) (kpc−2)
On Cloud 21±4.6 0.28 75.0±16.4
Off Cloud 13±3.6 0.23 56.5±15.7
On+Off Cloud 35±5.9 0.51 68.6±11.5
Control 6±2.4 0.16 37.5±15.0
On Cloud − Control 11±6.2 0.28 39.3±22.1
Leo P 7±2.7 0.39 17.9±6.9
We adopt a distance of 12.4 kpc (Lockman et al.
2008) to calculate the physical area of all regions ex-
cept Leo P, for which we adopt a distance of 1.75 Mpc
(Giovanelli et al. 2013).
3.3.2 Likelihood of Association
The numbers of stars and projected space densities in each region are presented in Table 3.3. The
uncertainties in Table 3.3 are computed using Poisson statistics so that the uncertainty of each measurement
of N stars is
√
N . As discussed before, there does not appear to be any additional uncertainty introduced
due to the uncertainty in the distance to the Smith Cloud or its metallicity.
The 34 final candidate OB stars in the Smith Cloud field are overlaid on the H I column density map in
Fig. 3.5 and the surface densities of OB candidate stars in each region are compared in Fig. 3.6. Stars are
preferentially found in the region we have defined to be ‘on’ the cloud, but the number of stars found ‘on’
versus ‘off’ the cloud are the same within their uncertainties. Several stars are positioned very close to the
cloud border, so that increasing the limiting column density by only 0.1 dex would cause six more stars to
fall in the ‘off’ region, making the density of stars ‘off’ the cloud larger than ‘on’, although these numbers
are still consistent within their uncertainties (lighter points in Fig. 3.6).
Instead of separating the Smith Cloud field into regions ‘on’ and ‘off’ the cloud, we could justifiably
consider the possibility that all stars in this region are associated with the Smith Cloud. This assumption
is reasonable considering stars can drift away from their birth clouds over the course of their lifetimes.
Observations of young clusters show typical radial velocity dispersions of ∼20 km s−1 (see, e.g., the study
of the Perseus OB2 association by Steenbrugge et al. 2003). Multiplying this by the typical age of a B star
(∼100 Myr), drift distances of up to 2 kpc are possible over OB star lifetimes, equivalent to 9.4 degrees at
the distance of the Smith Cloud. This angular radius encompasses > 16 times the area of all our GALEX
coverage on the Smith Cloud.
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Regardless of whether we assume all stars in our GALEX fields are associates with the cloud, or only
those within the NHI = 5× 1019 cm−2 contour, the spatial density of stars is higher than the density of stars
in the control field, but not at a statistically significant level (Fig. 3.6).
3.4 Discussion
3.4.1 Comparison to Theoretical Expectations
It is instructive to ask how many OB stars we might actually expect to form in an object such as the Smith
Cloud. To address this question, we measure the typical gas surface density in the cloud and use it to infer the
range of possible star formation rate surface densities. In regions within the outermost NHI = 5× 1019 cm−2
contour and overlapping our search fields, the median column density is 1.5 × 1020 cm−2 or 1.2 M⊙ pc−2
(not corrected for Helium). Bigiel et al. (2010) examined the relationship between star formation rate and
H I surface density (also without Helium corrections) on sub-kpc scales in the outer disks of dwarf galaxies,
and found that 75 per cent of regions at comparable gas density form stars at rates between approximately
10−(4.2−5.2)M⊙ yr
−1 kpc−2. We use this range of star formation rates to calculate the number of OB stars
at masses greater than 2.15M⊙ (corresponding to stars > 10
4 K according to the same tabulations of stellar
properties referenced in §3.2.3) expected under two scenarios: (1) one where the Smith Cloud has been
forming stars continuously for 10 Gyr, and (2) another where the Smith Cloud has been forming stars only
since its first impact with the Milky Way 70 Myr ago (Lockman et al. 2008; Nichols & Bland-Hawthorn
2009). In both cases, we assume that the star formation follows a Salpeter IMF, that the star formation
rate and average H I surface density have remained constant, and that stellar ages can be approximated by
τMS = 10
10(M/M⊙)
−2.5 yr.
Under the 10 Gyr scenario, we expect between 45 and 390 OB stars on the ‘ON’ field of the Smith
Cloud (or ∼160–1380 kpc−2), far more than we observe. Under the 70 Myr scenario, we would expect to find
between 5 and 40 OB stars (or ∼18–140 kpc−2) in this same region, which is consistent with the observations.
The grey region in Fig. 3.6 shows the range of OB star densities we would expect to measure in the 70 Myr
scenario. Unfortunately, this range does not allow us to reject or confirm the Smith Cloud as a star forming
cloud because all the regions considered, including the control field, are consistent with this star formation
scenario.
There are differing estimates of the minimum stellar mass associated with T> 104 K main sequence OB
stars. Alternative tabulations by Zombeck (2007) suggest a more appropriate minimum mass is 2.75 M⊙.
Applying this adjustment to the above calculations lowers the expected number of OB stars based on the
gas density. Under the 10 Gyr scenario, we now expect between 15 and 148 OB stars on the ‘ON’ field of
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the Smith Cloud, while under the 70 Myr scenario we now expect to find between 3 and 30 OB stars. The
number of OB stars from the 10 Gyr scenario now agrees with the observed value within the uncertainties.
For comparison, instead of calculating the expected number of OB stars based on the star formation rate
estimated using gas density, we can reverse the calculation to estimate what star formation rate would yield
our observed number of stars, again assuming constant star formation over either the last 10 Gyr or 70 Myr,
that the star formation follows a Salpeter IMF, and the minimum OB star mass is 2.15M⊙. First, we assume
all 21 candidate OB stars on the cloud are indeed associated with the cloud. To recreate our observations
under the 10 Gyr scenario would require a star formation rate surface density of 10−5.5±0.1M⊙ yr
−1 kpc−2.
Under the 70 Myr scenario, a star formation rate surface density of 10−4.5±0.1M⊙ yr
−1 kpc−2 would create
the observed number of stars. Alternatively, if we proceed with the assumption that the OB star density
measured in the control field is a good measure of the background from the Milky Way, then 11 out of the 21
observed stars are actually associated with the Smith Cloud. This implies star formation rate surface densities
of 10−5.8±0.3M⊙ yr
−1 kpc−2 and 10−4.8±0.3M⊙ yr
−1 kpc−2 for the 10 Gyr and 70 Myr scenarios respectively.
The 70 Myr scenario is the only one consistent with the expected range of star formation rates based on the
gas surface density (using the relation from Bigiel et al. 2010). However, if we use a minimum B star mass of
2.75 M⊙, then the estimated star formation rate surface densities change to 10
−5.3±0.3M⊙ yr
−1 kpc−2 and
10−4.65±0.3M⊙ yr
−1 kpc−2. In this case, both the 10 Gyr and 70 Myr scenarios agree with the expected star
formation rates based on the gas density.
3.4.2 Comparison with Leo P
The newly discovered galaxy Leo P was originally identified as a UCHVC within the ALFALFA survey
(Giovanelli et al. 2010). Follow-up observations by McQuinn et al. (2013) and Rhode et al. (2013) revealed
the clear presence of a stellar population and ongoing star formation, making it the best existing example
of an ‘HVC turned galaxy’. Since we are trying to determine whether the Smith Cloud is a similar object,
it is instructive to compare its properties with Leo P.
Despite its original designation as a UCHVC, Leo P is not dramatically smaller than the Smith Cloud.
Shown in Fig. 3.7, H I observations with the JVLA and Arecibo reveal that it is approximately 1/3 the size
of the Smith Cloud and has almost an equivalent H I mass (Giovanelli et al. 2013). However, given the Smith
Cloud’s recent history of interaction with the Milky Way, its original H I mass may have been much larger
(∼10 times greater according to Nichols & Bland-Hawthorn 2009), and it has an ionized gas component equal
to or greater than its neutral component (Hill et al. 2009). The ionized gas fraction of Leo P is unconstrained.
The peak H I column densities of the Smith Cloud and Leo P are very comparable. At an equivalent spatial
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Figure 3.6: The measured density of candidate OB stars in different regions of this study. The blue band
represents the range in surface density of OB stars given the range in possible star formation rates based
on the typical gas density of the cloud, and assuming star formation began 70 Myr ago when the cloud first
passed through the Galactic disk. The lighter points immediately to the right of the ‘ON’ and ‘OFF’ points
represent the values if the HI column density used to define the edge of the cloud is increased by 0.1 dex.
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resolution of ∼30 pc, both show comparable peak column densities around ∼ 5× 1020 cm−2 (Lockman et al.
2008; Bernstein-Cooper et al. 2014). Leo P has a gas phase metallicity of ∼3% Z⊙ (Skillman et al. 2013),
consistent with (or possibly even lower than) that of the Smith Cloud.
Deep V and I band imaging of Leo P was presented in McQuinn et al. (2013). We use the V − I color-
temperature relation of Worthey & Lee (2011) to isolate OB stars with surface temperatures > 104 K, or
V − I < 0.036. Using this color cut, we find a total of 7 OB stars in Leo P. Like we did for the Smith
Cloud, if we use the approximate area within the 5×1019 cm−2 contour (which contains all the identified OB
stars, although the photometric data extend to larger radius), we obtain an OB star density less than that
found in the direction of the Smith Cloud (see Fig. 3.6, Table 3.3). Therefore, if Leo P were placed at the
position of the Smith Cloud, its OB star population would not be detected to a statistically significant level
by our analysis. This result implies that star formation within the Smith Cloud may be present but simply
undetected due to Milky Way contamination.
3.5 Conclusions
Using a combination of 21cm, NIR, and UV data, we conducted a search for young stars potentially
associated with the Smith Cloud, an HVC currently on a collision course with the Milky Way. Using a
combination of color and apparent magnitude cuts, we identified 34 candidate OB stars out of ∼40,000
sources in a field overlapping the Smith cloud, with 21 of these stars falling directly over the cloud, although
this number is sensitive to the specific definition of the cloud edge. Regardless, the number density of
candidate stars in the Smith Cloud field is slightly higher than the density of a control region, but not at a
statistically significant level.
We have compared the number of candidate OB stars to theoretical expectations based on the gas density
of the cloud. We find that the number of candidate stars is consistent with a scenario where constant star
formation began 70 Myr ago when the cloud first impacted the Galactic disk, but is not consistent with a
scenario where the cloud has been constantly forming stars over the last several Gyr. We estimate the star
formation rate surface density of the cloud to be 10−4.8±0.3M⊙ yr
−1 kpc−2, again assuming constant star
formation triggered ∼70 Myr ago.
Lastly, we have compared the properties of the Smith Cloud with those of the recently discovered star
forming galaxy that was originally classified as a UCHVC, Leo P. We find that these two objects have
comparable H I properties (mass, size, peak column density) and gas-phase metallicities. Leo P, although
hosting a stellar population and ongoing star formation, would not be detectable via our method if it were
placed at the position of the Smith Cloud. This means that if the Smith Cloud is forming stars, it may be
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Figure 3.7: Leo P’s size relative to that of the Smith Cloud if both were placed at the same distance. Outlines
represent the 5×1019 cm−2 contours. The Smith Cloud outline is based on an H I map convolved to 200
pc resolution. The Leo P shape is an approximation based on the published radius and axis ratio from
Giovanelli et al. (2013). Peak column densities come from Lockman et al. (2008) and Bernstein-Cooper et al.
(2014).
74
doing so at a low rate comparable to dwarf galaxies like Leo P and yet be indiscernible from the Milky Way
foreground using our photometric techniques alone.
On the other hand, if the Smith Cloud is not forming stars, this raises the question of how it is different
from Leo P. Both objects show comparable maximum column densities, but Leo P’s column density may
translate into a higher volume density since the gas is confined to a disk, whereas the Smith Cloud has
an unknown thickness along the line of sight. Any lack of star formation in the Smith Cloud would be
unlikely to be due to metallicity considering that Leo P’s metallicity is comparable to the Smith Cloud’s.
A final major consideration is the difference in dynamical properties of these systems. The Smith Cloud is
undergoing a major interaction with the Milky Way. While the tidal forces or cloud collisions involved in
this interaction could promote star formation (initially, we thought this interaction might raise the likelihood
of seeing star formation), the cloud’s disruption may impart enough additional turbulence to help support
against collapse, all while gas is continuously being removed via stripping by the corona (Heitsch & Putman
2009). Meanwhile, Leo P is relatively isolated with no known object within 0.5 Mpc (McQuinn et al. 2013).
However, any effect attributed to these differences is at this point speculative, as our data are consistent
with the possibility that the Smith Cloud does host star formation.
Our results leave open the possibility that the Smith Cloud is a galaxy yet waiting to be discovered.
Unfortunately, its position with respect to the Milky Way and its vast extent make studying it challenging.
Spectroscopy of the stars at the position of the Smith Cloud, to identify distinct kinematics or metallicities,
is a potentially promising path to determine whether it hosts its own stellar population.
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CHAPTER 4: The RESOLVE Survey: Atomic Gas Census and Environmental Influences
on Galaxy Gas Reservoirs
We present the 21cm census for the RESOLVE survey, a volume-limited census of the z = 0 galaxy
population spanning diverse environments and complete down to dwarf galaxy mass scales. This first data
release provides robust detections or upper limits (< 5 − 10% of the stellar mass) on H I mass for ∼90% of
the full sample. The H I census is combined with metrics that parametrize galaxy environments from group
scales (nearest neighbor distances and group dark matter halo masses) up to large-scale structure (mass
density of the cosmic web and classification into filaments, walls, and voids). Using this information, we
examine the influence of small- and large-scale environment on the global H I-to-stellar mass ratios and H I
profile asymmetries. We show that at fixed stellar mass, satellite galaxies residing in group dark matter
halos with masses down to ∼1012M⊙ have lower gas fractions compared to centrals, suggesting mechanisms
that deplete gas reservoirs are active even in moderate-mass groups. At fixed halo mass, satellites residing
in large-scale filaments are ∼10 times more gas-rich than satellites in large-scale walls, and this difference
is too large to be explained by the different stellar mass distributions in filaments versus walls. This result
is consistent with walls being in more evolved state compared to present-day filaments. Additionally, we
find the fraction of gas-depleted singleton galaxies in low mass (< 1011.4M⊙) halos grows with increasing
large-scale cosmic mass density. These systems tend to cluster within two virial radii of larger groups,
suggesting their low gas content is the result of flyby interactions with the larger groups. We find no link
between H I profile asymmetries and environment, but we identify two oppositely directed biases in profile
asymmetry measurements that limit our ability to interpret this result and may have general relevance for
other H I surveys: a systematic underestimation of profile asymmetry when a systemic velocity measured
from the profile itself is used, and an overestimation of profile asymmetry caused by confusion from low mass
companions below the magnitude limit of the survey.
4.1 Introduction
Galaxy gas reservoirs are the raw fuel for star formation and thus play a key role in galaxy evolution.
At the same time, there is significant evidence to suggest galaxies are influenced by their surrounding envi-
ronment. Understanding the extent to which environment governs galaxy gas content is thus a fundamental
ingredient to understanding galaxy assembly as a whole. The galaxy-environment interplay is not simple,
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with galaxies potentially being influenced by their environment on multiple scales via a variety of physical
processes.
One of the earliest signs that galaxies are influenced by their environment was the discovery of the
morphology-density relationship (Hubble & Humason 1931; Oemler 1974; Dressler 1980), which shows that
the fraction of early type galaxies increases in cluster environments. Since then, several studies have shown
the effects of the cluster environment on galaxy properties. A color-density relation was found which trans-
lates into the physical understanding that galaxies in dense regions have lower star formation rates and
typically older ages than those in the field (Kennicutt 1983; Go´mez et al. 2003; Cooper et al. 2010). Fur-
ther observations revealed that galaxies in dense environments show gas deficiencies (Davies & Lewis 1973;
Haynes et al. 1984; Solanes et al. 2001; Cortese et al. 2011; Catinella et al. 2013) while the most gas-rich
galaxies are often found in the least dense environments in the universe (Meyer et al. 2007; Martin et al.
2012).
Environmental processes compete between supplying and depleting gas reservoirs. For example, the low
cold gas content among galaxies in dense environments can be attributed to mechanisms that starve galaxies
of gas (e.g., strangulation; Kawata & Mulchaey 2008) or directly remove it (e.g., tidal, ram-pressure, or
viscous stripping; Gunn & Gott 1972, Nulsen 1982, Kenney et al. 2004). In the absence of these processes,
galaxies likely acquire gas from their surroundings over time. Fresh gas infall is needed to explain the roughly
constant star formation history of the Milky Way (Twarog 1980), as well as the heavy element abundances
in its stellar populations (Chiappini et al. 2001). Regular (and possibly overwhelming) gas infall is needed to
explain the high gas content and exponential stellar mass growth of many dwarf galaxies in the local universe
(Kannappan et al. 2013), and there are multiple examples of galaxies that appear to be (re-)growing their
gas and stellar disks (Thilker et al. 2007; Kannappan et al. 2009; Cortese & Hughes 2009; Lemonias et al.
2011; Moffett et al. 2012; Salim et al. 2012; Stark et al. 2013).
A fundamental way that galaxies acquire new gas is through hierarchical merging (Lacey & Cole 1993),
while a more subtle but extremely important alternative mechanism is the steady accretion of the IGM,
i.e. “cosmological accretion.” The last decade has shown many advancements in our understanding of how
cosmological gas accretion relates to dark matter halos. Traditional theory suggests that as gas enters a dark
matter halo, it shock heats to the halo’s virial temperature before slowly cooling onto the galaxy (Rees &
Ostriker 1977; Silk 1977; White & Rees 1978). Newer analytical models and numerical simulations show that
at low enough halo mass, the cooling timescale is short enough that infalling gas can avoid shock heating
to the virial temperature t(Birnboim & Dekel 2003; Keresˇ et al. 2005, 2009; Dekel & Birnboim 2006). This
“cold mode” of accretion takes the form of gas streams that penetrate into halos along cosmic filaments and
can deposit cool gas onto galaxies much more rapidly than the traditional “hot” mode.
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The key group halo mass scales found in numerical simulations can be related to observed trends in
galaxy properties. The halo mass scale below which cold-mode accretion is expected to dominate over
hot-mode accretion (∼ 1011.4M⊙; Keresˇ et al. 2009) matches the observed “gas-richness threshold scale”
(Kannappan et al. 2009, 2013), where gas-dominated galaxies become the norm. The scale above which cold-
mode accretion is no longer present (∼ 1012M⊙; Keresˇ et al. 2009) matches the “bimodality mass”, which
marks a transition between star-forming and “quenched” galaxies (Kauffmann et al. 2003; Kannappan et al.
2009, 2013). More recent simulations suggest that cold-mode accretion may be less important that previously
thought, with infalling streams likely getting disrupted in the inner halo before reaching the galaxy (Nelson
et al. 2013). However this effect is at least somewhat balanced by a faster cooling rate for gas accreted via
the hot mode.
Direct detection of infalling cool streams predicted by simulations is difficult, largely because the streams
are in a low density, warm-hot ionized state that lacks detectable emission at low redshift (Bregman 2007).
Still, multiple potential detections have been reported. At high redshift there have been a number of
studies that detected gas through Lyman-α emission or absorption with properties consistent with cold-
mode accretion (Nilsson et al. 2006; Ribaudo et al. 2011; Kacprzak et al. 2012; Bouche´ et al. 2013; Crighton
et al. 2013; Martin et al. 2014). At lower redshifts, the COS-Halos survey has shown that the circumgalactic
medium of ∼ L∗ galaxies can contain large amounts of gas that is below the halo virial temperature and is
not in hydrostatic equilibrium. This sample is largely composed of high-mass galaxies though, where cold
accretion is less expected, and the authors argue that this gas is more consistent with having been ejected
from the central galaxy rather than originating from filamentary inflows (Werk et al. 2014). However, a
C IV absorption system has been discovered that is consistent with tracing cold gas inflow onto a local dwarf
galaxy (Burchett et al. 2013). In the Local Group, large numbers of neutral and ionized gas clouds (high
velocity clouds) have been detected (Wakker & van Woerden 1997; Sembach et al. 2003; Braun & Thilker
2004). These clouds have multiple possible origins, but some of them may be examples of pristine gas infall.
Deep searches pushing down to extremely low H I column densities around nearby spiral galaxies have found
extended low density gas potentially consistent with cold-mode accretion, but it may also be debris from
tidal interactions (Pisano 2014; de Blok et al. 2014).
Although not necessarily detections of infalling gas streams, 21cm observations of z ∼ 0 galaxies have
revealed potential signatures of late-stage gas accretion such as high rates of H I profile asymmetries, even
in isolated systems (Richter & Sancisi 1994; Haynes et al. 1998; Espada 2011), and resolved studies show
many cases of extended, warped, and lopsided gas disks (see Sancisi et al. 2008 and references therein).
Again, it is difficult to distinguish the influence of tidal interactions as opposed to cosmological accretion
in case studies of irregular gas morphologies, and large statistical studies potentially provide a better path
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towards understanding drivers of irregular gas distributions. For example, Bournaud et al. (2005) noted
that given the timescales of asymmetries driven by galaxy encounters (∼1 Gyr) as well as the prevalence for
high asymmetries even among isolated galaxies, galaxy interactions are unlikely to explain the high rate of
observed asymmetries, suggesting that stream-fed accretion is responsible for a significant fraction of cases.
However, this interpretation is thrown into question by simulations showing the observability timescales for
interaction induced lopsidedness may be > 1 Gyr for dwarf and/or gas-dominated galaxies (Lotz et al. 2010;
Yozin & Bekki 2014), and potentially longer if considering observations of gas instead of stars (Holwerda
et al. 2011). An alternate explanation of asymmetries is that they are a generic feature of galaxies and may
be driven by a number of internal galaxy instabilities, e.g., lopsided dark matter halos (Jog 2002), offsets
between the center of the halo and the center of the gas distribution (Levine & Sparke 1998; Noordermeer
et al. 2001), non-circular motions (Baldwin et al. 1980), or internally generated lopsided modes in stellar disks
(Saha et al. 2007). Yet another possible explanation is that asymmetries are the result of interactions with
“dark” subhalos (Chakrabarti & Blitz 2009; Chakrabarti et al. 2011; Starkenburg & Helmi 2015). Exploring
whether gas asymmetries show any link to environments could shed further light on whether they are the
result of external or internal drivers.
Generally speaking, past work has painted a picture where galaxy gas reservoirs are largely governed
by dark matter halos and their internal environments: gas accretion rates appear to be closely tied to the
masses of dark matter halos, as are many processes that deplete gas content (e.g., ram pressure stripping).
However, a halo’s influence may not be limited to regions within its virial radius. Multiple studies have
found signatures of gas depletion and/or star formation quenching out to at least two times the virial radius
of large groups and clusters (Hansen et al. 2009; Lu et al. 2012; Rasmussen et al. 2012; Wetzel et al. 2012,
2014). These observations are often attributed to galaxies on highly elliptical orbits that enter and exit
halos, experiencing the gas-depletion and quenching effects of the halo, but being able to escape its inner
regions, at least temporarily (so called “flyby interactions, “ejected satellites”, or “splashback galaxies”; Gill
et al. 2005, Sinha & Holley-Bockelmann 2012).
Processes within the larger-scale environments outside dark matter halos may also impact galaxy evo-
lution, but the results of past analyses are sometimes contradictory. Lietzen et al. (2012) find that groups
at fixed richness have a larger passive galaxy fraction if they reside within superclusters compared to non-
supercluster environments. This trend could reflect the earlier formation of groups in superclusters (Cowie
et al. 1996), while the IGM within superclusters is now too hot to feed the galaxies residing there (Cen
2011). Changing the focus to lower density environments, Kreckel et al. (2012) examined the properties of
galaxies lying in the deepest underdensities of geometrically identified voids and found that half of them
showed possible signatures of ongoing gas accretion, a significantly higher rate than was previously found
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in “isolated” galaxies (defined based on their proximity to other galaxies; Pisano & Wilcots 2003, Espada
2011). However, Kreckel et al. (2012) argue that the gas and star formation properties of void galaxies are
no different from galaxies at similar stellar masses in higher density environments.
Cosmic web filaments may also affect galaxy properties, but their specific impact is not yet clear. Cosmo-
logical numerical simulations show that gas flows into halos are directed along cosmic web filaments, possibly
explaining the observed alignments between galaxies and their satellite distributions with the axes of their
host filaments and walls (Zhang et al. 2013; Tempel et al. 2013; Codis et al. 2014). One might also expect
these gas flows to more effectively deliver fuel to galaxies in filaments compared to other environments, and
indeed Courtois et al. (2015) find that the most H I-massive (MHI > 10
10M⊙) galaxies are preferentially
found in dynamically identified large-scale filaments. However, Bahe´ et al. (2013) use cosmological hydrody-
namical simulations to argue that the IGM in filaments actually leads to ram pressure stripping of galaxies’
hot halo gas (particularly at M∗ < 10
10M⊙), essentially reducing their potential to replenish their cold gas
reservoirs. The (Bahe´ et al. 2013) result appears contradictory to the Courtois et al. (2015) result, although
a direct comparison is complicated by the fact that Bahe´ et al. (2013) examine gas fractions normalized by
stellar mass, while Courtois et al. (2015) examine absolute gas mass regardless of stellar mass. Meanwhile,
Porter et al. (2008) find an enhancement in star formation among filament dwarf galaxies 1.5–2 virial radii
from the nearest massive cluster, and they argue this enhancement is driven by galaxy-galaxy harassment in
filaments as galaxies fall into clusters. Unifying all these different results into a clear picture will require a
thorough statistical analysis that combines robust measurements of galaxy mass components, halo masses,
and large-scale structure.
At the opposite end of the spectrum, very local interactions can also affect gas properties. Interactions
drive the conversion of H I into H2 and the subsequent consumption of gas through star formation (Young &
Knezek 1989; Braine & Combes 1993; Lisenfeld et al. 2011; Stark et al. 2013), although Ellison et al. (2015)
find no sign of significant gas depletion in post-merger systems. The acquisition of gas via mergers may
be more complex than the simple picture of one galaxy adding its gas and stars to another. Interactions
between galaxies may promote cooling of the surrounding hot halo gas to provide an additional means of
refueling disks (Moster et al. 2011; Tonnesen & Cen 2012). Recent cosmological simulations support this
idea by showing ∼20% enhancements in H I fractions among post-merger galaxies (Rafieferantsoa et al.
2014). Observationally, Casasola et al. (2004) find higher gas fractions among interacting galaxies at fixed
morphological type, although the authors note that an interacting galaxy may not have the same morphology
as when it was non-interacting, and they also did not address whether the difference in gas fractions could be
attributed to different stellar mass distributions among interacting and normal systems at fixed morphology.
The predicted gas cooling effect in mergers could be most pronounced at lower dark matter halo mass,
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particularly in the rapid cooling regime . 1011.4M⊙, but this has not yet been explored.
In this work, we present the first 21cm data release for the RESOLVE survey, a new volume-limited
census of galaxies in the local universe that has a large dynamic range of group halo masses (1011−14M⊙),
includes diverse large-scale structures (filaments, walls, clusters, voids), and is complete down to the dwarf
galaxy regime (baryonic mass ∼ 109−9.2M⊙). The RESOLVE survey and its H I census are ideally suited
for environmental studies of gas content and naturally lend themselves to studies that can make use of (a)
global H I-to-stellar mass ratios, and (b) H I profile asymmetries. This information can be used to address
multiple key questions: (1) How does gas fraction scale with halo mass? Do centrals and satellites behave
differently? Does the observed gas depletion observed in proximity to large clusters and groups also occur in
more moderately sized dark matter halos? (2) Do the large-scale environments beyond group dark matter
halos play a role in regulating galaxy gas fractions? Specifically, does gas content depend on the geometry
and/or density of the large-scale cosmic web? (3) How do local interactions affect cold gas reservoirs? In
particular, is there any evidence that mergers can enhance gas fractions, and if so, is this effect restricted
to certain environments? (4) Do environmental processes that affect gas fractions always equivalently affect
galaxy properties that correlate with gas fractions, such as specific star formation rate and galaxy structure,
or can these properties vary independently? (5) How do H I profile asymmetries distribute as a function
of environment? Are the rate and environmental distribution of profile asymmetries consistent with being
driven by interactions, gas accretion, or some combination of the two?
All of these questions probe the physics governing the fuel for star formation, which is a core component
of a complete model of galaxy evolution. In this work, we do not attempt to address all the questions posed,
but focus on those most readily addressed with our H I census: first, the relationship between gas content,
group halo mass, and geometry/density of large-scale structure, and second, the dependence of H I profile
asymmetries on these same environment metrics. Source confusion within the survey makes quantifying
the impact of local interactions on cold gas reservoirs complicated, so for now we consider the role of local
interactions only in relation to H I profile asymmetries, deferring the study of their impact on cold gas
content to later work. Although source confusion generally affects our ability to measure gas fractions, we
do not expect it to affect the majority of our sample, and we will show that we can often use independent
kinematic information to place strong constraints on 21cm fluxes even in the presence of confusion. Lastly, a
complete understanding of the interplay between gas fractions, specific star formation rates, galaxy structural
parameters, and environment is also deferred to future work.
After presenting our new 21cm census, we describe several metrics used to trace small- and large-scale
environment. With this information, we first show that gas depletion of satellites is observed in group halo
masses down to ∼ 1012M⊙. Furthermore, at fixed group halo mass, we find that satellites in large-scale
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walls show systematically lower gas fractions than satellites in large-scale filaments. We then demonstrate
how the fraction of gas-depleted, low-mass galaxies in generally singleton halos (i.e., halos with only one
member) grows with increasing large-scale structure density, and that these gas-depleted systems tend to
cluster around more massive group halos. We interpret these findings from the point of view of the physical
processes occurring within and around group dark matter halos and large-scale structure. We conclude by
showing that the distribution of H I profile asymmetries is generally independent of halo mass and large-scale
structure, except for a difference between isolated and non-isolated low halo mass galaxies in filaments. We
discuss whether our results are consistent with scenarios in which cold-mode accretion or galaxy interactions
are the primary driver of H I profile asymmetries, but ultimately conclude that two biases in our profile
asymmetry measurements prevent us from drawing robust conclusions and may be relevant to other studies
of H I profile asymmetries.
4.2 Data and Methods
4.2.1 The RESOLVE Survey
The RESOLVE (REsolved Spectroscopy Of a Local VolumE) is a volume limited census of galaxies in the
local universe with the goal of accounting for all baryonic mass, dark matter mass, kinematics, star formation,
and metallicities within a statistical subset of the z = 0 galaxy population. A complete description of the
survey design will be presented in Kannappan et al. (in prep), but we briefly summarize the key aspects of
the survey here.
Survey Definition
RESOLVE covers two equatorial strips, denoted “RESOLVE-A” and “RESOLVE-B”, whose combined
volumes total ∼52,000 Mpc3. RESOLVE-A spans RA=8.75h–15.75h and DEC=0◦–5◦, and RESOLVE-B
spans from RA=22h–3h and DEC=-1.25◦–1.25◦. Both regions are bounded in Local Group-corrected helio-
centric velocity from VLG=4500–7000 km s
−1. Survey membership is based on the redshift of the group to
which each galaxy is assigned (see §4.2.5) to avoid cases where peculiar velocities artificially push galaxies
inside or outside the nominal RESOLVE volume.
RESOLVE is designed to be baryonic mass limited (defined here as Mb = M∗ + 1.4MHI, where M∗ is
the stellar mass and 1.4MHI is the atomic hydrogen gas mass corrected for the contribution from helium)
as opposed to stellar mass limited. The total baryonic mass is chosen since it is a more fundamental way
to characterize the total mass of a galaxy. This is seen, for example, in the necessity to include gas mass to
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obtain a linear Baryonic Tully-Fisher relation (McGaugh et al. 2000), or the observed transition in galaxy
gas-fractions and morphological properties being most closely associated with a baryonic, not stellar, mass
scale (Kannappan et al. 2013). RESOLVE is initially defined using an r-band selection, which more closely
traces baryonic as opposed to stellar mass (Kannappan et al. 2013). RESOLVE lies inside the SDSS redshift
survey footprint, which is further supplemented by the Updated Zwicky Catalog (UGC; Falco et al. 1999),
HyperLEDA (Paturel et al. 2003), 2dF (Colless et al. 2001), 6dF (Jones et al. 2009), GAMA (Driver et al.
2011), and RESOLVE observations (Kannappan et al. in prep). These combined redshift data yield absolute
r-band completeness limits of Mr < −17.33 and Mr < −17 in RESOLVE-A and RESOLVE-B, respectively
(the latter being deeper largely due to the overlap with the deeper Stripe-82 SDSS field).
The baryonic mass completeness limits are estimated by considering the range of possible baryonic mass-
to-light ratios at the absolute magnitude limit, which yields completeness limits of Mb = 10
9.3M⊙ and
Mb = 10
9M⊙ in RESOLVE-A and RESOLVE-B, respectively. Since gas mass information was not available
at the start of the RESOLVE survey, the sample was initially selected using absolute r-band magnitude,
but indirect gas mass estimators (see §4.2.6) were used to identify sample candidates with dimmer r-band
magnitudes but potentially high baryonic mass-to-light ratios. Objects lacking gas information have since
been targeted for 21cm follow-up to refine RESOLVE’s baryonic mass selection.
Custom Photometry and Stellar Masses
This chapter presents new 21cm data, but the RESOLVE survey benefits from a variety of multi-
wavelength data. An optical spectroscopic survey is underway, primarily with the SOAR 4.1m telescope, but
also using SALT, Gemini, and the AAT. These observations provide either stellar or ionized gas kinematics
as well as gas and stellar metallicities. RESOLVE also overlaps with several multi-wavelength photometric
surveys spanning near infrared to ultraviolet wavelengths, including SDSS ugriz (Aihara et al. 2011), 2MASS
JHK (Skrutskie et al. 2006), UKIDSS YHK (Hambly et al. 2008), and GALEX NUV (Morrissey et al. 2007).
All photometric data have been reprocessed through custom pipelines to yield uniform magnitude measure-
ments and improved recovery of low surface brightness emission (i.e., dwarf galaxies and outer disks). Total
magnitudes are calculated using multiple techniques to enable realistic uncertainty estimates. A thorough
explanation of the photometric pipeline is presented in Eckert et al. (submitted).
The new uniform photometry is used to calculate stellar masses (used extensively in this work) using the
SED fitting code described in Kannappan & Gawiser (2007) and modified in Kannappan et al. (2013). We
use the second model grid from Kannappan et al. (2013) which combines a old simple stellar populations
with age ranging from 2–12 Gyr and a young stellar population described either by continuous star formation
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from 1015 Myr ago till between 0 and 195 Myr ago, or as a simple stellar population with age 360, 509, 641,
806, or 1015 Myr. For each model, the stellar mass is calculated and given a likelihood based on the χ2 of
the model fit. The stellar masses and likelihoods are then combined into a likelihood weighted stellar mass
distribution, and the median of this distribution is used as the final stellar mass. The stellar masses are
given in Eckert et al. (submitted).
4.2.2 21cm Data
Here we present the 21cm census for the RESOLVE survey. The goal of this census is to obtain strong
detections (integrated S/N > 5–10) or upper limits (1.4MHI/M∗ < 0.05− 0.1) for the atomic gas reservoirs
of all galaxies in RESOLVE. In the following sections, we describe the source of our 21cm data, resulting
products, and the current status of the census.
ALFALFA and Other Literature Data
The Arecibo Legacy Fast ALFA (ALFALFA) survey (Giovanelli et al. 2005) overlaps 85% of the RESOLVE
footprint (only lacking coverage in RESOLVE-B at Dec < 0◦), and provides useful data for ∼65% of the
galaxies within this overlap region, or ∼55% of the entire RESOLVE survey. The blindly detected 21cm
sources in the standard ALFALFA catalog are cross-matched with RESOLVE using a match radius of 2′,
corresponding to the spatial resolution of the final ALFALFA data cubes. Additionally, we search the
ALFALFA data cubes at the positions of all galaxies that lack counterparts within the standard ALFALFA
catalogs. Their spectra are extracted using a 4′×4′ box and provide upper limits (which are not standard
ALFALFA pipeline output) and in some cases, weak detections. The majority of the detections have S/N<5
and some were found to be spurious, so most were followed up with single-dish observations.
The other major source of literature data for RESOLVE comes from the large compilation of 21cm
observations presented in Springob et al. (2005). We adopt their fluxes corrected for beam offsets and source
extent, but without the corrections for H I self-absorption, which are expected to be no larger than 30% for
the most inclined systems (Giovanelli et al. 1994).
New Green Bank Telescope and Arecibo Observations
To complete the RESOLVE H I census, new 21cm observations were carried out with the Robert C. Byrd
Green Bank Telescope (GBT; programs 11B-056, 13A-276, 13B-246, 14A-441) and Arecibo Observatory
(programs a2671, a2812).
GBT observations were performed in standard position switching mode with typical scan lengths of
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five minutes. We used the GBT Spectrometer with a bandwidth of 50 MHz, spectral resolution of 1 kHz,
and 9-level sampling (the VEGAS backend was briefly used while the GBT Spectrometer was undergoing
maintenance). At the beginning of each run, a bright quasar was observed to calibrate the data and check
the telescope pointing.
The close proximity of our targets provided opportunities to boost the efficiency of our GBT observations.
For galaxies within a few degrees of each other and separated in heliocentric velocity by >1000 km s−1, a
scan centered on one galaxy could serve as the OFF position for a scan centered on the nearby galaxy
(and vice-versa), allowing us to cut our total observing time for those targets in half. We also conducted
observations where two galaxies shared the same OFF position located midway between them, reducing total
integration times by ∼30%. This observing strategy did not severely degrade the quality of our baselines.
All Arecibo observations were done in standard position-switching mode using scan lengths between
three and five minutes. We used the L-band Wide receiver and the interim correlator with a bandwidth of
12.5 MHz, 2 kHz spectral resolution, and 9-level sampling. Data were calibrated by observing an internal
noise diode of known temperature before and after each scan.
4.2.3 21cm Line Profile Analysis
All new single-dish observations were reduced following standard GBT and Arecibo pipeline IDL software
packages. Baselines, typically of order 3–5, were fit to the emission free regions of each spectrum, and the
spectra were boxcar smoothed to a final velocity resolution of ∼5.25 km s−1. For details on the reduction
of the ALFALFA and other literature data, we refer the reader to Haynes et al. (2011) and Springob et al.
(2005).
Atomic gas Mass
Integrated 21cm line fluxes are measured by summing the channels within the line profile. The channels
included in the integration are judged by eye for each case. The uncertainty on each flux measurement is
given by
σF = σrms∆V
√
Nch (4.1)
where σrms is the rms noise of the spectrum measured over a signal free region, ∆V is the velocity resolution
in km s−1, and Nch is the number of channels in the integration. Upper limits for non-detections are given
by 3σF , where Nch now corresponds to the number of channels enclosed by the galaxy’s predicted linewidth
at the 20% peak flux level, W20. This linewidth is estimated using the r-band Tully-Fisher relation from
Kannappan et al. (2013), which gives a prediction for the H I profile FWHM, W50. We then estimate W20
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as W20 =W50 + 20 kms
−1 (Kannappan et al. 2002). A minimum linewidth of 40 km s−1 is enforced for our
upper limit calculations to conservatively account for non-circular motions. Atomic hydrogen masses are
then estimated with
MHI
M⊙
= 2.36× 105
(
D
Mpc
)2(
F
Jy km s−1
)
(4.2)
where D is the distance to the galaxy and F is the measured flux (Haynes & Giovanelli 1984).
(De-)Confusion
Over the range of distances included in the RESOLVE volume (64–100 Mpc), the physical sizes of the
GBT and Arecibo beams (FWHM) are 168–262 kpc and 66-82 kpc, so there is a risk of source confusion
in our observations. All potential cases of confusion are automatically flagged by searching for known
companions within twice the telescope beam FWHM and assuming all galaxies have linewidths of 200 km s−1
(or greater, if the linewidth has been measured). All automatically flagged cases are then inspected by eye
using the observed 21cm profile in combination with the known redshifts and predicted linewidths of all
nearby objects in order to make the best possible judgment about whether the profile is truly confused. In
total, approximately 14% of our 21cm observations (or 18% of our detections) suffer from potential confusion
with a nearby companion. In these cases, we constrain the flux using one of three possible approaches:
1. The flux is determined by summing the channels within the predicted W50. The statistical uncertainty
is calculated following Eq. 4.1, but an additional systematic uncertainty is reported corresponding to
the total flux within any channels overlapping multiple predicted galaxy linewidths.
2. If one half of the primary target’s 21cm profile is judged to be uncontaminated, the flux is measured
within the unconfused half and doubled to yield an estimate of the total flux. A 20% systematic error
is assigned to account for possible asymmetry in the 21cm profile.
3. If one half of the companion galaxy’s 21cm profile is judged to be uncontaminated, this unconfused
side is integrated, doubled, and subtracted from the total flux of the blended profile. A systematic
uncertainty of 20% of the companion’s total flux is assigned to the target galaxy, again to account
for possible profile asymmetries. This method is not applicable if there are more than two potentially
blended sources within the 21cm beam.
Linewidths and systemic velocities for the deconfusion procedure can be estimated using two possible
approaches. First, W50 may be estimated using the r-band Tully Fisher relation (TFR) from Kannappan
et al. (2013), which is then used in conjunction with estimates of the recession velocity from previous
redshift surveys. Alternatively, galaxy rotation curves from optical spectroscopy can be used to estimate
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Figure 4.1: Ratio of corrected flux using TFR-based linewidths, fc(VTFR), and corrected flux using
Vpmm-based linewidths, fc(Vpmm), for confused sources as a function of the Vpmm-based corrected flux.
The ratios of corrected fluxes from these two methods have a median of unity and a scatter of 20%.
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the rotation velocity, Vpmm, which is then converted into the equivalent W50 following equation (B6) from
Kannappan et al. (2002). Rotation curves typically give more reliable estimates of the systemic velocities
compared to single-fiber redshift surveys, as well as more direct estimates of rotation velocity. However,
optical spectroscopic observations and reductions for RESOLVE are ongoing, and at this stage Vpmm is only
available for ∼15% of galaxies. For homogeneity, we use the TFR-based linewidth predictions for all cases
of confusion.
To test that the TFR-based deconfusion method is consistent with the more reliable Vpmm-based method,
we compare the ratio of the corrected fluxes for confused galaxies when both methods are possible. Following
Kannappan et al. (2013), we ignore any Vpmm measurements where the rotation curve does not extend past
1.3r50 for galaxies with morphological type <Sc, where r50 is the r-band half-light radius (morphological
typing for the RESOLVE survey is described in Kannappan et al., in prep.). For types later than Sc, rotation
curves extending to at least r50 are allowed. These cuts avoid cases where the rotation curve does not trace
the full galaxy potential. The results of this comparison are shown in Fig. 4.1.
We find that the two methods of deconfusion are consistent with one another, typically agreeing to within
20% with no systematic offset. Visual inspection suggests that the largest outliers may be systems currently
undergoing periods of stronger interactions with their neighbors. Most have rotation curve asymmetries of
greater than 5%, and inspection of their images show that some have signs of morphological disturbance.
The goal of this deconfusion procedure is to reliably quantify the uncertainty on 21cm fluxes caused by
source confusion. Fortunately, even in the presence of confusion, a significant fraction of 21cm observations
are still useful for many analyses. For half of the confused sources, the fluxes can be constrained to within 50%
uncertainty, and 40% of the sources can have their fluxes constrained to within 25% uncertainty. However, it
is important to keep in mind that due to the magnitude limits of existing redshift surveys, some objects may
still suffer from confusion with low mass neighbors lacking spectroscopic redshift measurements. In §4.4.2
we explore this possibility further and discuss how it may affect our results.
Linewidths and Systemic Velocities
Both W50 and W20 linewidths and systemic velocities are calculated for all 21cm detections. Note that
although we report these values for confused profiles, they are likely unreliable. Estimates ofW50 are available
from ALFALFA and the Springob et al. (2005) compilation, but we remeasure them for our full sample to
ensure homogeneity if the final catalog. W50 is determined by finding where the flux density is greater than
0.5 times the peak flux density for three consecutive channels, starting from the outside of the profile and
working inward. The final left and right edges are linear interpolations to get the fractional channels where
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the data cross the 50% level. For two-horned profiles, these levels are calculated for each side independently
using each horn as the peak flux density. The systemic velocity, V50, corresponds to the midpoint of the left
and right 50% levels.
W20 is calculated in a similar fashion as W50 as long as the peak signal-to-noise ratio, (S/N)p, is greater
than 6. If (S/N)p < 6, the linewidth algorithm becomes extremely unreliable. Instead, we follow a method
similar to Springob et al. (2005) and Haynes et al. (2011) and fit linear functions to the data on either side
of the profile above the 20% times the peak flux density (again using the peak flux density of each horn in
the case of two-horned profiles). The slopes of these lines and the edges corresponding to W50 are then used
to estimate W20.
We estimate linewidth uncertainties by analyzing the reliability of our algorithm on a series of model
profiles with varying width, steepness (defined as P = (W20−W50)/2), velocity resolution (∆V ), and (S/N)p.
This analysis is carried out for two-horned and Gaussian profiles separately. The best fits to the uncertainties
in W50 and W20 as a function of these parameters are given by
σW50(two− horn) = 3.16∆V 0.20(S/N)−0.90p P 0.82 (4.3)
σW20(two− horn) = 6.11∆V 0.36(S/N)−0.86p P 0.65 (4.4)
σW50 (Gaussian) = 3.01∆V
0.19(S/N)−0.87p P
0.84 (4.5)
σW20 (Gaussian) = 4.24∆V
0.13(S/N)−0.90p P
0.86 (4.6)
In Fig. 4.2, we compare the our derived values of V50 and W50 to redshifts and rotation velocities derived
from optical data. Where available, we use the optical redshifts derived from new RESOLVE rotation curves.
Otherwise, the optical redshift data come from a combination of the SDSS, 2DF, 6DF, and GAMA surveys,
or RESOLVE redshift observations. The two linewidth estimates have a median offset and standard deviation
(> 6σ outliers rejected) of 3 and 28 km s−1. The heliocentric recession velocities have a median offset and
standard deviation of 1 and 23 km s−1.
Profile Asymmetries
The asymmetry of an H I profile is typically calculated by comparing the integrated flux on either side
of the systemic velocity, V50, derived from the H I profile (Haynes et al. 1998; Bournaud et al. 2005; Espada
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Figure 4.2: Comparison of radio and optical kinematic measurements. Left: Radio versus optical linewidths.
W50 (Vpmm) is a conversion of the rotation velocity measured from a rotation curve, Vpmm, into an equivalent
21cm linewidth following Kannappan et al. (2002). Orange points denote cases where the optical rotation
curve has low extent (see §4.2.3) or the 21cm signal has (S/N)p < 3, potentially resulting in unreliable velocity
estimates. Known cases of confusion are not shown. These two linewidth estimates have a median offset and
standard deviation of 3 and 28 km s−1. Right: Radio versus optical heliocentric recession velocities. These
two estimates of heliocentric velocity have a median offset and standard deviation of 1 and 23 km s−1. Visual
inspection of cases that are strong outliers suggests the optically derived redshift is suspect, or alternatively
it was measured on a region other than the center of the galaxy (e.g., an offset star forming region).
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2011). Throughout this work, we define H I profile asymmetry as
AHI = log
F1
F2
(4.7)
where F1 and F2 are the fluxes measured above and below the systemic velocity of the profile. The advantage
of defining this parameter as a logarithm of the flux ratio is that it is symmetric around AHI = 0, regardless
of whether F1 or F2 is larger. To estimate uncertainties on AHI caused by instrumental noise, we identify
a signal-free region of each spectrum and repeat the asymmetry measurement using identical separations
between the central velocity and the upper and lower integration bounds, but using an artificial H I profile
that is completely symmetric around the central velocity and whose flux is identical to the target galaxy. This
process is repeated as many times as possible over the signal-free region of the spectrum, and the standard
deviation of the results used as the final uncertainty from instrumental noise. The total uncertainty on AHI
is then the quadrature sum of the instrumental uncertainty and the uncertainty due to the error in V50.
An alternative approach to calculating the asymmetry is to use an optically derived redshift that provides
an independent measure of the systemic velocity. In Fig. 4.3, we show the difference between asymmetries
estimated using the method described above, AHI, and those estimated using catalog optical redshift data to
define the systemic velocity, AHI,opt. We also show the comparison if only systemic velocities derived from
RESOLVE optical rotation curves are used, although they do not show systematically different behavior. We
do not show any cases where the optically derived redshift lies outside the 21cm profile. The distribution of
AHI-AHI,opt roughly follows a Gaussian distribution centered at zero, but there is a tail of galaxies for which
the magnitude of AHI,opt is larger than AHI. These differences are typically larger than can be accounted
for by uncertainties in V50, and the differences do not correlate with the S/N of the H I profile. Instead, the
asymmetry differences correlate best with W50 such that smaller linewidths show larger discrepancies. This
trend may reflect that a slight change in the central velocity used in the asymmetry calculation will have a
larger effect on a profiles that extend over fewer channels, but given that the difference between asymmetry
measurements cannot always be attributed to errors in the systemic velocity, we suspect the trend may
reflect higher actual asymmetries than AHI registers.
Such a systematic bias that is stronger for low mass (linewidth) galaxies may be the result of changes in
profile shape. A common trait observed among H I profiles of spiral galaxies is the characteristic “two-horn”
shape, where the horns closely track the flat part of the resolved rotation curve. However, lower mass spiral
and dwarf irregular galaxies are more dispersion dominated (e.g., Lo et al. 1993), leading to H I profiles
with less well-defined horns and shapes that are more Gaussian. Therefore, higher mass galaxies with two-
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horned profiles will tend to yield systemic velocity measurements in good agreement with systemic velocity
measurements derived from rotation curves. In low mass galaxies where the horns are poorly defined, the
redshift algorithm that is designed to find the mean velocity between the two 50% flux levels outside the
horn peaks will instead tend to find the mean velocity between the two 50% flux levels on either side of the
single central peak, which will tend to fall towards the center of the mass-weighted HI profile and naturally
minimize the asymmetry. This bias can impact the interpretation of our results, and will be further discussed
in §4.4.2.
4.2.4 21cm Census Status and Catalog Presentation
Fig. 4.4 shows the current 21cm census completeness as a function of baryonic and stellar mass (in cases
where 21cm observations are incomplete, we estimateMHI using the relationship between gas-to-stellar mass
ratio, color, and axial ratio; Eckert et al., submitted). In total, the survey is >90% complete and is >80%
complete at all mass scales.
The final RESOLVE 21cm catalog will be made available in machine-readable format in the online version
of this published chapter. A summary of information included in the catalog is given in Table 4.1.
Table 4.1: RESOLVE 21cm Catalog Description
Column Description
1 RESOLVE Designation
2 Right Ascension
3 Declination
4 Source of H I data
5 Total 21cm flux, F
6 Uncertainty on total 21cm flux
7 Flag indicating total 21cm flux is an upper limit
8 W50 linewidth
9 Uncertainty on W50 linewidth
10 W20 linewidth
11 Uncertainty on W20 linewidth
12 Systemic velocity of H I profile, V50
13 Uncertainty on systemic velocity
14 Flag indicating if the H I source is confused
15 21cm flux density corrected for source confusion
16 Statistical uncertainty on confusion-corrected 21cm flux density
17 Additional systematic uncertainty on confusion-corrected 21cm flux density
18 Method used to determine the confusion-corrected flux
19 H I profile asymmetry
20 Uncertainty H I profile asymmetry
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Figure 4.3: Difference between H I profile asymmetries calculated using (a) systemic velocities derived from H I
profiles (§4.2.3), and (b) systemic velocities derived from optical spectroscopy. The red dashed line indicates
the comparison carried out using only redshifts derived from optical rotation curves. Both histograms are
rescaled to have a peak at 1.0. The median offset between these two asymmetry measurements is −0.015,
and there is a tail where |AHI,opt| is larger than |AHI|. The difference in asymmetries best correlates with
W50.
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Figure 4.4: Current 21cm census completeness as a function of baryonic mass (left) and stellar mass (right),
shown for the full survey, as well as the separate RESOLVE-A and RESOLVE-B footprints. The thick lines
show the current completeness level, defined as any galaxy with integrated S/N>5 or 1.4MHI/M∗ < 0.1. The
thin dash-doted lines show the original completeness from the ALFALFA survey for regions of the footprint
that overlap the RESOLVE survey. Vertical dashed lines show the completeness limits for RESOLVE-A and
RESOLVE-B.
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4.2.5 Environment Metrics
We parametrize local and large-scale environments in the RESOLVE survey using four different metrics:
nearest neighbor distance, group dark matter halo mass, large-scale structure density, and large-scale struc-
ture classification. These environment metrics can become unreliable in close proximity to survey edges. To
help minimize this issue, RESOLVE has a buffer region extending ±250 km s−1 from the nominal survey
VLG range of 4500–7000 km s
−1. Additionally, the RESOLVE-A volume is embedded in the much larger
ECO sample (Moffett et al., submitted), which extends from DEC=-1–50◦ and VLG =2500–7500 km s
−1,
with a completeness limit roughly equivalent to RESOLVE-A, so the environment metrics for RESOLVE-A
are calculated using this much larger volume.
All environment metrics described in the following sections will be available in a machine-readable table
included in the online version of this published chapter. A short table providing a description of each column
in this table is provided in Table 4.2 at the end of this section.
Nearest Neighbor Identification
To identify galaxies that are potentially interacting, we estimate the distance between each galaxy and
its nearest neighbor by calculating the projected distances to all galaxies with recession velocities within 500
km s−1 of the primary galaxy. This metric is simply intended to give the best possible indication of whether
a galaxy is isolated, and thus the nearest neighbor identification is not restricted in mass or luminosity.
However, the approximate brightness limits of the available redshift data used to identify companions are
Mr < −17.23 and Mr < −17 in RESOLVE-A and RESOLVE-B, with a tail towards dimmer objects.
Satellite Candidates
Since redshift surveys have limited depth, some galaxies within RESOLVE will have satellites that are
unaccounted for. Following Speller & Taylor (2014), we measure an excess of candidate satellites around
each target galaxy as
∆N = Ninner − Ainner
Aouter
Nouter (4.8)
where Ninner is the number of objects found within an inner circle of area Ainner and Nouter is the number of
objects in an outer annulus of area Aouter that lies beyond the inner circle and serves as a background region.
This measurement constrains the number of satellite galaxies in the absence of reliable spectroscopic redshifts
by looking for an overdensity of objects in the inner circle. Our specific choice of radii for the calculation
of ∆N in this work is described in §4.4.2. We stress that the ∆N measurement for an individual galaxy is
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highly unreliable since most of the objects in proximity to the central galaxy are simply projections, and the
distribution of background galaxies may not be uniform. ∆N must be averaged over entire populations to
obtain reliable results. We make additional efforts to increase the S/N of these measurements by reducing
the number of interlopers with the aid of photometric redshifts.
For photometric redshift calculations, we use a combination of SDSS ugriz, UKIDSS Y JHK, andGALEX
NUV & FUV passbands. These data are processed through a separate pipeline than the one described in
§4.2.1. After all image frames are downloaded from their respective online databases, sources are identified
and their fluxes measured using SExtractor (Bertin & Arnouts 1996) in dual-image mode, where the r-band is
used to detect sources and fluxes are extracted in identical apertures across all passbands. To ensure reliable
aperture photometry, all frames are convolved to the coarsest resolution of the GALEX NUV band. The
specific NUV PSF is measured for each image by isolating the locus of point sources in a plot of magnitude vs.
FWHM (see e.g., Kaiser et al. 1995) and taking the median FWHM. The typical NUV PSF is ∼5′′. Fluxes
within a circular aperture equal to twice this PSF FWHM are extracted in each passband. SExtractor is
also used to separate point sources (e.g., foreground stars and background QSOs) from galaxies. We use the
unconvolved SDSS r-band frames for this process, and then cross-match the identifications with the sources
found in the course resolution images. SExtractor’s star/galaxy classification routine is very sensitive to the
input PSF FWHM, so this is set independently for each frame. For this purpose, we use the PSFs that have
been tabulated as part of the standard SDSS pipeline.
We explore three different photometric redshift codes: BPZ (Ben´ıtez 2000), EAZY (Brammer et al.
2008), and LePhare (Arnouts et al. 1999; Ilbert et al. 2006). BPZ is run using the recalibrated template
SEDs described in Ben´ıtez et al. (2004), EAZY is run using the improved template set from Brammer et al.
(2011), and LePhare uses the templates described in Ilbert et al. (2006). Both BPZ and LePhare allow
training to account for systematic errors in the input photometry. We found better results for BPZ by
ignoring this step, but we allowed training for LePhare. We tested each of these codes using reprocessed
photometry from six 1× 1◦ fields overlapping the GAMA survey (Driver et al. 2011), which was chosen due
to its deeper spectroscopic coverage yielding more low mass, low redshift galaxies than similar sized fields
in the standard-depth SDSS spectroscopic survey. We also calculate photometric redshifts with and without
the GALEX photometry to understand the impact of including the ultraviolet data.
Fig. 4.5 shows the difference between photometric and spectroscopic redshifts in our test fields using each
photometric redshift code. We have zoomed into the z < 0.5 region to highlight the performance at low
redshift. Magenta points show the median offsets measured in spectroscopic redshift bins of 0.05. With the
exception of LePhare, we find that the inclusion of GALEX photometry improves the photometric redshifts,
particularly for BPZ where including GALEX data almost completely eliminates any offset and reduces the
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scatter by ∼ 35%. For EAZY, including GALEX data reduces the overall offset as well as the scatter, but not
as drastically as for BPZ, and examining Fig. 4.5 shows that there is still a dependence of the photometric
redshift on the spectroscopic redshift.
Since our goal is to use the photometric redshifts to constrain which objects lie within the RESOLVE
volume, a major consideration when judging the reliability of each code is how well each of them performs
for z ∼ 0 galaxies. With the inclusion of GALEX data, BPZ performs the best at z ∼ 0. EAZY tends
to overestimate redshifts at z ∼ 0 whether GALEX is included or not. Lastly, Lephare shows very little
offset at z ∼ 0, but unfortunately has significantly higher scatter as well as a higher failure rate than
either BPZ or EAZY. Due to the high failure rate of Lephare and the consistent bias of EAZY, taking a
median of the redshift estimates from all three codes does not improve the final estimate photometric redshift
determination. Based on this analysis, we opt to use BPZ with GALEX photometry to estimate photometric
redshifts for the remainder of this study.
BPZ is able to return photometric redshifts for > 90% of galaxies with r-band apparent magnitude
mr < 20.5. However, when comparing to available spectroscopic redshift data, the fraction of strong outliers
increases dramatically at mr > 19.75. Therefore, for future analysis we limit the photometric redshift
sample to mr < 19.75, approximately 2 magnitudes dimmer than the nominal redshift survey limit in
RESOLVE-A (mr < 17.77). This brightness limit roughly corresponds to ∼1/6 times the baryonic mass
limit of RESOLVE-A (or Mb & 10
8.4M⊙). Note that photometric redshifts are currently only available for
the RESOLVE-A footprint. Photometric redshifts for RESOLVE-B are pending.
Explicitly focusing on galaxies with 17.77 < mr < 19.75 (i.e., below the typical redshift survey complete-
ness limit and where we can still obtain reliable photometric redshifts), our photometric redshifts match
available spectroscopic redshifts with a measured scatter of zphot − zspec = 0.051(1 + zspec), an offset of
zphot − zspec = −0.014, and an outlier rate (> 6σ) of 10%. This accuracy is comparable to that achieved
using various photometric redshift codes on high quality CANDELS photometry (Dahlen et al. 2013), al-
though our outlier rate is slightly higher. Our higher outlier rate is likely caused by restricting the described
test to dim objects. Running the same tests with no limit on the maximum brightness, we obtain an outlier
rate of ∼5%, which is more consistent with that seen in Dahlen et al. (2013).
Combining the recession velocity from the Hubble flow with possible peculiar motions of objects within
the RESOLVE volume, we set a goal to recover galaxies with cz <8000 km s−1, or z < 0.027. Since
photometric redshifts come with considerable uncertainties, simply selecting all galaxies with zphot < 0.027
would cause us to miss the vast number of galaxies in our volume. Instead, we select all galaxies with
z < 0.07. Tests using available spectroscopic redshifts suggest this should recover ∼90% of galaxies at
z < 0.027 with 17.77 < mr < 19.75 (Fig. 4.6).
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Figure 4.5: The difference between the photometric and spectral redshift using each photometric redshift
code both with and without GALEX data. The magenta points show the median value within zspec bins
of 0.05, and the red line shows the 1:1 agreement line. For clarity we have zoomed into the region with
zspec < 0.5. We find the best results using BPZ with GALEX photometry.
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Figure 4.6: Recovery rate of 17.77 < mr < 19.75 galaxies with zspec < 0.027 as a function of zphot cut. Also
shown is the contamination rate within each zphot cut (i.e., the number of objects with zspec > 0.027). The
grey line shows our chosen cut at zphot = 0.07 which recovers ∼90% of objects in the RESOLVE volume.
100
Even with our efforts to reject point sources and high redshift objects, we again stress that the ∆N
measurements for individual galaxies are highly unreliable. Our cut at zphot < 0.07 recovers the majority
of low-redshift objects, but at the same time, our tests using spectroscopic redshifts suggest that ∼95% of
the objects within zphot < 0.07 are not in RESOLVE (Fig. 4.6). Therefore, we must still average individual
measurements of ∆N to determine the statistical overdensities of satellites for entire sub-populations of
galaxies.
Group Dark Matter Halo Masses
Dark matter halo masses serve as a fundamental way to characterize galaxy groups, and they likely play
a key role in galaxy evolution (see §4.1). To assign group halo masses, we first identify galaxy groups using
the friends-of-friends (FoF) technique described in (Berlind et al. 2006). Group dark matter halo masses
(Mh) are then estimated using halo abundance matching (HAM; Blanton & Berlind 2007), which assumes a
monotonic relationship between total group luminosity and dark matter halo mass and then assigns masses
by matching the abundance of groups at each luminosity to the theoretical dark matter halo mass function
of Warren et al. (2006).
The relative simplicity of the FoF/HAM method makes it advantageous for estimating halo masses, but
it carries with it several potential sources of error. First, the FoF algorithm can blend or fragment true
groups, which then affects the overall completeness and reliability of identified groups. There is no single
choice of linking lengths that completely avoids both of these problems simultaneously. Cosmic variance
is another potential source of error. Optimized linking lengths are typically determined from large mock
catalogs and expressed in terms of the mean particle density of the volume. Therefore, group identifications
may be influenced by cosmic variance if the volume in question is not large enough such that its average
galaxy number density is significantly higher or lower than average. HAM can likewise suffer from cosmic
variance in the sense that the observed abundances of groups at different luminosities may be biased if
the volume in question is not large enough. Additionally, the use of luminosity (in this case, the r-band
luminosity) to predict halo mass can potentially build-in false correlations between galaxy properties and
host halo mass that are really correlations between galaxy properties and luminosity. As implemented here,
HAM also ignores any intrinsic scatter around the halo mass-luminosity relationship.
For this work, the line-of-sight and plane-of-sky linking lengths, b‖ and b⊥, are set to 0.07 and 1.1 times the
mean galaxy number density. These values are chosen based on the recommendations of Duarte & Mamon
(2014) for environmental studies of galaxies, and are separately confirmed in Eckert et al. (in prep) as ideal
linking lengths to minimize blending of low-N groups and improve recovery of galaxies with high peculiar
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velocities. For this choice of linking lengths, Duarte & Mamon (2014) quantify the level of fragmentation
(fraction of true groups broken into two or more groups by the FoF algorithm), merging (two or more true
groups blended into a single group by the FoF algorithm), completeness (fraction of galaxies in a true group
recovered in the FoF-identified group), and reliability (fraction of objects in an FoF-identified group that
are truly part of that group). In true group dark matter halos with masses of 1012−13M⊙, between 10%
and 20% of groups suffer from fragmentation, and a similar fraction suffer from merging. However, the
estimated groups have high completeness (>95%) and reliability (90–95%). With these linking lengths, the
quality of the estimated groups tends to decline as halo mass increases. For halos with masses of 1013−14M⊙,
the merging and fragmentation rates increase by ∼10%, while the completeness and reliability decrease by
∼5–10%. Duarte & Mamon (2014) do not quantify the quality of FoF group identification at the lower halo
masses (∼ 1011−12M⊙) that dominate our sample, although given that the group quality tends to increase
with decreasing halo mass, we expect the quality of groups in the ∼ 1011−12M⊙ regime to be at least
comparable to the 1012−13M⊙ regime.
Due to the different completeness limits and volume sizes, groups in RESOLVE-A and RESOLVE-B
are identified in slightly different ways. For RESOLVE-A, groups are found by running the FoF algorithm
on the much larger ECO sample (Moffett et al., submitted) in which RESOLVE-A is embedded, and the
algorithm uses all galaxies above the r-band survey completeness limit of Mr < −17.33. Using ECO, which
has a ∼15 times larger volume than RESOLVE-A, helps to minimize bias caused by cosmic variance. For
RESOLVE-B, which is not embedded within ECO and encompasses a relatively small volume, using the
linking lengths determined from the mean galaxy number density could be highly subject to the effects of
cosmic variance. Instead, a version of the ECO catalog limited to Mr < −17 (the r-band completeness limit
of RESOLVE-B) is used to determine the linking lengths and the relationship between group halo mass and
luminosity, which are then applied to RESOLVE-B.
Although ECO will likely suffer from cosmic variance less than the RESOLVE volumes, it is not itself
necessarily free from bias. We attempt to quantify the potential size of the offset in ECO’s halo mass function
due to cosmic variance using the results of Hu & Kravtsov (2003) who quantify the potential error in number
counts based on a volume size and threshold mass. Extrapolating Fig. 2 from Hu & Kravtsov (2003) down
to a threshold mass of ∼ 1011M⊙ (comparable to the minimum halo mass in ECO) and using a radius of
36 h−1Mpc (determined by treating ECO as a sphere with volume 192369.3 h−3 Mpc3), we estimate that
ECO’s halo mass function may be biased by ∼ ±0.1 dex, which translates into a comparable uncertainty in
our halo mass scale. An alternative calibration of cosmic variance by Trenti & Stiavelli (2008) also yields an
estimated potential bias of ∼ ±0.1 dex in the halo mass function. An analysis of cosmic variance (and other
sources of error) explicitly for ECO is in preparation by V. Calderon. The potential impact of systematic
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halo mass errors on our results is also further discussed in §4.3.
Moffett et al. (submitted) use mock catalogs to quantify the typical random error on the halo masses
estimated from HAM with our linking lengths and find typical uncertainties of 0.12 dex. The errors may be
significantly larger in cases where groups suffer from merging and/or fragmentation.
Throughout this work, we consider the most luminous galaxy to be the “central” galaxy of a group. We
also refer to galaxies with no satellites as “centrals”. These singleton groups preferentially exist at group
halo masses < 1011.4M⊙, as seen in Fig. 4.7 which plots the distribution of group halo masses for group
with different numbers of members.
Our analysis in §4.3 employs a baryonic mass limited sample (defined in §4.2.6), but some galaxies above
our baryonic mass limit fall below the absolute magnitude limit used for group finding. As described in
Eckert et al., (in prep), any of these objects that are found inside the virial radius and within either three
times the group velocity dispersion or b⊥ (whichever is larger) of a previously identified group’s center are
assigned to that group, but the group masses themselves are not changed. Only ∼10% of these low-luminosity
galaxies are reassigned to groups. The rest remain isolated systems, and their halo masses are assigned by
extrapolating the relationship between Mh and Mr found from the previously identified groups using the
absolute magnitude limited sample.
Cosmic Web Density
The mass density of the cosmic web beyond the group scale serves as a way to parametrize the larger-
scale environment around each galaxy. Carollo et al. (2013) give a thorough assessment of the advantages
and disadvantages of estimating the density field using the volume within the Nth nearest-neighbor, using
a volume within a fixed aperture, or using voronoi tessellations. Following their arguments, we opt to use
the total mass density within a sphere with radius equal to the distance to the the 5th nearest group (not
galaxy) as a way to characterize the large-scale environment. Specifically, we define this as
ρLSS =
1
V5
5∑
i=0
Mh,i (4.9)
where Mh,i are the group halo masses and V5 is the volume of a sphere with radius equal to the distance
to the 5th nearest group. Use of the Nth nearest group has two key advantages over using the Nth nearest
galaxy. First, it minimizes the correlation between the density metric and group halo mass (although the
correlation is not completely removed). Second, Nth nearest galaxy density estimates change from reflecting
a group density for cases where the number of group members is greater than N, to reflecting an intergroup
density for cases where the number of group members is less than N. Carollo et al. (2013) show that using
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Figure 4.7: Distribution of group halo masses for groups with different numbers of members. Vertical
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the Nth nearest group instead of the Nth nearest galaxy provides a more consistent large-scale structure
density estimator.
When using ρLSS , we avoid including systems in our analysis whose distance to the edge of the survey
volume (including the buffer region described in §4.2.5) is closer than the distance to the 5th nearest group
since their values of ρLSS may be unreliable. By definition, all galaxies within a given group will have the
same value of ρLSS .
Large-Scale Structure Classification
Redshift surveys show that galaxies and groups are distributed in large-scale filaments, walls, nodes,
and voids. Groups with similar halo mass or cosmic web density can often be found in varying large-scale
structures, which allows us to determine whether the specific geometry of the surrounding matter distribution
plays a role in galaxy evolution.
Many algorithms have been created to automatically identify and classify large-scale structures in the
cosmic web. We explored multiple structure identification codes for use in RESOLVE. The Multi-scale
Morphology Filter (Arago´n-Calvo et al. 2007) automatically identifies and classifies structures using the
Hessian matrix of the density field. It is scale independent, but it relies on smoothing the data which leads
to significant edge effects that compromise a large fraction of our data set, even when the algorithm is
applied to the larger ECO volume. The method of Gonza´lez & Padilla (2010) requires no smoothing and
simply identifies filaments by using known positions of dark matter halos to connect large clusters. However,
this method does not identify walls and can miss any structures lacking a node at either end (such as the
“tendrils” that extend into voids; Alpaslan et al. 2014). DISPERSE (Sousbie 2011) uses Morse theory to
identify the spine of the cosmic web. It also requires no smoothing and does a good job of picking out the
spine of smaller filaments, but it does not identify walls or assign galaxies to structures. Lastly, the SDSS
filament catalog in Tempel et al. (2014) uses a Bisious model to extract the filaments from SDSS DR7 and is
optimized for small filaments. However, it again does not extract structures other than filaments. and since
the code is not public we cannot use it while benefiting from the extra redshift completeness of RESOLVE.
We desired a method that (a) minimizes edge effects (e.g., does not require smoothing the data), (b) is
able to identify a variety of structure geometries (e.g., distinguish filaments and walls), and (c) is able to
pick out small structures. We opted to create our own algorithm using the friends-of-friends algorithm, but
rather than using the positions of individual galaxies, it uses the positions of individual groups.
The cosmic web is hierarchical. Structures seen on very large scales may be broken up into several
individual smaller structures. Our algorithm does not attempt to identify structures on all possible scales
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and is instead tailored to identify structures on scales that will most impact galaxies. Tempel & Libeskind
(2013) and Tempel et al. (2013) argue that filaments with thicknesses on the order of a typical group size,
∼ 1 h−1Mpc, will have the strongest impact on galaxy evolution. To support this claim, they show evidence
that galaxy spins are aligned with filaments of this width, which may be the result of accretion along the
filament. Additionally, filaments appear to have characteristic lengths; Tempel et al. (2014) found that groups
along filaments have a characteristic spacing of 7 h−1Mpc. Thus, our structure identification algorithm is
tailored to try to identify filaments of this characteristic width and group separation, while not necessarily
avoiding detection of other structures (e.g., walls).
The basic steps of our procedure are as follows:
1. The FoF algorithm is run on an input catalog of group centers. We use the group catalogs for
RESOLVE-A and RESOLVE-B limited to Mr < −17.33 and Mr < −17.0, respectively. We do not
initially include the additional objects mentioned in §4.2.5 that fall above our baryonic mass selection
but below our magnitude selection, but these are incorporated in step 6. We use a predefined starting
linking length, bmax, that is the same in both the plane-of-sky and line-of-sight directions (since this
algorithm is run on the group catalog, there are no redshift distortions that require a larger line-of-sight
linking length). We set llmax = 1.5 h
−1Mpc. Above 1.5 h−1Mpc the entire volume becomes blended
into only a few massive large structures. We do, however, use smaller linking lengths in the next step.
While running the FoF algorithm, we ignore all groups Mh > 10
13M⊙. These groups serve as “nodes”
in the cosmic web and act as natural separators of different filaments that converge on the same
node. The diameters of these groups are & 1h−1Mpc, and create natural gaps in large-scale structure
consistent with the sizes of gaps we use to separate distinct large-scale structures (further described in
step 2).
Since we are using group centers for structure identification rather than individual galaxy positions,
we are generally not concerned about extracting false filamentary structures caused by “finger-of-god”
redshift distortions. These are only a potential issue if the FoF group-finding algorithm fails to group
some satellites with high peculiar velocities.
2. We estimate whether each extracted structure is statistically significant by estimating the probabil-
ity of finding it if all groups were distributed randomly within the volume. Under complete spatial
randomness, the probability of finding N groups within a volume V is
P =
(V ρ)N
N !
e−V ρ (4.10)
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where ρ is the mean number density of groups the full survey volume. For each structure, we use its
volume when treated as a set of overlapping spheres with centers at each group center and radii equal
to the final linking length used to identify the structure. We require a structure to have P < 0.003 to
be considered significant (i.e., a 3σ outlier from the assumption of complete spatial randomness). This
criterion typically removes small structures with less than ∼5 groups.
3. A principle component analysis is run on each of the FoF-identified structures. The first principle
component is used to define the structure’s primary axis. We then run two tests on the extracted
structure: (1) We examine the fraction of the variance in the group positions accounted for by each
of the principal components. Cases where >75% of the variance is accounted for by the first principal
component are indicative of structures that are long and filamentary, and we consider these “final”.
(2) If <75% of the variance is accounted for by the first principal component, we examine the stan-
dard deviation in the distances of each group to the primary axis, σD. If σD < σD,max, then the
structure identification is considered final. We set σD,max = 1.5 h
−1Mpc, ensuring we preferentially
find filaments with thicknesses around the group scale (1 h−1Mpc). The choice of 1.5 h−1Mpc is also
supported by visual inspection of extracted structures, which shows that those with obvious multiple
extensions/branches typically have σD > 1.5 h
−1Mpc. If σD > σD,max, the structure is allowed to
fragment, using the FoF algorithm with a smaller linking length, and the two tests described above are
repeated on the resulting substructures. This fragmentation process is repeated until the structures
pass the tests described above or the minimum allowed linking length is reached. We allow the linking
length to decrease in steps of 0.1 h−1Mpc down to a minimum allowed value of 1 h−1Mpc. Going
below 1 h−1Mpc tends to yield largely statistically insignificant structures of only a few members.
4. Our algorithm employs a PCA analysis to fit a linear spine to each structure, but since filaments
may not necessarily be linear, there is the possibility that our algorithm can overly fragment them.
Our maximum linking length is also considerably smaller than the characteristic group separation of
7 h−1Mpc found by Tempel et al. (2014). After all structures are identified we look to see if any have
close enough proximity and alignment such that they could be considered a single structure.
We find possible connecting structures in two ways, which are illustrated in Fig. 4.8. In the first
method, we first define the endpoints of each structure by identifying the furthest-apart positions of
groups as projected onto the the primary axis. We then project cylinders with length L and radius rc
outward from each of the endpoints and examine whether endpoints of any other structures lie within
these projected cylinders. In the second method, we project cylinders of length L/2 and radius rc
from the endpoints of each structure and determine whether these cylinders intersect at any position.
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We set rc = σD (i.e., the characteristic width of the structure) and L = 8h
−1Mpc. Our choice of
8 h−1Mpc slightly exceeds the typical group separation along filaments found by Tempel et al. (2014).
Once all possible matches are found, we calculate the angle between the two primary axes of each of
the pairs of structures.
All possible matches between structures are then given a score, S, based on their endpoint separation
and alignment, defined as:
Si,j =
(
1− di,j
L
)
×
(
1− θi,j
θmax
)
(4.11)
where di,j is the separation between the end points, θi,j is the angle between the two structure axes, and
θmax is the maximum allowed angle separating the two structures. We set θmax = 45
◦. The endpoints
with the maximum score in the volume are considered the best match and their corresponding structures
are combined. Then all other possible matches that include those two endpoints are removed and the
process is repeated until all possible matches with S > 0 are found.
5. All structures are next classified into filaments, walls, and blobs. Blobs encompass any multi-group
structure that is statistically significant but could not be confidently defined as either a filament or a
wall. At this stage, we lack a robust automated classification routine, but the RESOLVE volume is
small enough that the classification can be done by eye. We visualize each structure in 3-D such that
it can be rotated and zoomed to obtain the best possible understanding of its shape. Any group that
has no matches using the FoF algorithm with llmax is defined as being in a void. We do not require
that void galaxies be in N=1 groups, although the vast majority are.
6. Since our structure identification algorithm is run on the group catalogs limited to Mr < −17.33 and
Mr < −17 for RESOLVE-A and RESOLVE-B, respectively, any groups below these limits (see §4.2.5)
will not be included in large-scale structures. We examine the distances between each unclassified
group and its closest neighboring group that is classified as being part of a large-scale structure. If
the distance between the classified and unclassified group is smaller than the linking length used to
identify the classified group’s large-scale structure, then the unclassified group is considered part of
that structure as well. For example, if an unclassified group A is 1.3 h−1Mpc from group B that is
part of a structure identified using a linking length of 1.4 h−1Mpc, then group A will be included in
group B’s structure. If group B’s structure was instead identified with a linking length of 1.2 h−1Mpc,
then group A will not be included in group B’s structure.
The resulting maps of structures in RESOLVE-A and RESOLVE-B are shown in Fig. 4.9 and Fig. 4.10.
Structure identifications for RESOLVE-A are performed using the larger ECO volume, while structure
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Figure 4.8: Illustration of structure recombination procedures. Left: The endpoints of each structure are
found by finding the closest point on the filament axis to each group (black dots), and the two points furthest
apart are the end points (large colored points). A cylinder originating from the endpoint of the filament
(blue) and with the same width is projected outwards L = 8h−1Mpc (dashed region). In this example, the
the second cylinder (red) is matched to the first cylinder since one of its endpoint falls inside the projected
cylinder and the angular separation between the two structure axes is < θmax. Right: The second approach
to matching structures. Two cylinders with distance L/2 = 4 h−1Mpc and width equal to the host structure
are projected from the endpoints of two previously identified structures. They are combined into a single
structure since the projected cylinders overlap and their angular separation is < θmax.
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Figure 4.9: Projection of the RESOLVE-A volume showing the different structures identified and classified.
Points represent entire groups rather than individual galaxies, and the point sizes scale with group halo mass.
The different structures are: green (filaments), orange(walls), red (blobs), blue (voids), gray (unclassified),
and violet (clusters; defined as any group with Mh > 10
13M⊙). This same color classification is used
throughout the rest of this work.
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Figure 4.10: Same as Fig. 4.9 except for the RESOLVE-B volume. RESOLVE-B is on the opposite side of
the sky, but the axes are flipped to put it in the same orientation as RESOLVE-A in Fig. 4.9.
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identifications for RESOLVE-B are performed using only the RESOLVE-B volume. Since the RESOLVE-B
volume is relatively small, there is a possibility of misclassification if parts of a large-scale structure are
outside the footprint. Improved identifications in RESOLVE-B using redshift surveys spanning larger areas
are pending.
Fig. 4.11 shows the distribution of dark matter halo mass and large-scale structure density for groups in
different types of large-scale structures, and Fig. 4.12 shows a comparison of group halo mass, large-scale
structure density, and large-scale classification. Filaments, walls, blobs, and voids all have significant overlap
in ρLSS vs. Mh parameter space, although blobs tend to be biased towards higher densities while voids tend
to be biased towards lower densities. Importantly, halos below ∼ 1012M⊙ can be found in a wide range of
structures and ρLSS regimes, allowing an analysis of how large-scale environment affects galaxy properties
independent of group halo mass.
In our subsequent analysis of large-scale environment, we primarily focus on filaments, walls, and voids.
There are relatively few blobs identified in RESOLVE, and whether they represent a consistent type of
structure is not apparent. Some blobs appear to be the sites of massive large-scale structure formation
(e.g., x, y = 37, 90 h−1Mpc in Fig. 4.9), while others appear to be relatively small structures (e.g., x, y =
−60, 52 h−1Mpc and x, y = −60, 72 h−1Mpc, in Fig. 4.9). Likewise, it is unclear how to interpret the
unclassified structures. Their distribution in Fig. 4.12 suggests they characterize environments somewhere
between voids and filaments/walls/blobs, so they possibly reflect groups that are still collapsing into larger-
scale structures.
Table 4.2: Environment Metrics Catalog Description
Column Description
1 RESOLVE Designation
2 Proximity to nearest neighbor
3 Satellite overdensity (∆N)
4 Uncertainty in satellite overdensity
5 Large-scale structure density (ρLSS)
6 Flag indicating ρLSS measurement may be compromised by proximity to survey edge
7 Large-scale structure ID number
8 Large-scale structure classification
4.2.6 Definition of Baryonic Mass Limited Sample
Unless stated otherwise, all analyses presented in §4.3 use a baryonic mass limited sample withMb > 109.2M⊙
in RESOLVE-A and Mb > 10
9M⊙ in RESOLVE-B. Although the completeness limit in our sample is non-
uniform, this has no effect on our results which primarily examine sample medians. We also tried our analysis
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Figure 4.11: Normalized distributions of group halo mass (left) and ρLSS (right) broken up by large-scale
structure classification.
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Figure 4.12: Cosmic web density (ρLSS) versus group dark matter halo mass (Mh) for all types of large-scale
structure, allowing for a comparison between several of our environment metrics. Contours enclose 90% of
the groups in each type of large-scale structure, except for clusters which are shown as individual points.
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using a uniform completeness limit at Mb > 10
9.2M⊙, but it had no impact on our conclusions.
The H I census contains a number of upper limits or confused detections, making direct estimates of the
total baryonic mass for these galaxies technically impossible. However, our efforts to obtain strong limits
and deconfuse blended profiles allow us to place strong constraints on gas masses in most cases. To estimate
their true gas-to-stellar mass ratios (defined as G/S =MHI/M∗), we combine the probability distribution of
G/S as a function of color and axial ratio (Eckert et al., submitted) with additional information based on
measured limits or deconfusion procedures. Specifically:
• For upper limits, a value is drawn randomly from the G/S probability distribution, but we set the
probability to zero above the measured upper limit value.
• For confused detections with σFc,sys/Fc < 0.25 (i.e., confused but with relatively small additional
uncertainty) we adopt the confusion-corrected G/S.
• For confused detections with σFc,sys/Fc > 0.25, a value is drawn randomly from the G/S probability
distribution, but the probability is set to zero below MHI,c − σMHI,sys and above 1.05 ×MHI,c. This
lower bound represents the absolute minimum possible flux of the confused detection (only the flux
from unconfused channels in the spectrum), while the upper bound accounts for the typical amount of
flux missed in the wings of a profile when integrating from ±W50/2.
4.3 Results
In the following section, we present our findings on the relationship between galaxy gas properties and
their environments. In §4.3.1, we show how gas fractions vary as a function of group halo mass, large-scale
structure classification, and large-scale density. In §4.3.2, we examine how H I asymmetries depend on these
same environmental metrics, as well as the proximities of galaxies to their nearest neighbors.
4.3.1 The Dependence of Gas Fraction on Environment
One of the primary goals of this work is to determine how gas fractions are influenced by different
environmental scales. In particular, we aim to determine if moderate mass group halos show signatures of
gas depletion similar to those seen in massive groups and clusters, and whether the environment beyond the
halo can also impact gas fractions. We start by examining the influence of group halo mass on global galaxy
gas fractions, taking advantage of the RESOLVE survey’s depth to gain a clear understanding of the mass
scale where the group environment begins to affect gas content. We then expand this analysis to understand
the influence of the large-scale geometry and density of the cosmic web. Throughout our analysis, we will
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often separate central and satellite galaxies since environment may affect these sub-populations in different
ways.
Group Halo Mass
Fig. 4.13 shows median G/S as a function of stellar mass in different group halo mass regimes, with the
bottom panel separating central and satellite galaxies. Uncertainties on the medians are determined from
bootstrap resampling (10000 resamples with replacement) of the data and reflect the 68% confidence interval
on the median. The bootstrap assumes the observed distribution of data is a decent estimate of the true
distribution, but this assumption can break down when few data points are available. Therefore, we only
plot bins with at least 5 points, but any bins with less than 20 points may still have unreliable uncertainties
if the data do not adequately sample true distribution in that bin (Chernick 2008). These points are marked
with open circles (these statements also apply to all subsequent plots showing sample medians).
Fig. 4.13a shows that G/S varies as a function of halo mass, primarily between M∗ ∼ 109−10M⊙.
Above M∗ ∼ 1010M⊙, G/S appears consistent at all halo masses, although since RESOLVE is volume lim-
ited, we encounter lower number statistics with increasing stellar masses, making our statements about the
M∗ & 10
10M⊙ regime less robust. BelowM∗ ∼ 109M⊙ the data fall below the approximate stellar mass com-
pleteness limit of RESOLVE and do not allow any robust conclusions. Intriguingly, in the M∗ ∼ 109−10M⊙
range, G/S for galaxies with Mh = 10
11.4−12M⊙ in which N=2–3 groups first form systematically exceeds
G/S for galaxies at higher and lower halo masses.
Separating galaxies into centrals and satellites in Fig. 4.13b helps to understand the observed trends in
the top panel. At fixed stellar mass, there are discontinuities in G/S for centrals in different halo mass
regimes such that centrals at higher halo mass have higher gas fractions. However, we caution that this
result is at least partially built in. Group halo masses are predicted from r-band luminosity, which correlates
best with baryonic, rather than stellar, mass. At fixed stellar mass, more gas-rich centrals will have higher
r-band luminosities, and as they dominate the group luminosity, they will be assigned higher halo masses.
This built-in bias in halo mass assignments may be combined with real effects. The arrows in Fig. 4.13b
show the predicted maximum central stellar mass expected in each group halo mass bin based on theMh-M∗
relationship of Behroozi et al. (2013). In each halo mass bin, some fraction of centrals lie above the predicted
maximum stellar mass and have low G/S. Theses high stellar mass galaxies may have had their cold gas
stripped, meaning they may represent formerly more massive/luminous galaxies in more massive halos that
are contamination their current lower halo mass bin. Lastly, there may be genuine cold gas enhancements
associated with the initially assembly of groups in the intermediate mass regime as groups first form with
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2–3 members, which may further increase the gas fractions of centrals at higher halo mass. All these possible
effects will be discussed further in §4.4.1, but due to these potential biases, we cannot say with any confidence
that the apparent enhancement in gas fraction for higher halo mass centrals at fixed stellar mass is real.
Ignoring the highest stellar mass bin for N=1 centrals for the reasons just discussed, Fig. 4.13b shows
interesting differences in G/S between centrals and satellites at fixed stellar mass. Below M∗ ∼ 1010M⊙,
centrals in the first true “groups” (N>1, Mh = 10
11.4−12M⊙) have higher G/S than satellites at the same
stellar mass in halos down to Mh = 10
12M⊙. Satellites residing in similar mass halos as these centrals still
show lower G/S than centrals, but not at a statistically significant level. These results suggest that group
processes that can deplete gas reservoirs are not limited to the most massive groups and clusters, but are
active in relatively moderate mass dark matter halos (Mh ∼ 1012M⊙).
Large-Scale Structure
Having first visited the influence of the group dark matter halo on gas content, we now assess whether
the larger-scale environment also has an influence on global gas fractions. Specifically, we explore whether
gas fractions at fixed group halo mass show any dependence on location within filaments, walls, or voids in
the cosmic web.
Fig. 4.14 shows the median G/S versus Mh for centrals and satellites where the data are broken into
filaments, walls, and voids. The bottom panel of Fig. 4.14 does not show the median G/S for all individual
satellites in each group halo mass bin. Instead, we quantify satellite G/S by adding the H I and stellar masses
of all satellites in a group and combining them into a total G/S measurement for that group, then taking
the median of these integrated values in each bin.
Fig. 4.14a shows that the relationship between central galaxy G/S and host halo mass has some depen-
dence on the type of large-scale environment in which the halo resides. In our lowest group halo mass bin
(∼ 1011M⊙) centrals have ∼0.2 dex higher median G/S in voids and filaments than in walls. There may be
an offset between voids and both filaments and walls at higher group halo masses (∼ 1011.5M⊙), but these
differences are statistically insignificant due to the decreasing number of void galaxies. There is technically
an offset between filaments and walls up to a group halo mass of ∼ 1012.5M⊙, but its significance is only
marginal beyond 1011.5M⊙.
Fig. 4.14b shows that the offset in median G/S between walls and filaments is much more clearly distinct
for satellites than for centrals. Filaments show strong G/S enhancement by ∼1 dex compared to walls at all
group halo masses below ∼ 1012.5M⊙, albeit with comparably sized error bars at halo masses of ∼ 1011.4M⊙.
Although many individual halo mass bins have fewer than 20 data points making the error bars technically
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Figure 4.13: Median G/S versusM∗ as a function of group halo mass. The top panel shows all galaxies, while
the bottom panel breaks the data into into centrals (solid lines) and satellites (dashed lines). We require
at least 5 galaxies per bin, and points with open circles indicate bins with fewer than 20 galaxies, which
have unreliable error bars from bootstrap resampling. The vertical dashed line represents the approximate
stellar mass completeness limit of our baryonic mass-limited sample. Upward arrows show the maximum
predicted central stellar mass for galaxies within each halo mass regime. Stellar mass bins range from
logM∗ = 8− 11.5M⊙ in bins of 0.5 dex, but individual points in the same bin are offset slightly for clarity.
Centrals in higher mass group halos tend to be more gas rich at fixed stellar mass, although this is at least
partially attributed to the method of assigning halo masses. At fixed stellar mass, satellites show signs of
gas depletion in group halos down to Mh = 10
12M⊙.
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unreliable, there is a very large and consistent separation between filaments and walls. Void galaxies are not
considered in this analysis because most of them are isolated centrals with no known satellites within our
survey selection limit.
Our own results in §4.3.1 as well as multiple prior studies have shown a correlation between G/S and
stellar mass. Although this correlation can be artificially strengthened by sample selection or detection
limits (see discussion in Kannappan et al. 2013) and breaks down in the presence of environmental processes
(§4.3.2, see also Cortese et al. 2011 and Catinella et al. 2013), galaxies minimally affected by gas stripping
processes will typically show decreasing gas fractions with increasing stellar mass. Fig. 4.15 and Fig. 4.16
show the distributions of stellar masses for centrals and satellites, respectively, within filaments, walls, and
voids. We find that the stellar mass distributions in different large-scale environments are not identical. Void
centrals tend towards lower stellar masses, while wall and filament centrals tend towards higher stellar mass.
Likewise, satellites in filaments tend towards lower stellar masses than satellites within walls. Thus, we may
wonder if the offsets in the G/S vs. group halo mass trends in walls, voids, and filaments are simply driven
by the different stellar mass distributions in these environments.
To answer this question, we replace each G/S measurement with a value derived from the probability
distribution of G/S as a function of stellar mass, P (G/S,M∗). We have determined P (G/S,M∗) empirically
from the full baryonic mass-limited RESOLVE survey, where at each stellar mass, we estimate P (G/S,M∗)
using all galaxies with stellar mass withinM∗±∆M∗. We set ∆M∗ = 0.1 except where fewer than 20 galaxies
fall within that range, in which case we increase it to ∆M∗ = 0.2. Each G/S measurement is replaced by
a value randomly drawn from P (G/S,M∗), and the median G/S as a function of group halo mass and
large-scale structure geometry is recalculated. This test is repeated 10000 times, and the results are shown
in Fig. 4.14 where dashed lines show the expected G/S trends by large-scale structure type due to differences
in their stellar mass distributions alone. Based on the scatter in the median G/S values measured over the
10000 iterations, these uncertainties on these trends are .0.1 dex for centrals and .0.2 dex for satellites.
Among central galaxies, the differences in median G/S between different large-scale structure geometries
at the lowest group halo mass are consistent with simply being caused by the different stellar mass distri-
butions of filament, wall, and void galaxies without the need to invoke additional environmental influences.
At higher group halo masses, stellar mass distributions alone would predict that median gas fractions for
centrals in filaments and walls should be approximately equal, which is in rough agreement with the data,
although there is a hint that filament centrals may have systematically higher gas fractions than wall centrals.
Meanwhile, the different stellar mass distributions for satellite galaxies in filaments and walls only account
for approximately half of the observed G/S difference. We conclude that gas fractions of satellites are indeed
linked to their large-scale structure geometry.
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Figure 4.14: Median G/S versus Mh for galaxies as a function of a large-scale structure for central galaxies
(top) and satellite galaxies (bottom). Medians in the bottom panel consider the integrated G/S of all
satellites for each group in the bin (see §4.3.1). Void galaxies are not shown in the bottom panel because
very few are satellites. Open circles have the same definition as in Fig. 4.13.Void and filament centrals in the
lowest halo mass regime (Mh ∼ 1011M⊙) show systematically higher gas fractions than wall centrals at the
same halo mass. Satellites in walls and filaments show the strongest differences, with satellites in filaments
being ∼10× more gas rich than satellites in walls. The hashed regions show the 68% confidence bounds on
the expected trends based on gas fractions predicted using the stellar mass distributions of void, filament,
and wall galaxies in each halo mass bin. For centrals, the differences in stellar mass distribution appear to
explain the observed offsets in G/S. For satellites, the difference in stellar mass distributions account for
some, but not all, of the offsets in G/S between filament and wall galaxies.
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Figure 4.15: Distribution of stellar masses for centrals within walls, filaments, and voids in different group
halo mass bins (displayed above each panel). Arrows mark the median stellar mass for each type of structure.
Voids are biased towards lower stellar masses than filaments and walls on average.
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Figure 4.16: Distribution of stellar masses for satellites in walls and filaments in different group halo mass
bins (displayed above each panel). Arrows mark the median stellar mass for the different types of structure
showing that satellites in filaments tend to have lower stellar masses than satellites in walls. Unlike in
previous figures where the stellar masses of all satellites in a group were combined to give a single value, the
stellar mass of each individual satellite is represented here. There are almost no void groups with satellites,
so they are not shown.
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Cosmic-Web Density
Dark matter halos at fixed mass can be found in a wide variety of large-scale structure densities (Fig. 4.12),
providing another avenue to explore whether the large-scale environment beyond the halo influences global
gas-fractions. In Fig. 4.17, we plot G/S versus ρLSS for group centrals. When considering all group halo
masses regardless of their large-scale structure geometry, we find a correlation between G/S and ρLSS at high
statistical significance. However, ρLSS correlates with group halo mass, which in turn correlates with G/S.
To remove the influence of group halo mass and isolate the dependence of G/S on only ρLSS, we divide the
data into three group halo mass regimes (Mh < 10
11.4M⊙, Mh = 10
11.4−12M⊙, and Mh > 10
12M⊙) that
are chosen to represent galaxy mass ranges below the gas-richness threshold mass, between the gas-richness
threshold mass and the bimodality mass, and above the bimodality mass. Fig. 4.17 also shows the median
G/S and its uncertainty within each of these halo mass regimes, binned by ρLSS regime. The vertical lines
in Fig. 4.17 denote the separations between the ρLSS bins at the bottom and top 25th percentiles of ρLSS
(1010.2M⊙Mpc
−3 and 1011.2M⊙Mpc
−3). At fixed halo mass, there is no correlation between G/S and
ρLSS , except for a ∼3σ correlation at Mh < 1011.4M⊙ (discussed further below). Walls and filaments alone
show marginal correlations (2.5σ and 2σ, respectively), while voids lack sufficient range in ρLSS to support
any trend.
Inspection of the distribution of points in Fig. 4.17 shows that the correlations between G/S and ρLSS
are largely driven by a growing population of low halo-mass, gas-depleted centrals at high ρLSS. To help
illustrate this point, in Fig. 4.18 we plot the fraction of centrals that are gas-depleted (fd, where we define
gas-depleted as G/S < 0.1) broken up into the same group halo mass and ρLSS regimes as in Fig. 4.17.
When considering all centrals with Mh < 10
11.4M⊙, fd shows a steady rise with increasing ρLSS for galaxies
with Mh < 10
11.4M⊙. Centrals with Mh = 10
11.4−12M⊙ show a similar but less statistically significant rise
in fd that levels off above ρLSS = 10
10.2M⊙Mpc
−3, and fd for systems above Mh = 10
12M⊙ appears to
stay roughly constant at all densities. Separating into walls and filaments, fd in walls begins to increase at
lower ρLSS than in filaments.
To further illuminate what is driving the creation of the gas-depleted centrals at Mh < 10
11.4M⊙, in
Fig. 4.19 we plot the distribution of their distances from the center of the nearest group with Mh > 10
12M⊙
and recession velocity difference of <500 km s−1. The gas-depleted population is preferentially found within
2rvir of the closest such group, where we define rvir as the radius of the group within which the enclosed
density is 200 times the mean mass density of the universe. Roughly 25% of Mh < 10
11.4M⊙ centrals in
filaments lie within 2rvir of the nearest Mh > 10
12M⊙ group, while for walls, ∼40% do. Notably, most of
these low group halo mass centrals are singletons.
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The results of a similar analysis of satellites are less clear as we face much smaller number statistics at
the low halo masses where filament and wall structures seem to have the most effect. For satellites, we find
no correlations between G/S and ρLSS for the full population, or broken up by large-scale structure, and fd
is consistent with staying roughly constant at fixed group halo mass.
In summary, we find that G/S correlates with ρLSS primarily for Mh < 10
11.4M⊙ centrals. The fraction
of gas-depleted galaxies increases with increasing ρLSS , and the gas-depleted galaxies cluster around Mh >
1012M⊙ groups, suggesting the gas-depletion is somehow linked to these more massive groups.
4.3.2 The Dependence of Profile Asymmetries on Environment
We next examine another property of gas in galaxies that can reflect the influence of environment: the
degree of disturbance of the gaseous disk as traced by H I profile asymmetries. As discussed in §4.1, lopsided
gas distributions are thought to be very common in galaxies, and can have a variety of drivers (internal
instabilities, tidal interactions, cosmological accretion). We analyze the environmental dependence of H I
profile asymmetries to shed light on which of these possible mechanisms, if any, is the primary driver.
We again start with the complete baryonic mass-limited RESOLVE sample, this time adding the condi-
tions that galaxies must have G/S > 0.1 and must not be confused. The minimum G/S restriction makes it
more likely that we are focusing on asymmetries where the gas is tracing the full potential well. Gas-poor
systems are more likely to have gas primarily concentrated in the nucleus and may not equivalently reflect
external perturbations. We also divide our data into “isolated” and “non-isolated” subsamples, with the
latter allowing us to explore the rate of asymmetries in environments that are minimally affected by ongoing
interactions, helping to clarify whether alternate mechanisms can drive gas disturbance. Our isolated galaxy
subsample is defined as all galaxies with no known neighbors within a projected radius of 500 kpc and a
heliocentric velocity difference of 500 km s−1. These cuts are designed to be larger than the virial radii and
escape velocities (at the virial radii) of the vast majority of groups in RESOLVE withMh . 10
12.5M⊙. Typ-
ical random motions of galaxies with respect to local large-scale structure are estimated to be on the order of
∼300 km s−1 (Strauss & Willick 1995; Masters et al. 2006; Hong et al. 2014), so the velocity cut also helps to
minimize the likelihood of “flyby” interactions in the isolated subsample (Sinha & Holley-Bockelmann 2012),
e.g., two galaxies moving at relative velocities of ∼500 km s−1 through space have not interacted within the
last Gyr if separated by at least 500 kpc.
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Figure 4.17: G/S versus ρLSS in fixed group halo mass bins for all centrals as well as those broken up
by filaments, walls, and voids. Vertical dotted lines delineate the 25th and 75th percentiles of the ρLSS
distribution. Small open circles represent individual galaxies, and error bars show the 1σ confidence intervals
of all points within each of the ρLSS regimes. A median is only shown if there are more than 5 points available.
G/S shows a strong correlation with ρLSS, but this is largely driven by the correlation between ρLSS and
Mh. In fixed group halo mass regimes, the G/S vs. ρLSS correlation only exists at Mh < 10
11.4M⊙.
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Figure 4.18: Fraction of gas-depleted centrals, fd, as a function of ρLSS (where gas-depleted is defined as
G/S < 0.1). Colors represent the same group halo mass ranges as in Fig. 4.17. In each group halo mass
regime, fd is measured over identical ranges of ρLSS, but the plotted points are slightly offset for clarity. We
only plot cases where there are at least 5 points within the Mh/ρLSS bin. fd shows a general increase as a
function of ρLSS for Mh < 10
11.4M⊙. The increase in fd for Mh < 10
11.4M⊙ halos begins at lower ρLSS in
walls than in filaments.
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Figure 4.19: Normalized probability distribution of the distances ofMh < 10
11.4M⊙ centrals from the nearest
group with Mh > 10
12M⊙ and recession velocity difference < 500 km s
−1. Distances are given as a multiple
of rvir of the nearest group. Uncertainties come from Poisson statistics. The gas-depleted population shows
a preference to be found within 2rvir of the nearest Mh > 10
12M⊙ group.
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Group Halo Mass
Profile asymmetries as a function of group halo mass are shown in Fig. 4.20. We examine the distributions
for the full sample and for centrals only. In both cases, but particularly when considering central galaxies
only, there is an apparent increase in the scatter in asymmetry belowMh ∼ 1011.4M⊙. If real, this increased
scatter might point to gas accretion as a major driver of profile asymmetries since cold-mode accretion is
expected to dominate the accretion rate below Mh ∼ 1011.4M⊙ (Keresˇ et al. 2009). However, the typical
uncertainties in AHI also tend to increase as halo mass decreases, as is shown by the two error bars in
each panel of Fig. 4.20 that represent typical uncertainties of galaxies above and belowMh = 10
11.4M⊙. To
determine whether the uncertainties alone are driving the apparent increase in scatter belowMh = 10
11.4M⊙,
we estimate the intrinsic scatter, σAHI,int , following:
σ2AHI,int = σ
2
AHI,obs − σ2AHI,unc (4.12)
where σ2AHI,obs is the observed scatter around AHI = 0 given by
σ2AHI,obs =
1
N
N−1∑
i=0
A2HI,i (4.13)
and σAHI,unc is the scatter caused by the uncertainties in AHI given by
σ2AHI,unc =
1
N
N−1∑
i=0
σ2AHI,i (4.14)
When considering all galaxies, we measure σAHI,int to be 0.04 ± 0.02 and 0.05 ± 0.02 above and below
Mh = 10
11.4M⊙, respectively, where the uncertainties are estimated via bootstrapping. When considering
central galaxies only, we measure σAHI,int to be 0.05± 0.02 and 0.05± 0.01. Therefore, in both cases we find
no relationship between σAHI,int and group halo mass.
Larger-Scale Environment
We next explore whether σAHI,int depends on other aspects of galaxy environments, specifically whether
galaxies are isolated or non-isolated, the geometry of their host large-scale structure, and the density of the
surrounding cosmic web (ρLSS). Generally, we find no dependence of σAHI on these other environmental
properties, with one exception: below Mh = 10
11.4M⊙, isolated centrals show significantly higher intrinsic
scatter (σAHI,int = 0.07± 0.02) compared to non-isolated centrals (σAHI,int = 0.00± 0.02). The same trend
is not seen at higher group halo mass. Further breaking the sample into filaments, walls, and voids, we find
that the higher σAHI,int among isolated systems is driven by galaxies residing in filaments, where isolated
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Figure 4.20: H I profile asymmetries, AHI, versus group halo mass, with the left panel showing all galaxies,
while the right panel shows only central galaxies. We restrict this sample to unconfused H I observations
where G/S > 0.1 so that in general the H I adequately traces the potential well of the galaxy. Both panels
show an apparent increase in the number of high H I asymmetries below Mh ∼ 1011.4M⊙. After removing
the contribution of the errors in AHI (typical error bars above and below Mh = 10
11.4M⊙ are shown in the
upper left and right hand corners of each panel), we find that the intrinsic scatter in H I asymmetry, σAHI,int,
shows no dependence on group halo mass.
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and non-isolated centrals below Mh = 10
11.4M⊙ have σAHI,int = 0.11 ± 0.03 and σAHI,int = 0.00 ± 0.03,
respectively. Isolated centrals in walls and voids at Mh < 10
11.4M⊙ both have σAHI,int measurements well
below that observed for filaments and consistent with zero intrinsic scatter.
4.4 Discussion
In §4.3, we presented how global gas-to-stellar mass ratios and H I profile asymmetries relate to envi-
ronment, from the scale of dark matter halos to large-scale structures of the cosmic web. In the following
sections, we interpret the results in terms of what physical processes may be driving the observed environ-
mental trends.
4.4.1 Interpreting the Variations in G/S
In §4.3.2, we showed that central galaxies at fixed stellar mass tend to have higher G/S in higher mass
halos, but that this is at least partially a built-in result. Additionally, satellites in halos down to masses of
1012M⊙ show lower gas fractions than centrals of the same stellar mass in small (N∼2–3) groups. In §4.3.1, we
showed that at fixed group halo mass, the satellite population within filaments tends to be significantly more
gas rich than the satellite population within walls, and that this cannot be attributed to the different stellar
mass distributions in filaments versus walls. In §4.3.1 we found that the fraction of gas-depleted galaxies
grows with increasing ρLSS and is most prominent at Mh < 10
11.4M⊙. Further investigation revealed that
these gas-depleted singleton systems are preferentially found within 2rvir of Mh > 10
12M⊙ halos. Here, we
outline the physical processes within and external to dark matter halos that could be contributing to the
observed gas fractions of galaxies in different environments.
Drivers of G/S Trends Within Halos
In §4.3.1, we showed that below M∗ ∼ 1010M⊙, central galaxies at fixed stellar mass have higher gas
fractions in Mh = 10
11.4−12M⊙ group halos. While this result is at least partially built in because we
estimate group halo mass from r-band luminosity which traces total baryonic mass (Kannappan et al. 2013),
certain physical mechanisms may contribute as well. As previously mentioned, r-band luminosity may
underestimate the true group halo mass if the corresponding central has had its gas stripped, lowering its
cold baryon-to-dark matter ratio and in turn its dark matter mass-to-r-band light ratio. Thus, some gas-poor
centrals may contaminate the highest stellar mass bins of the halo mass range below theirs, accentuating
the apparent G/S enhancement of the higher halo mass centrals. The existence of low mass, gas depleted
galaxies in singleton halos clustering around higher mass halos (§4.3.1) shows that centrals can indeed have
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their gas depleted, and that the depletion is likely driven by an interaction with the environment (e.g.,
“splashback” galaxies, further discussed in §4.4.1). Small groups on the outskirts of larger groups might
experience a similar effect, but G/S trends for higher mass centrals are not well separated in our data.
Conversely, it is also possible that as N=2-3 groups form, the gas fractions of their centrals are truly
enhanced in theMh = 10
11.4−12M⊙ range to some degree, increasing G/S in centrals aboveMh = 10
11.4M⊙.
This gas enhancement could arise from the central galaxy stripping gas from infalling satellites, or from an
increase in the cooling rate of the hot halo gas due to its being “swept up” to higher densities in wakes
formed by the satellites (see §4.1). In reality, there may be more than one reason that centrals at fixed
stellar mass are more gas rich in higher mass halos in this regime of group assembly, but disentangling the
relative impact of the halo mass estimation bias and different physical mechanisms is beyond the scope of
this work.
The observation that satellites in groups with masses down to Mh = 10
12M⊙ show lower gas fractions at
fixed M∗ than centrals in Mh = 10
11.4−12M⊙ halos suggests environmental effects can deplete satellite gas
well below the cluster scale. In particular, our results imply the presence of gas depletion in group masses
one dex lower than the Mh = 10
13M⊙ scale probed by Catinella et al. (2013). Commonly cited physical
processes that deplete cold gas are those that (a) actively remove or consume gas, such as mergers, ram-
pressure stripping (Gunn & Gott 1972), and viscous stripping (Nulsen 1982), or (b) prevent the accretion
of new gas that would otherwise replenish the gas consumed by star formation (starvation/strangulation;
Kawata & Mulchaey 2008). Catinella et al. (2013) argue that a “starvation-only” scenario should cause gas
fractions and specific star formation rates to decline at the same rate, whereas they find that at fixed NUV-r
color, gas fractions in galaxies are systematically lower in more massive halos. Although we do not have a
large enough number of galaxies at high halo mass to compare directly to Catinella et al. (2013), we find a
similar result at lower halo masses, such that at fixed NUV−r color, G/S for galaxies in Mh > 1011.4M⊙
halos is lower than for galaxies in higher mass halos (Fig. 4.21). These findings argue for a process that
acts directly on the gas reservoir. Galaxy mergers are expected to be more important within lower mass
groups, as opposed to larger clusters where the relative velocities of groups are too fast. However, Ellison
et al. (2015) argue that mergers do not significantly deplete gas reservoirs (and perhaps instead lead to
enhancements in gas content). Additionally, ram-pressure stripping, while important in massive clusters, is
likely less influential in lower mass group halos with less prominent hot gas atmospheres (Rasmussen et al.
2008; Kawata & Mulchaey 2008). Rasmussen et al. (2008) and Cluver et al. (2013) suggest a combination of
tidal and viscous as more relevant to directly removing gas from galaxies in groups, although these authors
focus specifically on Hickson Compact Groups.
Alternatively, other studies suggest direct stripping of cold gas is not always the dominant mechanism
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Figure 4.21: Median G/S vs. NUV−r color for galaxies broken up by halo mass (indicated by the legend).
Galaxies in Mh > 10
11.4M⊙ halos show systematically lower G/S compared to galaxies in lower mass halos
at fixed NUV−r color.
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to deplete gas reservoirs. Recently Wheeler et al. (2014) found that less than 30% of M∗ = 10
8.5−9.5M⊙
satellites in Mh = 10
12.5−14M⊙ groups are quenched, despite predictions from simulations that >1/2 of
them should have been accreted into their host halos more than 6 Gyr ago. These results imply extremely
long gas-depletion timescales for these satellites. Both Wetzel et al. (2015) and Fillingham et al. (2015)
compare the gas fractions of Milky Way satellites to the ELVIS suite of simulations to argue that the
quenching timescales of M∗ > 10
9M⊙ satellites in MW-like groups are consistent with being driven solely
by strangulation, while stripping is important below M∗ = 10
8−9M⊙. Given that our satellite population is
dominated by M∗ > 10
9M⊙ galaxies, the observed gas-depletion of satellites at Mh ∼ 1012M⊙ scales may
be mostly driven by starvation. However, we do not rule out the presence of tidal and viscous stripping,
although it is perhaps less pronounced than in the compact systems studied in Rasmussen et al. (2008) and
Cluver et al. (2013).
As previously mentioned, it is also possible that the centrals inMh = 10
11.4−12M⊙ groups have enhanced
gas fractions. This enhancement in centralG/S may cause the satellite galaxies at fixed stellar mass to appear
more gas-depleted in comparison.
Drivers of G/S Trends Within Larger-Scale Environments
Why, at fixed group halo mass, are galaxies in walls often more gas-poor than galaxies in filaments?
In addition to the lower gas fractions, satellites in walls tend to have higher stellar masses than satellites
at equivalent group halo masses residing in filaments (Fig. 4.16). Examining Figs. 4.9, 4.10, and 4.11, we
can see that the halo mass distributions of walls and filaments are similar, but walls tend towards higher
large-scale structure densities while also being some of the biggest structures in our volume (in terms of
physical size and number of members). Given that higher mass systems and/or galaxies in overdense regions
tend to evolve more rapidly (i.e., downsizing; Cowie et al. 1996), this combined evidence suggests that walls
may be in a more advanced stage of evolution compared to filaments.
There are multiple reasons why more evolved large-scale structures might host more gas depleted satellites.
If the satellites fell into their host halos earlier, they must have been experiencing gas-depleting processes
for a longer amount of time, converting their gas reservoirs into stars while being unable to accrete fresh gas
due to group environmental processes (§4.4.1). Additionally, present-day satellites may have experienced
higher rates of interactions in dense structures like walls, as opposed to filaments, prior to settling into their
current dark matter halos. Cen (2011) also shows that the IGM in large-scale structures that formed earlier
is heated more rapidly, increasing the cooling time and potentially slowing the rate of gas accretion onto
halos within these large-scale structures.
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Even for nominal centrals, the existence of gas-depleted low halo-mass galaxies in regions with high large-
scale cosmic web density shows that galaxies do not need to reside within massive halos to have depleted
gas fractions. As described in §4.3.1, the population of low halo-mass, gas-depleted systems is preferentially
found within 2rvir of Mh > 10
12M⊙ groups, suggesting that something about groups, or the environment
near groups, is driving the gas depletion.
Our results are very similar to those of Wetzel et al. (2014) who show that the quiescent fraction of
galaxies is enhanced within 2.5rvir of Mh = 10
12−15M⊙ groups and clusters (see also results by Hansen
et al. 2009, Lu et al. 2012, Rasmussen et al. 2012, Wetzel et al. 2012). Wetzel et al. (2014) argue that the
enhanced quiescent population is caused by flyby interactions (also referred to as ejected satellites and/or
splashback galaxies) where small groups fall into larger ones, are stripped of their gas, and then exit these
larger groups, at least temporarily. Simulations by Sinha & Holley-Bockelmann (2012) show that such
flyby interactions are generally very common throughout the galaxy population. In our sample, ∼25% of
filament galaxies at Mh < 10
11.4M⊙ fall within 2rvir of their nearest group, while ∼40% of wall galaxies
below Mh < 10
11.4M⊙ fall within 2rvir of their nearest group. Thus, we expect a larger fraction of flyby
interactions in walls, consistent with the earlier statement that walls are likely in a more evolved state than
filaments. The higher flyby interaction rate in walls may cause satellites to be more gas-depleted when they
finally settle into a halo, contributing to the lower median gas fractions in wall vs. filament satellites.
Alternatively, the environment outside groups and clusters may contribute the gas depletion of low mass
galaxies. Simulations by Bahe´ et al. (2013) show that galaxies accreting into clusters along filaments have
significantly reduced hot gas fractions compared to galaxies accreting into clusters from voids, particularly
at low masses (M∗ < 10
10M⊙). Their explanation is that this hot gas is removed through ram-pressure
stripping by the IGM within filaments, which removes material that could otherwise replenish the cold-gas
reservoirs of these low mass systems. When combined with the additional consumption of cold gas reservoirs
through star formation enhancements caused by galaxy harassment near the edges of groups and clusters
(Porter et al. 2008), low mass galaxies should be more gas-depleted around larger groups. Bahe´ et al. (2013)
focus primarily on the role of ram-pressure stripping in regions directly around clusters, but they still see
signatures of ram pressure stripping at large distances from cluster centers, and suggesting it may be a
general process that occurs in all regions of filaments and walls.
Does Environment Affect Gas Fraction, Star Formation History, and Structure Simultane-
ously?
Aside from environment, gas fractions correlate with internal properties of galaxies like star forma-
tion history and indicators of galaxy structure such as stellar mass surface density (µ∗) or concentration
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(Bothun 1984; Roberts & Haynes 1994; Kannappan 2004; Zhang et al. 2009; Kannappan et al. 2013; Catinella
et al. 2013). The results presented in §4.3.1 show that changes in environment correspond to changes in
gas fractions, which raises the question of whether environment also influences star formation history and
galaxy structure in such as way as to preserve their correlation with G/S, or solely influences G/S with
the related properties evolving separately. To try and address this question, we have looked for offsets
of the G/S-FSMGR-µ∗ plane perpendicular to the plane plotted for different group halo mass regimes
(FSMGR=fractional stellar mass growth rate; see Kannappan et al. 2013), which would indicate that these
variables do not evolve together within the plane as a function of environment. Unfortunately, we conclude
that a much larger sample of highly complete gas data would be needed to examine the relationship between
all three variables while also breaking the sample up by environment. Although a complete analysis of the
interplay between gas fraction, star formation history, galaxy structure, and environment is important, we
defer it to future, larger surveys.
4.4.2 The Origin of H I Profile Asymmetries
In §4.3.2, we explored the distribution of H I profile asymmetries and how it depends on environment. We
showed that the intrinsic scatter in H I profile asymmetries, σAHI,int , has no clear dependence on group halo
mass. Further analysis also showed that σAHI,int has little dependence on large-scale structure geometry and
density, or on whether galaxies are isolated or non-isolated (with the caveat that we are unable to assess the
asymmetry in very close pairs due to source confusion). The only exception is that isolated,Mh = 10
11.4M⊙
centrals residing within filaments show significantly larger σAHI,int than non-isolated galaxies in the same
large-scale environments.
While conducting our analysis, we discovered that our ability to interpret our results is limited by two key
observational biases that can lead to over- or under-estimation of H I profile asymmetries: (1)We find evidence
that a portion of our H I profiles initially thought to be free of confusion may actually be contaminated by low
mass companions below the magnitude limit of available redshift surveys. This effect may be responsible for
many of the strongest measured asymmetries (see §4.4.2 for further discussion). (2) When measuring an H I
profile asymmetry, we define the systemic velocity using the H I profile itself, which may serve to minimize the
resulting asymmetry. Using independent estimates of the systemic velocity can change individual asymmetry
measurements, likely leading to stronger asymmetries in many cases, particularly in low mass galaxies (or
those with lowW50; see §4.2.3). The most reliable systemic velocities come from resolved rotation curves, but
unfortunately we do not have a complete inventory of rotation curves at this point. Additionally, projection
effects from single-dish observations can lead to further underestimation of the true number of asymmetric
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H I profiles (Richter & Sancisi 1994; Bournaud et al. 2005; Scott et al. 2014).
In the following sections, we discuss our results in the context of different possible physical drivers of H I
profile asymmetries, while also analyzing how our interpretations could be impacted by the biases described
above. The observational biases restrict our ability to make robust claims about the origin of H I profile
asymmetries at this time.
Cosmological Accretion
If H I profile asymmetries are driven by cold mode accretion, we expect an increase in σAHI,int below
Mh ∼ 1011.4M⊙. This expectation is motivated by several theoretical studies. Multiple numerical simulations
suggest that present-day galaxies in dark matter halos below Mh ∼ 1011.4M⊙ primarily acquire fresh gas
via cold accretion. (Keresˇ et al. 2005; Dekel & Birnboim 2006; Keresˇ et al. 2009). Bournaud et al. (2005)
model off-axis, filamentary gas accretion and find that it can drive strong, long-lived asymmetries in galaxy
disks. Klessen & Hennebelle (2010) argue that filamentary gas accretion with infall velocities of order the
virial velocity of the halo (as suggested by numerical simulations; Dekel et al. 2009; Goerdt & Ceverino
2015) provides the energy needed to sustain turbulence in gaseous disks, and could drive strong kinematic
irregularities. Contrary to this argument, Hopkins et al. (2013) use numerical simulations with and without
the presence of filamentary inflows to argue that these inflows cannot be the primary driver of turbulence.
However, Hopkins et al. (2013) show that filamentary accretion can still lead to asymmetries in cold gas
distributions, at least until galaxies re-orient themselves with respect to their accretion flows, supporting the
idea that H I profile asymmetries could be a signature of cold accretion.
Despite the theoretical expectations, we find no link between H I profile asymmetry and group halo mass,
except for low halo-mass isolated galaxies in filaments (but we later argue that the large scatter in this
population is likely driven by confusion). The lack of a relationship between H I profile asymmetry and
group halo mass does not rule out the presence of rapid gas accretion in low halo masses, but our data do
not clearly fit a scenario where this gas accretes directly onto galaxies asymmetrically in the form of cool
streams. Our findings may support newer models of gas accretion in which cool streams disrupt prior to
reaching the central galaxy, even for halos with Mh < 10
11.4M⊙, after which the shock-heated gas cools
onto the disk rapidly but in a quasi-spherically symmetric fashion (Nelson et al. 2013). However, since our
H I profile asymmetries may be underestimated, and since this bias preferentially affects low mass galaxies
(see §4.2.3), we cannot rule out the existence of a correlation between H I profile asymmetry and group halo
mass.
At first glance, the large intrinsic scatter in H I profile asymmetries among low halo-mass, isolated filament
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galaxies appears consistent with a cold-mode accretion picture. Cosmological simulations show cold flows
are aligned with the large-scale filaments of the cosmic web (e.g., Keresˇ et al. 2009), in which case we
might expect galaxies in filaments to show the strongest signature of cold accretion. However, we cannot
readily explain why non-isolated filament galaxies in low-mass halos would not show the same large scatter in
asymmetry if accretion were the cause of asymmetry. Also, as explained in §4.4.2, our isolated/non-isolated
distinction may be misleading, and the high H I asymmetries in the “isolated” population may actually be
the result of confusion caused by close companions below the magnitude limit of the survey.
Mergers and Interactions
A scenario in which H I profile asymmetries are primarily driven by major mergers and interactions cannot
immediately explain our results either. The major merger rate is expected to increase with decreasing
galaxy mass (Casteels et al. 2014). In addition, merger visibility timescales are expected to increase at
lower mass, largely driven by their dependence on gas fraction (Lotz et al. 2010), which will on average
increase with decreasing galaxy mass in the absence of strong environmental effects (§4.3.1). If the scatter in
asymmetries were primarily driven by major mergers and interactions, we would expect the dependence of
merger rate/visibility timescale on galaxy mass to have created a dependence between σAHI,int and group halo
mass driven by interacting galaxies. As mentioned in our discussion of cosmological accretion, one possible
reason we find no relationship between profile asymmetry and halo mass is that our profile asymmetries are
systematically underestimated, especially for low mass galaxies. Furthermore, we have purposefully removed
all known close companions from our analysis due to confusion, so we cannot rule out the possibility that
we have simply excluded most galaxies with strong interaction-induced asymmetries.
The strongest asymmetries in our sample are actually seen among galaxies we have classified as isolated,
disfavoring a scenario where asymmetries are primarily driven by major mergers and interactions, unless the
isolated subsample contains a large population of merger remnants and/or close companions just below the
magnitude limit of our spectroscopic survey. As described in §4.4.2, we find evidence that galaxies classified
as “isolated” do indeed have nearby companions below the survey magnitude limit. A significant fraction of
this subsample may therefore suffer from confusion that drives artificially high H I profile asymmetries.
A complementary approach to test whether H I profile asymmetries are driven by mergers and interactions
is to compare H I profile asymmetries to available ionized gas rotation curve asymmetries. Such kinematic
asymmetries can have multiple origins (major or minor mergers, flyby interactions, gas accretion), generally
representing the effects of a lopsided gravitational potential, and in the case of gas accretion they may
represent misaligned orbits of infalling gas and the main galaxy. A direct comparison of H I and rotation curve
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asymmetries is shown in Fig. 4.22. The dashed vertical line indicates a strong rotation curve asymmetry of
0.1, above which we classify galaxies as kinematically disturbed (Kannappan & Barton 2004). The horizontal
dashed line indicates an H I asymmetry of |AHI| > 0.15, which is the minimum profile asymmetry we expect
to be associated with a major merger. The specific value of 0.15 is based on the selection of major mergers
from Conselice (2003), who define them to have optical image asymmetry Ai > 0.35, where Ai can range
from 0–2 and Ai = 0 corresponds to a completely symmetric image. An image asymmetry of Ai = 0.35
corresponds to a case where the total intensity measured from one half of the galaxy is 70% of the total
intensity measured from the other half of the galaxy. Assuming that H I profile asymmetries correspond
to image asymmetries on average, under our definition of asymmetry (Eq. 4.7) Ai > 0.35 corresponds to
F1/F2 = 0.7 or F1/F2 = 1/0.7, which yields AHI = ±0.15.
The key result of the comparison in Fig. 4.22 is that strong rotation curve asymmetries and strong H I
profile asymmetries are not always concurrent. We do not yet have a complete sample of rotation curve data,
so we cannot say how often these two asymmetry metrics are uncorrelated, but the existing data imply that
strong H I profile asymmetries are not typically driven by strong kinematic disturbances, be they from mergers
or fresh gas accretion. However, we again must consider how observational biases may drive this result. One
concern is that the population of galaxies at Arc < 0.1 and AHI > 0.15 may be driven by confusion from
companions below the survey magnitude limit. On the opposite end of the spectrum, AHI for the population
at Arc > 0.1 may be underestimated. A preliminary analysis using H I profile asymmetries measured with
systemic velocities from optical rotation curves shows optical-redshift based H I profile asymmetries larger
than 0.15 for several of the galaxies at Arc > 0.1, suggesting that H I profile and kinematic asymmetries may
really have a better correlation.
As a final test of whether H I profile asymmetries are driven by major mergers and interactions, we
quantify the fraction of high-asymmetry galaxies expected based on the major merger rate and compare
it to the fraction measured in our data. For this test, we again assume all major mergers are character-
ized by |AHI| > 0.15. We estimate the fraction of major mergers in our data set by assuming H I profile
asymmetries follow a Gaussian distribution centered on AHI with the intrinsic scatter σAHI,int measured in
§4.3.2. The previously measured value of σAHI,int and its uncertainty implies that 0.0004–1.4% of galaxies
have |AHI| > 0.15. Alternatively, if we divide the sample by halo mass, 0.0–0.6% and 0.017–3.7% of galaxies
below and above Mh = 10
11.4M⊙ have |AHI| > 0.15.
To determine the expected fraction of high asymmetry galaxies if all are caused by major mergers, we
combine the major merger rate as a function of stellar mass from Casteels et al. (2014) with estimates of
merger visibility timescales as a function of gas fraction from Lotz et al. (2010). To assign merger visibility
timescales to each stellar mass bin, we use the median gas fraction of all RESOLVE galaxies in that bin.
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After we estimate the number of mergers at each stellar mass, we assign random galaxies as mergers in a
fake data set identical to RESOLVE. To mimic our real selection that avoids confused observations and H I
upper limits, the subsample used to estimate the fraction of mergers in our model is selected in the exact
same way as the real subsample in §4.2.3. This process is repeated 10000 times and we take the median of
all results.
When considering all galaxies regardless of halo mass, our model suggests that 2.4% of galaxies should
be major mergers with |AHI| > 0.15, which is larger than what we estimate from our data. We note that
the merger visibility timescales from Lotz et al. (2010) are designed for B-band imaging, not H I. There are
no existing calibrations of merger visibility timescales for H I profiles, but Holwerda et al. (2011) show that
mergers can induce asymmetries in 2-D H I distributions that persist for several Gyr, although they did not
calibrate these timescales with respect to stellar mass and/or gas fraction. We suspect that the Lotz et al.
(2010) timescales underestimate merger visibility timescales in H I. However, increasing the merger visibility
timescales only serves to strengthen the disagreement between the data and our model.
When considering galaxies above and below Mh = 10
11.4M⊙ separately, our model suggests 3.1% and
1.2% of galaxies should be major mergers. For galaxies belowMh = 10
11.4M⊙, this prediction is inconsistent
with the data. However, above Mh = 10
11.4M⊙, the model and the data agree. As previously mentioned,
the Lotz et al. (2010) merger timescales likely underestimate the true timescales when observing H I. We
rerun our model after assigning merger timescales of 2 Gyr for all galaxies (based on Holwerda et al. 2011)
resulting in a prediction that 3.9% of galaxies with Mh > 10
11.4M⊙ should have AHI > 0.15, which slightly
disagrees with our data. As an alternative, we multiply the Lotz et al. (2010) merger rates by a factor
of 2, resulting in a prediction that 2.7% of galaxies with Mh > 10
11.4M⊙ should have AHI > 0.15, which
agrees with the data. Based on these tests, it appears plausible that high asymmetries in galaxies with
Mh > 10
11.4M⊙ can be explained by major mergers, with the caveat that we lack a detailed understanding
of merger visibility timescales for H I profiles as a function of stellar mass and gas fraction .
This result raises the question of why major mergers can explain the rate of high asymmetries at
Mh > 10
11.4M⊙ but not at lower halo masses. A likely explanation is that our H I profile asymmetries
are being underestimated, and that this bias impacts lower mass galaxies more than high mass galaxies (see
discussion in §4.2.3). Additionally, any confusion caused by low mass satellites below the survey limit could
generally impact the asymmetry measurements, typically compromising the asymmetries measured at low
halo mass more than those measured at high halo mass.
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Figure 4.22: Absolute H I profile asymmetries, |AHI|, versus currently available rotation curve asymmetries,
Arc, from RESOLVE optical spectroscopic observations. The dashed vertical line indicates Arc > 0.1, above
which we classify galaxies as kinematically disturbed (Kannappan et al. 2002). The horizontal dashed line
indicates |AHI| > 0.15 used to define strong H I asymmetries. High |AHI| is not always coupled with high
Arc, suggesting that H I asymmetries are not always indicative of strong kinematic disturbances in galaxies.
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An Impact From Small Companions
In our earlier discussion, we suggested multiple times that high H I profile asymmetries, particularly
among the isolated, low halo-mass filament population, may be driven by confusion from small companions
below the magnitude limit of our survey. Here we describe the analysis that led to this conclusion.
Redshift surveys have magnitude limits, so our accounting of low-mass satellites in the RESOLVE volume
is not very deep. Small companions could drive strong H I profile asymmetries in two ways: (1) they could
cause perturbations in gravitational potentials through tidal interactions (although Fig. 4.22 implies that
such perturbations will not always coincide with high H I profile asymmetries as we have measured them),
or (2) they could create artificial asymmetries by contaminating our single-dish observations with their own
21cm emission (i.e., confusion). With these possibilities in mind, we revisit the strong difference in σAHI,int
for isolated and non-isolated low halo-mass filament galaxies to explore whether the higher scatter seen in
the isolated subsample is the result of a larger number of small satellites below the magnitude limit of the
SDSS redshift survey, RESOLVE’s parent survey.
We test this scenario by measuring the overdensities of candidate satellite galaxies (∆N ; Eq. 4.8) using
photometric redshifts as described in §4.2.5. The inner circle of Eq. 4.8 goes out to 500 kpc, and the
outer annulus (used to estimate the background) goes from 500-1000 kpc. Our analysis is restricted to
RESOLVE-A where photometric redshifts are currently available. The absolute magnitude limit of the
SDSS redshift survey is Mr = −17.23, which corresponds to mr = 17.77 at the far edge of RESOLVE. Given
that photometric redshifts become unreliable at mr > 19.75, we are able to probe ∆m = 1.98 magnitudes
below the SDSS limit for our most distant galaxy. This depth corresponds to an approximate baryonic mass
that is six times smaller than the baryonic mass limit of our main sample. To ensure we consistently probe
the same mass range for all galaxies, we calculatemr corresponding to the limitMr = −17.23 at the distance
of each galaxy, and restrict our analysis to all sources between mr and mr +∆m.
We take the median of ∆N for isolated and non-isolated galaxies in filaments below Mh = 10
11.4M⊙.
Uncertainties in the median are derived from bootstrap resampling all the ∆N measurements used to cal-
culate the median, which accounts for errors in the number of counted objects (Poisson statistics) as well
as the uncertainty due to the non-uniform large-scale structure background. We find 〈∆N〉 = 1.4+2.4−0.6 and
〈∆N〉 = −0.1+0.7−3.0 for isolated and non-isolated galaxies, respectively, using sample sizes of 53 and 64 galax-
ies. These measurements imply that galaxies classified as “isolated” typically have larger numbers of small
companions below the magnitude limit of the SDSS redshift survey compared to galaxies classified as “non-
isolated”. Therefore, we postulate that the large intrinsic scatter in AHI for low halo-mass, “isolated” filament
galaxies is likely the result of source confusion from small satellites. This result motivates the concern that
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large H I profile asymmetries in general could simply be the result of confusion, even when efforts are taken
to identify all possible sources of contamination.
4.5 Conclusions
We have presented the first major release of 21cm data for the RESOLVE survey, a volume limited census
of galaxies in the local universe complete into the dwarf mass regime and spanning diverse environments. The
census currently provides detections and strong upper limits for ∼90% of the RESOLVE survey. Additional
observations to complete the census are underway and will be presented in future work.
We combined this census with metrics designed to characterize galaxy environments on many scales,
including nearest neighbor distances, group dark matter halo masses, estimates of the cosmic web density, and
classifications of large-scale structures into voids, walls, and filaments. We used this data set to investigate
how both the local and large-scale environment influence the atomic gas reservoirs of the z = 0 galaxy
population by both looking at variations in global gas-to-stellar mass ratios and asymmetric H I profiles.
Our key results are as follows:
• Satellites with M∗ = 109−10M⊙ show signs of gas depletion in group dark matter halos with masses
as low as Mh = 10
12M⊙. This result shows that processes that can deplete gas in galaxies occur well
below the galaxy cluster scale.
• At fixed stellar mass, centrals in small groups (N=2–3, Mh = 1011.4−12M⊙) have higher gas fractions
than singleton groups (N=1, Mh = 10
11.4M⊙). Although certain physical mechanisms may contribute
to this observation, it is at least partly a built-in result caused by using halo abundance matching with
r-band luminosities. Until the bias from halo abundance matching is quantified, we are unable to say
whether any of the observed gas fraction enhancement in Mh = 10
11.4−12M⊙ group centrals is real.
• At fixed halo mass, satellites within large-scale filaments show significantly higher gas fractions com-
pared to satellites within large-scale walls. These offsets are too large to be explained solely by the
different stellar mass distributions of satellites in filaments and walls. This result is consistent with
a scenario in which walls are in a more advanced state of evolution compared to filaments. We also
find that void and filament centrals at low halo mass (Mh ∼ 1011M⊙) show systematically higher gas
fractions compared to centrals in walls. However, this result can be explained by the different stellar
mass distributions among filaments, walls, and voids.
• The fraction of gas-depleted, low-to-intermediate halo-mass centrals grows with increasing ρLSS, and
this effect is most prominent at Mh < 10
11.4M⊙. We find that the gas-depleted, low-to-intermediate
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halo-mass systems at high ρLSS often reside alone within their halos, but they tend to cluster within
2rvir of the nearest Mh > 10
12M⊙ group. This population of gas-depleted, low halo-mass systems is
consistent with formation via flyby interactions of galaxies with larger groups that strip their gas.
• The distribution of H I profile asymmetries generally shows no dependence on group halo mass, large-
scale density. We find that we are limited in our ability to make any robust claims about the physical
origins of H I profile asymmetries due to two observational issues: (1) a systematic underestimation of
H I profile asymmetry caused by using the systemic velocity of the galaxy measured from the H I profile
itself rather than an independent source, and (2) an overestimation H I profile asymmetry caused by
confusion from low mass companions below the magnitude limit of available redshift surveys (which we
argue specifically drives the higher scatter in the low halo-mass, “isolated” filament galaxies). Given
that these issues limit our ability to interpret H I asymmetries in our own data set, conclusions from
past studies of H I profile asymmetries may also have been compromised by these effects.
The results of this work address several of our key questions about the relationship between gas content
and environment as presented in the introduction to this chapter: (1) The scaling between gas fraction
and halo mass behaves differently for central and satellite galaxies such that we find evidence for gas-
depletion of satellites down to ∼1012M⊙ halos. Also, the influence of the group environment is not limited
to galaxies residing within the group itself, as low mass (often singleton) halo galaxies can have their gas
content depleted by flyby interactions with larger groups without immediately being captured as satellites.
(2) Large-scale structure geometry can have a substantial influence on gas content; satellite galaxies residing
in more evolved large-scale structures show strongly reduced gas fractions at fixed halo mass, which could
be attributed to a higher flyby interaction rate. (3) Although we are not able to directly address whether H I
profile asymmetries are the result of cosmological accretion, tidal interactions, or neither, we highlight the
impact of two observational issues that compromise our study and could potentially compromise the findings
of other studies on H I profile asymmetries as well.
There are also a number of questions that remain unanswered or are raised by this study: Do central
galaxies in N=2–3 groups truly show enhanced gas fractions? If so, is this caused by interactions between
galaxies during the initial group formation? Do galaxy properties that correlate with gas fractions, such as
specific star formation rate and galaxy structure, have an identical dependence on environment? Will H I
profile asymmetries show an environmental dependence once they are defined using an independent estimate
of the kinematic center of each galaxy? Can the impact of confusion caused by companions below our
survey magnitude limit be corrected for, at least in a statistical sense? Do resolved 2-D H I distributions and
kinematics of galaxies show the same results as single-dish H I profiles?
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Several of these open questions will be subject of future work with the RESOLVE survey, while others
will likely require future larger surveys to investigate. Regardless, the results of this study bring us closer to
developing a clear understanding of the interplay between galaxies and their environments, which is a major
component of creating a complete picture of galaxy evolution in a cosmological context.
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CHAPTER 5: Conclusions, Open Questions, and Future Work
This thesis helps to illuminate how galaxy environments influence galaxy fueling, both through the
conversion of gas into stars and the external replenishment or depletion of gas reservoirs. Our results
provide insight into several of the open questions presented in §1.4:
• What role do interactions play in driving the conversion of gas reservoirs into a dense gas phase capable
of forming stars? The results of chapter 2 argue that interactions likely play a key role in intermittently
driving the conversion of H I into H2 to promote additional star formation. Additionally, in chapter 3
we left open the possibility that the Smith Cloud harbors young stars, implying that tidal interactions
may be capable of driving star formation in low density gas prior to its accretion onto the Milky Way.
That being said, if the Smith Cloud is an object like Leo P, which is relatively isolated, then its star
formation may not rely on tidal interactions.
• What is the relationship between gas and halo mass? Does cold accretion exist in low mass halos, and
to what extent do low mass groups experience mechanisms that deplete gas content? The results of
chapter 4 show that the halo environment can affect centrals and satellites separately, and particularly
that satellites show signs of gas depletion down to halo mass scales of ∼ 1012M⊙. We also find that the
influence of the group environment is not seen only among satellites; low-mass, gas depleted galaxies in
singleton halos may be the result of flyby interactions with larger groups that strip their gas without
immediately capturing them as satellites. The result that low-mass blue sequence E/S0 galaxies show
signs of increasing gas fractions following a merger (chapter 2) supports a mass-dependent fresh gas
accretion picture.
• Is gas influenced by the environment beyond dark matter halos, such as the large-scale structure in
which halos reside? The results of chapter 4 indeed suggest that large-scale structure helps to govern
the present-day gas fractions of galaxies as illustrated by the significantly lower gas fractions among
satellites in large-scale walls compared to large-scale filaments at fixed halo mass. We suggest that
more evolved structures (i.e., walls) may drive lower gas fractions, which is likely driven by a higher
frequency of flyby interactions, although other mechanisms may contribute as well.
This work has helped to illuminate the relationship between gas content and environment, but there are
still unanswered questions, as well as some new ones raised by this work, including:
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• What is the large-scale environmental dependence of the fueling diagram? Exploring the distribution
of galaxies in the fueling diagram in a variety of environments may yield important insight into where
galaxy interactions and fresh gas accretion have the biggest influence on gas content and future evolu-
tion. For example, environments conducive to rapid cosmological accretion might show a larger number
of galaxies on the right/bottom branches. Overdense regions of large-scale structure (e.g., walls) might
show a larger fraction of galaxies higher on the left branch, consistent with a larger interaction rate
and more rapid evolution in that region of the universe. RESOLVE provides an excellent sample to
explore this question, but will require a complete inventory of molecular gas data.
• Can we definitively prove or disprove the existence of young stars in the Smith Cloud? Spectroscopic
follow-up of candidate OB stars to constrain their distances should allow us to answer this question, and
if young stars are confirmed in the Smith Cloud, we can then further explore the role of its interaction
with the Milky Way in driving star formation. Such a confirmation would also motivate searches for
star formation in other low density clouds around the Milky Way.
• Do interactions lead to enhanced gas fractions by driving more rapid cooling of halo gas? If so, does
this effect have a halo mass dependence? The results in chapter 4 showing higher gas fractions among
centrals in the first “true” groups hints at this possibility, but the built-in trend from halo abundance
matching (HAM) prevents us from drawing any confident conclusions. Quantifying the bias introduced
by HAM will allow us to make more definitive claims as to whether this process exists and shows the
expected halo mass dependence.
• Does environment influence star formation history and galaxy structure in such as way as to preserve
their correlations with gas fraction? This question was briefly explored in chapter 4, but we judged that
a larger sample may be required to address it. Exploring whether the correlation between these three
fundamental properties has an environmental dependence is valuable because it will help illustrate
whether they share a common physical driver or evolve separately.
• What mechanisms drive the lower gas fractions among satellites in walls compared to filaments? We
showed that large-scale walls have a higher frequency of flyby interactions, which likely contributes
to their lower gas fractions. There are other potential mechanisms that may also contribute, such as
more rapid group formation in walls and/or higher IGM temperature in walls leading to slower fresh
gas accretion. Comparisons between our data and cosmological simulations may help to illuminate
which, if any, of these processes most drives the observed trends between gas fraction and large-scale
structure.
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• Are H I profile asymmetries driven by cosmological accretion, tidal interactions, or neither? As dis-
cussed in chapter 4, observational biases prevented us from determining the driver of H I profile asym-
metries. In particular, our current method of estimating profile asymmetry using the systemic velocity
measured from the H I profile may underestimate the asymmetry, particularly for low mass galaxies.
Using the systemic velocity from an optical rotation curve provides a more robust estimate of the
kinematic center of a galaxy, and often yields a higher H I profile asymmetry. When a large inventory
of reliable systemic velocities is available via the RESOLVE survey, it will be worthwhile to revisit our
analysis in chapter 4 to determine whether H I profiles show an environmental dependence. However,
possible confusion from low mass satellites will still need to be accounted for.
I plan to address several of these questions in my own future work. Another general goal of mine is
to explore what can be learned from other ISM properties, particularly the dust-to-gas ratio and gas-phase
metallicity, which may serve as useful tracers of cosmological gas accretion. I also hope to use these studies of
global galaxy properties to guide future research projects that examine resolved distributions and kinematics
of gas, dust, metallicity, and star formation in galaxies, which will greatly increase my ability to understand
the physical mechanisms acting on the ISM. In particular, I am interested in understanding the behavior of
accreting gas and how it interfaces with galaxy disks, and I hope to provide additional constraints on whether
the cold-mode accretion phenomenon is real. Resolved observations will allow me to search for signatures of
infalling pristine gas streams like irregular distributions of gas, metallicity, and dust-to-gas ratios, or high
turbulence in gas disks.
In conclusion, this thesis has explored how galaxy fueling processes – both the conversion of gas into stars
and the replenishment/depletion of gas reservoirs – are influenced by environment from small to large scales.
This work has illustrated the interplay between galaxies and their environments, but a number of questions
remain to be answered. Continuing to probe the physics that govern the gas content of galaxies is extremely
important. Creating a clear picture of how diffuse gas goes from the vast spaces between galaxies all the
way into a dense star forming phase within galaxies is crucial to understand the assembly of the present-day
galaxy population.
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